
1 Globular Cluster SystemsWilliam E.HarrisDepartment of Physics & Astronomy, McMaster UniversityHamilton ON L8S 4M1, CanadaAbstract. 1. The basic features of the globular cluster system of the Milky Wayare summarized: the total population, subdivision of the clusters into the classicmetal-poor and metal-rich components, and �rst ideas on formation models. Thedistance to the Galactic center is derived from the spatial distribution of the innerbulge clusters, giving R0 = (8:1� 1:0) kpc.2. The calibration of the fundamental distance scale for globular clusters is re-viewed. Di�erent ways to estimate the zero point and metallicity dependence ofthe RR Lyrae stars include statistical parallax and Baade-Wesselink measurementsof �eld RR Lyraes, astrometric parallaxes, white dwarf cluster sequences, and �eldsubdwarfs and main sequence �tting. The results are compared with other distancemeasurements to the Large Magellanic Cloud and M31.3. Radial velocities of the Milky Way clusters are used to derive the kinematicsof various subsamples of the clusters (the mean rotation speed about the Galacticcenter, and the line-of-sight velocity dispersion). The inner metal-rich clusters be-have kinematically and spatially like a 
attened rotating bulge population, whilethe outer metal-rich clusters resemble a thick-disk population more closely. Themetal-poor clusters have a signi�cant prograde rotation (80 to 100 km s�1) in theinner halo and bulge, declining smoothly to near-zero for R>�R0. No identi�ablesubgroups are found with signi�cant retrograde motion.4. The radial velocities of the globular clusters are used along with the spheri-cally symmetric collisionless Boltzmann equation to derive the mass pro�le of theMilky Way halo. The total mass of the Galaxy is near ' 8�1011M� for r <� 100 kpc.Extensions to still larger radii with the same formalism are extremely uncertain be-cause of the small numbers of outermost satellites, and the possible correlations oftheir motions in orbital families.5. The luminosity functions (GCLF) of the Milky Way and M31 globular clus-ters are de�ned and analyzed. We search for possible trends with cluster metallicityor radius, and investigate di�erent analytic �tting functions such as the Gaussianand power-law forms.6. The global properties of GCSs in other galaxies are reviewed. Measureabledistributions include the total cluster population (quanti�ed as the speci�c fre-quency SN ), the metallicity distribution function (MDF), the luminosity and spacedistributions, and the radial velocity distribution.



2 W. E. Harris7. The GCLF is evaluated as a standard candle for distance determination. Forgiant E galaxies, the GCLF turnover has a mean luminosity of MV = �7:33 on adistance scale where Virgo has a distance modulus of 31.0 and Fornax is at 31.3,with galaxy-to-galaxy scatter �(MV ) = 0:15 mag. Applying this calibration to moreremote galaxies yields a Hubble constant H0 = (74� 9) km s�1 Mpc�1.8. The observational constraints on globular cluster formation models are sum-marized. The appropriate host environments for the formation of � 105 � 106M�clusters are suggested to be kiloparsec-sized gas clouds (Searle/Zinn fragments orsupergiant molecular clouds) of 108�9M�. A model for the growth of protoclusterclouds by collisional agglomeration is presented, and matched with observed massdistribution functions. The issue of globular cluster formation e�ciency in di�erentgalaxies is discussed (the \speci�c frequency problem").9. Other in
uences on galaxy formation are discussed, including mergers, accre-tions, and starbursts. Mergers of disk galaxies almost certainly produce ellipticalgalaxies of low SN , while the high�SN ellipticals are more likely to have beenproduced through in situ formation. Starburst dwarfs and large active galaxies inwhich current globular cluster formation is taking place are compared with the keyelements of the formation model.10. (Appendix) Some basic principles of photometric methods are gathered to-gether and summarized: the fundamental signal-to-noise formula, objective star�nding, aperture photometry, PSF �tting, arti�cial-star testing, detection com-pleteness, and photometric uncertainty. Lastly, we raise the essential issues in pho-tometry of nonstellar objects, including image moment analysis, total magnitudes,and object classi�cation techniques.INTRODUCTIONWhen the storm rages and the state is threatened by shipwreck, we can donothing more noble than to lower the anchor of our peaceful studies into theground of eternity. Johannes KeplerWhy do we do astronomy? It is a di�cult, frustrating, and often perversebusiness, and one which is sometimes costly for society to support. Moreover,if we are genuinely serious about wanting to probe Nature, we might wellemploy ourselves better in other disciplines like physics, chemistry, or biology,where at least we can exert experimental controls over the things we arestudying, and where progress is usually less ambiguous.Kepler seems to have understood why. It is often said that we pursueastronomy because of our inborn curiosity and the need to understand ourplace and origins. True enough, but there is something more. Exploring the



1 Globular Cluster Systems 3universe is a unique adventure of profound beauty and exhilaration, liftingus far beyond our normal self-centered concerns to a degree that no other�eld can do quite as powerfully. Every human generation has found that theworld beyond the Earth is a vast and astonishing place.In these chapters, we will be taking an all-too-brief tour through justone small area of modern astronomy { one which has roots extending backmore than a century, but which has re-invented itself again and again withthe advance of both astrophysics and observational technology. It is also onewhich draws intricate and sometimes surprising connections among stellarpopulations, star formation, the earliest history of the galaxies, the distancescale, and cosmology.

Fig. 1.1. Left panel: Palomar 2, a globular cluster about 25 kiloparsecs from theSun in the outer halo of the Milky Way. The picture shown is an I�band imagetaken with the Canada-France-Hawaii Telescope (see Harris et al. 1997c). The �eldsize is 4.6 arcmin (or 33 parsecs) across and the image resolution (\seeing") is 0.5arcsec. Right panel: A globular cluster in the halo of the giant elliptical galaxy NGC5128, 3900 kiloparsecs from the Milky Way. The picture shown is an I�band imagetaken with the Hubble Space Telescope (see G. Harris et al. 1998); the �eld size is0.3 arcmin (or 340 parsecs) across, and the resolution is 0.1 arcsec. This is the mostdistant globular cluster for which a color-magnitude diagram has been obtainedThe sections to follow are organized in the same way as the lectures givenat the 1998 Saas-Fee Advanced Course held in Les Diablerets. Each onerepresents a well de�ned theme which could in principle stand on its own,but all of them link together to build up an overview of what we currentlyknow about globular cluster systems in galaxies. It will (I hope) be true, asin any active �eld, that much of the material will already be superseded bynewer insights by the time it is in print. Wherever possible, I have tried topreserve in the text the conversational style of the lectures, in which lively



4 W. E. Harrisinterchanges among the speakers and audience were possible. The literaturesurvey for this paper carries up to the early part of 1999.A globular cluster system (GCS) is the collection of all globular star clus-ters within one galaxy, viewed as a subpopulation of that galaxy's stars. Theessential questions addressed by each section of this review are, in sequence:� What are the size and structure of the Milky Way globular cluster system,and what are its de�nable subpopulations?� What should we use as the fundamental Population II distance scale?� What are the kinematical characteristics of the Milky Way GCS? Do itssubpopulations show traces of di�erent formation epochs?� How can the velocity distribution of the clusters be used to derive a masspro�le for the Milky Way halo?� What is the luminosity (� mass) distribution function for the Milky WayGCS? Are there detectable trends with subpopulation or galactocentricdistance?� What are the overall characteristics of GCSs in other galaxies { totalnumbers, metallicity distributions, correlations with parent galaxy type?� How can the luminosity distribution function (GCLF) be used as a \stan-dard candle" for estimation of the Hubble constant?� Do we have a basic understanding of how globular clusters formed withinprotogalaxies in the early universe?� How do we see globular cluster populations changing today, due to suchphenomena as mergers, tidal encounters, and starbursts?The study of globular cluster systems is a genuine hybrid subject mixingelements of star clusters, stellar populations, and the structure and historyof all types of galaxies. Over the past two decades, it has grown rapidly alongwith the spectacular advances in imaging technology. The �rst review articlein the subject (Harris & Racine 1979) spent its time almost entirely on theglobular clusters in Local Group galaxies and only brie
y discussed the littlewe knew about a few Virgo ellipticals. Other reviews (Harris 1988a,b, 1991,1993, 1995, 1996b, 1998, 1999) demonstrate the growth of the subject intoone which can put a remarkable variety of constraints on issues in galaxyformation and evolution. Students of this subject will also want to read therecent book Globular Cluster Systems by Ashman & Zepf (1998), which givesanother comprehensive overview in a di�erent style and with di�erent em-phases on certain topics.I have kept abbreviations and acronyms in the text to a minimum. Hereis a list of the ones used frequently:CMD: color-magnitude diagramGCS: globular cluster system; the collection of all globular clusters in a givengalaxyGCLF: globular cluster luminosity function, conventionally de�ned as thenumber of globular clusters per unit magnitude interval �(MV )



1 Globular Cluster Systems 5LDF: luminosity distribution function, conventionally de�ned as the numberof globular clusters per unit luminosity, dN=dL. The LDF and GCLF arerelated through � � L(dN=dL)MDF: metallicity distribution function, usually de�ned as the number ofclusters (or stars) per [Fe/H] intervalMPC: \metal-poor component"; the low-metallicity part of the MDFMRC: \metal-rich component"; the high-metallicity part of the MDFZAMS: zero-age main sequence; the locus of unevolved core hydrogen burningstars in the CMDZAHB: zero-age horizontal branch: the locus of core helium burning stars inthe CMD, at the beginning of equilibrium helium burning1.1 THE MILKY WAY SYSTEM: A GLOBALPERSPECTIVEIt is a capital mistake to theorize before one has data.Sherlock HolmesWe will see in the later sections that our ideas about the general char-acteristics of globular cluster systems are going to be severely limited, andeven rather badly biased, if we stay only within the Milky Way. But the GCSof our own Galaxy is quite correctly the starting point in our journey. It isnot the largest such system; it is not the most metal-poor or metal-rich; it isprobably not the oldest; and it is certainly far from unique. It is simply theone we know best, and it has historically colored all our ideas and mentalimages of what we mean by \globular clusters", and (even more importantly)the way that galaxies probably formed.1.1.1 A First Look at the Spatial DistributionCurrently, we know of 147 objects within the Milky Way that are calledglobular clusters (Harris 1996a). They are found everywhere from deep withinthe Galactic bulge out to twice the distance of the Magellanic Clouds. Fig. 1.2shows the spatial distribution of all known clusters within � 20 kiloparsecs ofthe Galactic center, and (in an expanded scale) the outermost known clusters.To plot up these graphs, I have already assumed a \distance scale"; that is,a speci�c prescription for converting apparent magnitudes of globular clusterstars into true luminosities. As discussed in Section 2, this prescription isMV (HB) = 0:15 [Fe=H] + 0:80where [Fe/H] represents the cluster heavy-element abundance (metallicity)and MV (HB) is the absolute V magnitude of the horizontal branch in thecolor-magnitude diagram (abbreviated CMD; see the Appendix for a sample



6 W. E. Harriscluster in which the principal CMD sequences are de�ned). For metal-poorclusters in which RR Lyrae stars are present, by convention MV (HB) isidentical to the mean luminosity of these RR Lyraes. For metal-richer clustersin which there are only red HB stars and no RR Lyraes,MV (HB) is equal tothe mean luminosity of the RHB. More will be said about the calibration ofthis scale in Section 2; for now, we will simply use it to gain a broad pictureof the entire system.Throughout this section, the numbers (X;Y; Z) denote the usual distancecoordinates of any cluster relative to the Sun: X points from the Sun intoward the Galactic center, Y points in the direction of Galactic rotation,and Z points perpendicular to the Galactic plane northward. The coordinates(X;Y; Z) are de�ned as:X = R cosb cos` ; Y = R cosb sin` ; Z = R sinb ; (1.1)where (`; b) are the Galactic longitude and latitude and R is the distance ofthe cluster from the Sun. In this coordinate system the Sun is at (0; 0; 0) kpcand the Galactic center at (8; 0; 0) kpc (see below).

Fig. 1.2. Left panel: Spatial distribution of the inner globular cluster system of theMilky Way, projected onto the Y Z plane. Here the Sun and Galactic center areat (0; 0) and we are looking in along the X�axis toward the center. Right panel:Spatial distribution in the Y Z plane of the outer clustersIn very rough terms, the GCS displays spherical symmetry { at least, asclosely as any part of the Galaxy does. Just as Harlow Shapley did in theearly part of this century, we still use it today to outline the size and shapeof the Galactic halo (even though the halo �eld stars outnumber those in
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Fig. 1.3. Spatial distribution � (number of clusters per unit volume) as a function ofGalactocentric distance Rgc. The metal-poor subpopulation ([Fe/H] < �1) is shownin solid dots, the metal-richer subpopulation ([Fe/H] > �1) as open symbols. ForRgc >� 4 kpc (solid line), a simple power-law dependence � � R�3:5gc matches thespatial structure well, while for the inner bulge region, � 
attens o� to somethingcloser to an R�2 dependence. Notice that the metal-richer distribution falls o�steeply for Rgc >� 10 kpc. This plot implicitly (and wrongly!) assumes a sphericallysymmetric space distribution, which smooths over any more detailed structure; seethe discussion belowglobular clusters by at least 100 to 1, the clusters are certainly the easiesthalo objects to �nd). But we can see as well from Fig. 1.2 that the wholesystem is a centrally concentrated one, with the spatial density � (numberof clusters per unit volume in space) varying as � � R�3:5gc over most of thehalo (Fig. 1.3). Unfortunately, one immediate problem this leaves us is thatmore than half of our globular clusters can be studied only by peering intoward the Galactic center through the heavy obscuration of dust clouds inthe foreground of the Galactic disk.1 Until recent years our knowledge of1 For this reason, the Y Z plane was used for the previous �gure to display thelarge-scale space distribution. Our line of sight to most of the clusters is roughlyparallel to the X�axis and thus any distance measurement error on our partwill skew the estimated value of X much more than Y or Z. Of all possibleprojections, the Y Z plane is therefore the most nearly \error-free" one.



8 W. E. Harristhese heavily reddened clusters remained surprisingly poor, and even todaythere are still a few clusters with exceptionally high reddenings embeddeddeep in the Galactic bulge about which we know almost nothing (see thelistings in Harris 1996a).However, progress over the years has been steady and substantial: com-pare the two graphs in Fig. 1.4. One (from the data of Shapley 1918) is thevery �rst `outside view' of the Milky Way GCS ever achieved, and the oneused by Shapley to estimate the centroid of the system and thus { againfor the �rst time { to determine the distance from the Sun to the Galac-tic center. The second graph shows us exactly the same plot with the mostmodern measurements. The data have improved dramatically over the inter-vening 80 years in three major ways: (1) The sample size of known clustersis now almost twice as large as Shapley's list. (2) Shapley's data took noaccount of reddening, since the presence and e�ect of interstellar dust wasunknown then; the result was to overestimate the distances for most clustersand thus to elongate their whole distribution along the line of sight (roughly,the X�axis). (3) The fundamental distance scale used by Shapley { essen-tially, the luminosity of the RR Lyraes or the tip of the red-giant branch {was about one magnitude brighter than the value adopted today; again, theresult was to overestimate distances for almost all clusters. Nevertheless, thissimple diagram represented a breakthrough in the study of Galactic struc-ture; armed with it, Shapley boldly argued both that the Sun was far fromthe center of the Milky Way, and that our Galaxy was much larger than hadbeen previously thought.The foreground reddening of any given cluster comes almost totally fromdust clouds in the Galactic disk rather than the bulge or halo, and so redden-ing correlates strongly with Galactic latitude (Fig. 1.5). The basic cosecant-law dependence of EB�V shows how very much more di�cult it is to studyobjects at low latitudes. Even worse, such objects are also often a�icted withsevere contamination by �eld stars and by di�erential (patchy) reddening.The equations for the reddening lines in Fig. 1.5 are:Northern Galactic hemisphere (b > 0): EB�V = 0:060 (cscjbj � 1)Southern Galactic hemisphere (b < 0): EB�V = 0:045 (cscjbj � 1)Individual globular clusters have been known for at least two centuries.Is our census of them complete, or are we still missing some? This questionhas been asked many times, and attempted answers have di�ered quite a bit(e.g. Racine & Harris 1989; Arp 1965; Sharov 1976; Oort 1977; Barbuy et al.1998). They are luminous objects, and easily found anywhere in the Galaxyas long as they are not either (a) extremely obscured by dust, or (b) too smalland distant to have been picked up from existing all-sky surveys. Discoveriesof faint, distant clusters at high latitude continue to happen occasionallyas lucky accidents, but are now rare (just �ve new ones have been addedover the last 20 years: AM-1 [Lauberts 1976; Madore & Arp 1979], Eridanus[Cesarsky et al. 1977], E3 [Lauberts 1976], Pyxis [Irwin et al. 1995], and IC
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Fig. 1.4. Upper panel: The spatial distribution of the Milky Way clusters as mea-sured by Shapley (1918). The Sun is at (0; 0) in this graph, and Shapley's estimatedlocation of the Galactic center is marked at (16; 0). Lower panel: The spatial dis-tribution in the same plane, according to the best data available today. The tightgrouping of clusters near the Galactic center (now at (8; 0)), and the underlyingsymmetry of the system, are now much more obvious1257 [Harris et al. 1997a]). Recognizing the strong latitude e�ect that we seein Fig. 1.5, we might make a sensible estimate of missing heavily reddenedclusters by using Fig. 1.6. The number of known clusters per unit latitudeangle b rises exponentially to lower latitude, quite accurately as n � e�jbj=14�for 2� <� b<� 40�. It is only the �rst bin (jbj < 2�) where incompleteness appearsto be important; � 10 additional clusters would be needed there to bring theknown sample back up to the curve.Combining these arguments, I estimate that the total population of glob-ular clusters in the Milky Way is N = 160� 10, and that the existing sampleis now likely to be more than 90% complete.
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Fig. 1.5. The foreground reddening of globular clusters EB�V plotted againstGalactic latitude b (in degrees). The equations for the cosecant lines are givenin the text1.1.2 The Metallicity DistributionThe huge range in heavy-element abundance or metallicity among globularclusters became evident to spectroscopists half a century ago, when it wasfound that the spectral lines of the stars in most clusters were remarkablyweak, resembling those of �eld subdwarf stars in the Solar neighborhood(e.g., Mayall 1946; Baum 1952; Roman 1952). Morgan (1956) and Baadeat the landmark Vatican conference (1958) suggested that their composi-tions might be connected with Galactocentric location Rgc or Z. These ideasculminated in the classic work of Kinman (1959a,b), who systematically in-vestigated the correlations among composition, location, and kinematics ofsubsamples within the GCS. By the beginning of the 1960's, these pioneeringstudies had been used to develop a prevailing view in which (a) the GCS pos-sessed ametallicity gradient, with the higher-metallicity clusters residing onlyin the inner bulge regions and the average metallicity of the system declin-ing steadily outwards; (b) the metal-poor clusters were a dynamically `hot'system, with large random space motions and little systemic rotation; (c)the metal-richer clusters formed a `cooler' subsystem with signi�cant overallrotation and lower random motion.
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Fig. 1.6. Number of globular clusters as a function of Galactic latitude jbj, plottedin 2� bins; only the clusters within �90� longitude of the Galactic center are in-cluded. An exponential rise toward lower latitude, with an e�folding height of 14�,is shown as the solid lineAll of this evidence was thought to �t rather well into a picture for theformation of the Galaxy that was laid out by Eggen, Lynden-Bell, & Sandage(1962 [ELS]). In their model, the �rst stars to form in the protogalactic cloudwere metal-poor and on chaotic, plunging orbits; as star formation continued,the remaining gas was gradually enriched, and as it collapsed inward and spunup, subsystems could form which were more and more disk-like. The timescalefor all of this to take place could have been no shorter than the freefall time ofthe protogalactic cloud (a few 108 y), but might have been signi�cantly longerdepending on the degree of pressure support during the collapse. If pressuresupport was important, then a clear metallicity gradient should have been leftbehind, with cluster age correlated nicely with its chemical composition. Therough age calibrations of the globular clusters that were possible at the time(e.g., Sandage 1970) could not distinguish clearly between these alternatives,but were consistent with the view that the initial collapse was rapid.This appealing model did not last { at least, not in its original simplicity.With steady improvements in the database, new features of the GCS emerged.One of the most important of these is the bimodality of the cluster metallicitydistribution, shown in Fig. 1.7. Two rather distinct metallicity groups clearly



12 W. E. Harrisexist, and it is immediately clear that the simple monolithic-collapse modelfor the formation of the GCS will not be adequate. To avoid prejudicingour view of these two subgroups as belonging to the Galactic halo, the disk,the bulge, or something else, I will simply refer to them as the metal-poorcomponent (MPC) and the metal-rich component (MRC). In Fig. 1.7, theMPC has a �tted centroid at [Fe/H] = �1:6 and a dispersion � = 0:30 dex,while the MRC has a centroid at [Fe/H] = �0:6 and dispersion � = 0:2.The dividing line between them I will adopt, somewhat arbitrarily, at [Fe/H]= �0:95 (see the next section below).2The distribution of [Fe/H] with location is shown in Fig. 1.8. Clearly, thedominant feature of this diagram is the scatter in metallicity at any radiusRgc. Smooth, pressure-supported collapse models are unlikely to produce aresult like this. But can we see any traces at all of a metallicity gradient inwhich progressive enrichment occurred? For the moment, we will ignore thehalf-dozen remote objects with Rgc > 50 kpc (these \outermost-halo" clustersprobably need to be treated separately, for additional reasons that we will seebelow). For the inner halo, a small net metallicity gradient is rather de�nitelypresent amidst the dominant scatter. Speci�cally, within both the MPC andMRC systems, we �nd �[Fe/H]/ �logRgc = �0:30 for the restricted regionRgc <� 10 kpc; that is, the heavy-element abundance scales as (Z=Z�) � R�0:3.At larger Rgc, no detectable gradient appears.2 Note that the [Fe/H] values used throughout my lectures are ones on the \Zinn-West" (ZW) metallicity scale, the most frequently employed system through the1980's and 1990's. The large catalog of cluster abundances by Zinn &West (1984)and Zinn (1985) was assembled from a variety of abundance indicators includingstellar spectroscopy, color-magnitude diagrams, and integrated colors and spec-tra. These were calibrated through high-dispersion stellar spectroscopy of a smallnumber of clusters obtained in the pre-CCD era, mainly from the photographicspectra of Cohen (see Frogel et al. 1983 for a compilation). Since then, a muchlarger body of spectroscopic data has been built up and averaged into the ZWlist, leading to a somewhat heterogeneous database (for example, see the [Fe/H]sources listed in the Harris 1996a catalog, which are on the ZW scale). More re-cently, comprehensive evidence has been assembled by Carretta & Gratton (1997)that the ZW [Fe/H] scale is nonlinear relative to contemporary high resolutionspectroscopy, even though the older abundance indicators may still provide thecorrect ranking of relative metallicity for clusters. The problem is also discussedat length by Rutledge et al. (1997). Over the range containing most of the MilkyWay clusters ([Fe/H] <� � 0:8) the scale discrepancies are not large (typically�0:2 dex at worst). But at the high�[Fe/H] end the disagreement becomes pro-gressively worse, with the ZW scale overestimating the true [Fe/H] by � 0:5 dexat near-solar true metallicity. At time of writing these chapters, a completelyhomogeneous metallicity list based on the Carretta-Gratton scale has not yetbeen constructed. Lastly, it is worth emphasizing that the quoted metallicitiesfor globular clusters are almost always based on spectral features of the highlyevolved red giant stars. Eventually, we would like to base [Fe/H] on the (muchfainter) unevolved stars.
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Fig. 1.7. Metallicity distribution for 137 Milky Way globular clusters with mea-sured [Fe/H] values. The metallicities are on the Zinn-West (1984) scale, as listedin the current compilation of Harris (1996a). The bimodal nature of the histogramis shown by the two Gaussian curves whose parameters are described in the textThese features { the large scatter and modest inner-halo mean gradient{ have been taken to indicate that the inner halo retains a trace of theclassic monolithic rapid collapse, while the outer halo is dominated by chaoticformation and later accretion. They also helped stimulate a very di�erentparadigm for the early evolution of the Milky Way, laid out in the papersof Searle (1977) and Searle & Zinn (1978 [SZ]). Unlike ELS, they proposedthat the protoGalaxy was in a clumpy, chaotic, and non-equilibrium state inwhich the halo-star (and globular cluster) formation period could have lastedover many Gigayears. An additional key piece of evidence for their view wasto be found in the connections among the horizontal-branch morphologiesof the globular clusters, their locations in the halo, and their metallicities(Fig. 1.9). They noted that for the inner-halo clusters (Rgc <�R0), there wasgenerally a close correlation between HB type and metallicity, as if all theseclusters were the same age and HB morphology was determined only bymetallicity. (More precisely, the same type of correlation would be generatedif there were a one-to-one relation between cluster metallicity and age; i.e. ifmetallicity determined both age and HB type together. However, Lee et al.(1994) argue from isochrone models that the inner-halo correlation is nearlywhat we would expect for a single-age sequence di�ering only in metallicity.)In general, we can state that the morphology of the CMD is determined byseveral \parameters" which label the physical characteristics of the stars in
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Fig. 1.8. [Fe/H] plotted against Galactocentric distance Rgc. Upper panel: Indi-vidual clusters are plotted, with MRC objects as solid symbols and MPC as opensymbols. Lower panel: Mean [Fe/H] values for radial bins. Both MRC and MPCsubsystems exhibit a slight gradient �[Fe/H]/ �logRgc = �0:30 for Rgc <� 10 kpc,as shown by the solid lines. For the more distant parts of the halo, no detectablemean gradient existsthe cluster. The �rst parameter which most strongly controls the distributionof stars in the CMD is commonly regarded to be metallicity, i.e. the overallheavy-element abundance. But quantities such as the HB morphology or thecolor and steepness of the giant branch do not correlate uniquely with only themetallicity, so more parameters must come into play. Which of these is mostimportant is not known. At various times, plausible cases have been madethat the dominant second parameter might be cluster age, helium abundance,CNO-group elements, or other factors such as mass loss or internal stellarrotation.



1 Globular Cluster Systems 15By contrast, for the intermediate- and outer-halo clusters the correlationbetween [Fe/H] and HB type becomes increasingly scattered, indicating thatother parameters are a�ecting HB morphology just as strongly as metallicity.The interpretation o�ered by SZ was that the principal \second parameter"is age, in the sense that the range in ages is much larger for the outer-halo clusters. In addition, the progressive shift toward redder HBs at largerGalactocentric distance (toward the left in Fig. 1.9) would indicate a trendtoward lower mean age in this interpretive picture.From the three main pieces of evidence (a) the large scatter in [Fe/H] atany location in the halo, (b) the small net gradient in mean [Fe/H], and (c)the weaker correlation between HB type and metallicity at increasing Rgc, SZconcluded that the entire halo could not have formed in a pressure-supportedmonolithic collapse. Though the inner halo could have formed with some de-gree of the ELS-style formation, the outer halo was dominated by chaoticformation and even accretion of fragments from outside. They suggested thatthe likely formation sites of globular clusters were within large individual gasclouds (to be thought of as protogalactic `fragments'), within which the com-positions of the clusters were determined by very local enrichment processesrather than global ones spanning the whole protogalactic potential well. Al-though a large age range is not necessary in this scheme (particularly if otherfactors than age turn out to drive HB morphology strongly), a signi�cant agerange would be much easier to understand in the SZ scenario, and it openedup a wide new range of possibilities for the way halos are constructed. Wewill return to further developments of this picture in later sections. For themoment, we will note only that, over the next two decades, much of thework on increasingly accurate age determination and composition analysisfor globular clusters all over the Galactic halo was driven by the desire toexplore this roughed-out model of `piecemeal' galaxy formation.1.1.3 The Metal-Rich Population: Disk or Bulge?Early suggestions of distinct components in the metallicity distribution weremade by, e.g., Marsakov & Suchkov (1976) and Harris & Canterna (1979),but it was the landmark paper of Zinn (1985) which �rmly identi�ed twodistinct subpopulations and showed that these two groups of clusters alsohad distinct kinematics and spatial distributions. In e�ect, it was no longerpossible to talk about the GCS as a single stellar population. Our next task is,again, something of a historically based one: using the most recent data, wewill step through a classic series of questions about the nature of the MRCand MPC.The spatial distributions of the MPC and MRC are shown in Fig. 1.10.Obviously, the MRC clusters form a subsystem with a much smaller scalesize.Since the work of Zinn (1985) and Armandro� (1989), the MRC has con-ventionally been referred to as a \disk cluster" system, with the suggestion
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Fig. 1.9. Metallicity versus horizontal branch type for globular clusters. The HBratio (B-R)/(B+V+R) (Lee et al. 1994) is equal to �1 for clusters with purely redHBs, increasing to +1 for purely blue HBs. A typical measurement uncertainty foreach point is shown at lower left. Data are taken from the catalog of Harris (1996a)that these clusters belonged spatially and kinematically to the thick disk.This question has been re-investigated by Minniti (1995) and Côt�e (1999),who make the case that they are better associated with the Galactic bulge.A key observation is the fact that the relative number of the two types ofclusters, NMRC=NMPC , rises steadily inward to the Galactic center, in muchthe same way as the bulge-to-halo-star ratio changes inward, whereas in atrue \thick-disk" population this ratio should die out to near-zero for Rgc <� 2kpc.The MRC space distribution is also not just a more compact version of theMPC; rather, it appears to be genuinely 
attened toward the plane. A usefuldiagnostic of the subsystem shape is to employ the angles (!; �) de�ning thecluster location on the sky relative to the Galactic center (see Zinn 1985and Fig. 1.11). Consider a vector from the Galactic center to the cluster as
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Fig. 1.10. Spatial distribution projected on the Y Z plane for the metal-rich clusters(left panel) with [Fe/H]> �0:95, and the metal-poor clusters (right panel) with[Fe/H]< �0:95. In the left panel, the most extreme outlying point is Palomar 12, a\transition" object between halo and diskseen projected on the sky: the angular length of the vector is !, while theorientation angle between ! and the Galactic plane is �:cos! = cos b cos ` ; tan � = tan b csc ` : (1.2)In Fig. 1.12, the (!; �) point distributions are shown separately for theMRC and MPC subsystems. Both graphs have more points at smaller !, as isexpected for any population which is concentrated toward the Galactic center.However, any spherically symmetric population will be uniformly distributedin the azimuthal angle �, whereas a 
attened (disk or bulge) population willbe biased toward small values of �. The comparison test must also recognizethe probable incompleteness of each sample at low latitude: for jbj<� 3�, theforeground absorption becomes extremely large, and fewer objects appearbelow that line in either diagram.A marked di�erence between the two samples emerges (Table 1.1) if wesimply compare the mean h�i for clusters within 20� of the center (for whichthe e�ects of reddening should be closely similar on each population). Apopulation of objects which has a spherical spatial distribution and is un-a�ected by latitude incompleteness would have h�i = 45�, whereas sampleincompleteness at low b would bias the mean h�i to higher values. Indeed,the MPC value h�i = 57� is consistent with that hypothesis { that is, thatlow-latitude clusters are missing from the sample because of their extremelyhigh reddenings. However, the MRC value h�i = 40� { which must be af-fected by the same low-latitude incompleteness { can then result only if it
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Fig. 1.11. De�nition of the angles !; � given in the text: the page represents theplane of the sky, centered on the Galactic center. The Galactic longitude and lati-tude axes (`; b) are drawn in. The distance from the Galactic center to the clusterC subtends angle !, while � is its orientation angle to the Galactic planebelongs to an intrinsically 
attened distribution. A Kolmogorov-Smirnov teston the ��distribution con�rms that these samples are di�erent at the � 93%con�dence level, in the sense that the MRC is more 
attened.Another way to de�ne the same result is to compare the linear coordinatesZ, Y , and pX2 + Y 2 (Table 1.1). The relevant ratios Z=Y and Z=pX2 + Y 2are half as large for the MRC as for the MPC, again indicating a greater
attening to the plane.Table 1.1. Spatial 
attening parameters for bulge clustersh�i (deg) hjZji=hjY ji hjZji=hpX2 + Y 2iMRC (! < 20o) 40:0 � 4:8 0:81 � 0:20 0:37 � 0:08MPC (! < 20o) 56:8 � 4:5 1:63 � 0:39 0:68 � 0:13



1 Globular Cluster Systems 19Our tentative conclusion from these arguments is that the inner MRC {the clusters within ! � 20� or 3 kpc of the Galactic center { outline somethingbest resembling a 
attened bulge population. Kinematical evidence will beadded in Section 4.

Fig. 1.12. Spatial distribution diagnostics for the MRC (left panel) and MPC (rightpanel) clusters. Here ! is the angle between the Galactic center and the cluster asseen on the sky, and � is the angle between the Galactic plane and the line joiningthe Galactic center and the cluster. A line of constant Galactic latitude (b = 3:5degrees) is shown as the curved line in each �gure. Below this line, the foregroundreddening becomes large and incompleteness in both samples is expected1.1.4 The Distance to the Galactic CenterAs noted above, Shapley (1918) laid out the de�nitive demonstration that theSun is far from the center of the Milky Way. His �rst estimate of the distanceto the Galactic center was R0 = 16 kpc, only a factor of two di�erent fromtoday's best estimates (compare the history of the Hubble constant over thesame interval!). In the absence of sample selection e�ects and measurementbiases, Shapley's hypothesis can be written simply as R0 = hXi where themean X�coordinate is taken over the entire globular cluster population (in-deed, the same relation can be stated for any population of objects centeredat the same place, such as RR Lyraes, Miras, or other standard candles).But of course the sample mean hXi is biased especially by incompletenessand nonuniformity at low latitude, as well as distortions in converting dis-tance modulus (m�M)V to linear distance X : systematic errors will resultif the reddening is estimated incorrectly or if the distance-scale calibration



20 W. E. Harrisfor MV (HB) is wrong. Even the random errors of measurement in distancemodulus convert to asymmetric error bars in X and thus a systematic biasin hXi. One could minimize these errors by simply ignoring the \di�cult"clusters at low latitude and using only low-reddening clusters at high lati-tude. However, there are not that many high-halo clusters (N � 50), andthey are widely spread through the halo, leaving an uncomfortably large andirreducible uncertainty of � �1:5 kpc in the centroid position hXi (see, e.g.,Harris 1976 for a thorough discussion).A better method, outlined by Racine & Harris (1989), is to use the in-ner clusters and to turn their large and di�erent reddenings into a partialadvantage. The basic idea is that, to �rst order, the great majority of theclusters we see near the direction of the Galactic center are at the same truedistance R0 { that is, they are in the Galactic bulge, give or take a kiloparsecor so { despite the fact that they may have wildly di�erent apparent distancemoduli.3 This conclusion is guaranteed by the strong central concentrationof the GCS (Fig. 1.2) and can be quickly veri�ed by simulations (see Racine& Harris). For the inner clusters, we can then write d ' R0 for essentially allof them, and thus(m�M)V � (m�M)0 +AV ' const+R � EB�V (1.3)where R ' 3:1 is the adopted ratio of total to selective absorption. Nowsince the horizontal-branch magnitude VHB is a good indicator of the clusterapparent distance modulus, varying only weakly with metallicity, a simplegraph of VHB against reddening for the inner globular clusters should reveala straight-line relation with a (known) slope equal to R:VHB ' MV (HB) + 5 log(R0=10pc) + R � EB�V (1.4)The observed correlation is shown in Fig. 1.13. Here, the \component"of VHB projected onto the X�axis, namely VHB + 5 log (cos !), is plottedagainst reddening. As we expected, it resembles a distribution of objectswhich are all at the same true distance d (with some scatter, of course)but with di�erent amounts of foreground reddening. There are only 4 or5 obvious outliers which are clearly well in front of or behind the Galacticbulge. The quantity we are interested in is the intercept of the relation, i.e. thevalue at zero reddening. This intercept represents the distance modulus of anunreddened cluster which is directly at the Galactic center.3 It is important to realize that the clusters nearest the Galactic center, becauseof their low Galactic latitude, are reddened both by local dust clouds in theGalactic disk near the Sun and by dust in the Galactic bulge itself. In most casesthe contribution from the nearby dust clouds is the dominant one. Thus, the truedistances of the clusters are almost uncorrelated with foreground reddening (seealso Barbuy et al. 1998 for an explicit demonstration). Clusters on the far sideof the Galactic center are readily visible in the normal optical bandpasses unlesstheir latitudes are <� 1� or 2�.
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Fig. 1.13. Apparent magnitude of the horizontal branch plotted against reddening,for all globular clusters within ! = 15� of the Galactic center. MRC and MPCclusters are in solid and open symbolsWe can re�ne things a bit more by taking out the known second-orderdependence of AV on EB�V , as well as the dependence of VHB on metallicity.Following Racine & Harris, we de�ne a linearized HB level asV CHB = VHB + 5 log(cos !)� 0:05E2B�V � 0:15 ([Fe=H] + 2:0) (1.5)The correlation of V CHB with EB�V is shown in Fig. 1.14. Ignoring the 5 mostdeviant points at low reddening, we derive a best-�t lineV CHB = (15:103� 0:123) + (2:946� 0:127)EB�V (1.6)with a remaining r.m.s. scatter of �0:40 in distance modulus about the meanline. The slope of the line �V=�EB�V � 3 is just what it should be if it is de-termined principally by reddening di�erences that are uncorrelated with truedistance. The intercept is converted into the distance modulus of the Galac-tic center by subtracting our distance scale calibration MV (HB) = 0:50 at[Fe/H]= �2:0. We must also remove a small geometric bias of 0:05 � 0:03(Racine & Harris) to take account of the fact that our line-of-sight conede�ned by ! < 15� has larger volume (and thus proportionally more clus-ters) beyond the Galactic center than in front of it. The error budget willalso include �(m � M) � �0:1 (internal) due to uncertainty in the red-dening law, and (pessimistically, perhaps) a �0:2�mag external uncertainty
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Fig. 1.14. Apparent magnitude of the horizontal branch plotted against reddening,after projection onto the X�axis and correction for second-order reddening andmetallicity terms. The equation for the best-�t line shown is given in the text; ithas a slope R � 3 determined by foreground reddening. The intercept marks thedistance modulus to the Galactic centerin the distance scale zeropoint. In total, our derived distance modulus is(m�M)0(GC) = 14:55� 0:16(int) � 0:2(ext), orR0 = 8:14 kpc � 0:61 kpc(int) � 0:77 kpc(ext) (1.7)It is interesting that the dominant source of uncertainty is in the luminosityof our fundamental standard candle, the RR Lyrae stars. By comparison,the intrinsic cluster-to-cluster scatter of distances in the bulge creates only a�0:35�kpc uncertainty in R0.This completes our review of the spatial distribution of the GCS, andthe de�nition of its two major subpopulations. However, before we go on todiscuss the kinematics and dynamics of the system, we need to take a morecareful look at justifying our fundamental distance scale. That will be thetask for the next Section.



1 Globular Cluster Systems 231.2 THE DISTANCE SCALEThe researches of many commentators have already thrown much darknesson this subject, and it is probable that, if they continue, we shall soon knownothing at all about it. Mark TwainAbout 40 years ago, there was a highly popular quiz show on Americantelevision called \I've Got a Secret". On each show, three contestants wouldcome in and all pretend to be the same person, invariably someone with anunusual or little-known occupation or accomplishment. Only one of the threewas the real person. The four regular panellists on the show would have toask them clever questions, and by judging how realistic the answers sounded,decide which ones were the imposters. The entertainment, of course, was inhow inventive the contestants could be to fool the panellists for as long aspossible. At the end of the show, the moderator would stop the process andask the real contestant to stand up, after which everything was revealed.The metaphor for this section is, therefore, \Will the real distance scaleplease stand up?" In our case, however, the game has now gone on for acentury, and there is no moderator. For globular clusters and Population IIstars, there are several routes to calibrating distances. These routes do notagree with one another; and the implications for such things as the clusterages and the cosmological distance scale are serious. It is a surprisingly hardproblem to solve, and at least some of the methods we are using must bewrong. But which ones, and how?The time-honored approach to calibrating globular cluster distances is tomeasure some identi�able sequence of stars in the cluster CMD, and then toestablish the luminosities of these same types of stars in the Solar neighbor-hood by trigonometric parallax. The three most obvious such sequences (seethe Appendix) are:� The horizontal branch, or RR Lyrae stars: In the V band, these producea sharp, nearly level and thus almost ideal sequence in the CMD. Theproblem is in the comparison objects: �eld RR Lyrae variables are rareand uncomfortably distant, and thus present di�cult targets for paral-lax programs. There is also the nagging worry that the �eld halo starsmay be astrophysically di�erent (in age or detailed chemical composi-tion) from those in clusters, and the HB luminosity depends on manyfactors since it represents a rather advanced evolutionary stage. The HBabsolute magnitude almost certainly depends weakly on metallicity. Itis usual to parametrize this e�ect simply as MV (HB) = � [Fe/H] +�,where (�; �) are to be determined from observations { and, we hope, withsome guidance from theory.44 As noted in the previous Section, I de�ne VHB as the mean magnitude of the thehorizontal-branch stars without adjustment. Some other authors correct VHB tothe slightly fainter level of the \zero-age" unevolved ZAHB.



24 W. E. Harris� The unevolved main sequence (ZAMS): modern photometric tools cannow establish highly precise main sequences for any cluster in the Galaxynot a�ected by di�erential reddening or severe crowding. As above, theproblem is with the comparison objects, which are the unevolved halostars or \subdwarfs" in the Solar neighborhood. Not many are nearenough to have genuinely reliable parallaxes even with the new Hippar-cos measurements. This is particularly true for the lowest-metallicity oneswhich are the most relevant to the halo globular clusters; and most ofthem do not have accurate and detailed chemical compositions deter-mined from high-dispersion spectroscopy.� The white dwarf sequence: this faintest of all stellar sequences has nowcome within reach from HST photometry for a few clusters. Since itsposition in the CMD is driven by di�erent stellar physics than is the mainsequence or HB, it can provide a uniquely di�erent check on the distancescale. Although such stars are common, they are so intrinsically faint thatthey must be very close to the Sun to be identi�ed and measured, andthus only a few comparison �eld-halo white dwarfs have well establisheddistances.These classic approaches each have distinct advantages and problems, andother ways have been developed to complement them. In the sections below,I provide a list of the current methods which seem to me to be competitiveones, along with their results. Before we plunge into the details, I stress thatthis whole subject area comprises a vast literature, and we can pretend to donothing more here than to select recent highlights.1.2.1 Statistical Parallax of Field Halo RR LyraesBoth the globular clusters and the �eld RR Lyrae stars in the Galactic haloare too thinly scattered in space for almost any of them to lie within the dis-tance range of direct trigonometric parallax. However, the radial velocitiesand proper motions of the �eld RR Lyraes can be used to solve for their lumi-nosity through statistical parallax. In principle, the trend of luminosity withmetallicity can also be obtained if we divide the sample up into metallicitygroups.An exhaustive analysis of the technique, employing ground-based veloc-ities and Lick Observatory proper motions, is presented by Layden et al.(1996). They use data for a total of 162 \halo" (metal-poor) RR Lyraes and51 \thick disk" (more metal-rich) stars in two separate solutions, with resultsas shown in Table 1.2. Recent solutions are also published by Fernley et al.(1998a), who use proper motions from the Hipparcos satellite program; and byGould & Popowski (1998), who use a combination of Lick ground-based andHipparcos proper motions. These studies are in excellent agreement with oneanother, and indicate as well that the metallicity dependence of MV (RR) issmall. The statistical-parallax calibration traditionally gives lower-luminosity



1 Globular Cluster Systems 25results than most other methods, but if there are problems in its assumptionsthat would systematically a�ect the results by more than its internal uncer-tainties, it is not yet clear what they might be. The discussion of Layden etal. should be referred to for a thorough analysis of the possibilities.Table 1.2. Statistical parallax calibrations of �eld RR Lyrae starsRegion MV (RR) [Fe/H] SourceHalo 0:71 � 0:12 �1:61 Layden et al.Halo 0:77 � 0:17 �1:66 Fernley et al.Halo 0:77 � 0:12 �1:60 Gould & PopowskiDisk 0:79 � 0:30 �0:76 Layden et al.Disk 0:69 � 0:21 �0:85 Fernley et al.1.2.2 Baade-Wesselink MethodThis technique, which employs simultaneous radial velocity and photometricmeasurements during the RR Lyrae pulsation cycle, is discussed in moredetail in this volume by Carney; here, I list only some of the most recentresults. A synthesis of the data for 18 �eld RR Lyrae variables over a widerange of metallicity (Carney, Storm, & Jones 1992) givesMV (RR) = (0:16� 0:03) [Fe=H] + (1:02� 0:03) (1.8)As Carney argues, the uncertainty in the zeropoint of this relation quotedabove is only the internal uncertainty given the assumptions in the geometryof the method; the external uncertainty is potentially much larger. However,the slope is much more well determined and is one of the strongest aspects ofthe method if one has a sample of stars covering a wide metallicity range (seealso Carney's lectures in this volume, and Fernley et al. 1998b for additionaldiscussion of the slope �).The Baade-Wesselink method can also be applied to RR Lyraes that aredirectly in globular clusters; although these are much fainter than the nearest�eld stars and thus more di�cult to observe, at least this approach alleviatesconcerns about possible di�erences between �eld RR Lyraes and those inclusters. Recent published results for four clusters are listed in Table 1.3 (fromLiu & Janes 1990; Cohen 1992; and Storm et al. 1994a,b). The third columnof the table gives the measured MV (RR), while for comparison the fourthcolumn gives the expected MV from the �eld-star equation above. Withinthe uncertainties of either method, it is clear that the statistical parallax andBaade-Wesselink measurements are in reasonable agreement.



26 W. E. HarrisTable 1.3. Baade-Wesselink calibrations of RR Lyrae stars in four clustersCluster [Fe/H] MV (BW ) MV (eqn)M92 -2.3 0.44, 0.64 0.65M5 -1.3 0.60 0.81M4 -1.2 0.80 0.8347 Tuc -0.76 0.71 0.901.2.3 Trigonometric Parallaxes of HB StarsThe Hipparcos catalog of trigonometric parallaxes provides several usefulmeasurements of �eld HB stars for the �rst time (see Fernley et al. 1998a;Gratton 1998). One of these is RR Lyrae itself, for which � = (4:38� 0:59)mas, yielding MV (RR) = 0:78 � 0:29 at [Fe/H] = �1:39. The red HB starHD 17072 (presumably a more metal-rich one than RR Lyrae) has a slightlybetter determined luminosity at MV (HB) = 0:97 � 0:15. Finally, Gratton(1998) derives a parallax-weighted mean luminosity for � 20 HB stars ofMV (HB) = 0:69� 0:10 at a mean metallicity h[Fe/H]i = �1:41, though ofcourse the parallaxes for any individual HB star in this list are highly un-certain. At a given metallicity, these HB luminosities tend to sit � 0:1� 0:2mag higher than the ones from statistical parallax and Baade-Wesselink.1.2.4 Astrometric ParallaxWe turn next to distance calibration methods of other types, which can beused secondarily to establish MV (HB).An ingenious method applying directly to clusters without the interme-diate step of �eld stars, and without requiring any knowledge of their astro-physical properties, is that of \astrometric parallax": the internal motions ofthe stars within a cluster can be measured either through their radial velocitydispersion �(vr), or through their dispersion in the projected radial and tan-gential proper motions �(�r; ��) relative to the cluster center. These threeinternal velocity components can be set equal through a simple scale factorinvolving the distance d,�(vr) = const � d � �(�) (1.9)and thus inverted to yield d, independent of other factors such as clustermetallicity and reddening. The two ��dispersions can also be used to modelany radial anisotropy of the internal motions, and thus to adjust the scalingto �(vr).This method is in principle an attractive and powerful one, though theavailable measurements do not yet reach a level of precision for individualclusters that is su�cient to con�rm or rule out other approaches de�nitively.A preliminary summary of the current results by Rees (1996) gives distances



1 Globular Cluster Systems 27for �ve intermediate-metallicity clusters (M2, M4, M5, M13, M22, with amean h[Fe/H]i = �1:46) equivalent to MV (HB) = 0:63� 0:11. For one low-metallicity cluster (M92, at [Fe/H] = �2:3), he �ndsMV (HB) = 0:31�0:32.On average, these levels are � 0:1� 0:2 mag brighter than the results fromstatistical parallax or Baade-Wesselink.1.2.5 White Dwarf SequencesRecently Renzini et al. (1996) have used deep HST photometry to establishthe location of the WD sequence in the low-metallicity cluster NGC 6752 andto match it to �ve DA white dwarfs in the nearby �eld. The quality of the�t is remarkably tight even given the relatively small number of stars. Thederived distance modulus corresponds to MV (HB) = 0:52� 0:08 at a clustermetallicity [Fe/H] = �1:55. The critical underlying assumption here is thatthe mass of the white dwarfs in the cluster { which is the most importantdeterminant of the WD sequence luminosity { has the same canonical value' 0:6M� as the �eld DA's.In a comparably deep photometric study of the nearby cluster M4, Richeret al. (1995) take the argument in the opposite direction: by using the heav-ily populated and well de�ned WD sequence along with a distance derivedfrom main sequence �tting, they derive the WD mass, which turns out tobe ' 0:50� 0:55M�. A third deep white dwarf sequence has been measuredfor NGC 6397 by Cool et al. (1996), again with similar results, and HST-based results for other clusters are forthcoming. Thus at the present time,it appears that the fundamental distance scale from WDs is consistent withthe range of numbers from the other approaches and deserves to be givensigni�cant weight. We can look forward, in a few years time, to a much morecomplete understanding of the relative WD vs. ZAMS distance scales and toa stronger contribution to the zeropoint calibration. Still deeper observationswill, eventually, be able to �nd the faint-end termination of the WD sequenceand place completely new observational limits on the cluster ages.1.2.6 Field Subdwarf Parallaxes and Main Sequence FittingThe technique which has generated the most vivid recent discussion (andcontroversy) centers on the matching of nearby halo main-sequence stars(subdwarfs) to cluster main sequences. It was widely expected that the Hip-parcos project would, for the �rst time, supply a large number of high-qualitytrigonometric parallaxes for low-metallicity stars in the Solar neighborhoodand would essentially solve the distance scale problem at a level which couldclaim to being de�nitive. Unfortunately, this hope has not been borne out.The whole problem in the �tting procedure is essentially that any givencollection of subdwarfs does not automatically give us a \sequence" which canthen be matched immediately to a globular cluster. The individual subdwarfsall have di�erent distances (and thus parallax uncertainties) and metallicities.
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Fig. 1.15. An illustration of subdwarf �tting to a cluster main sequence. Nearbymetal-poor subdwarfs (Pont et al. 1998), shown as the dots, are superimposed onthe �ducial sequence for the metal-poor cluster M92 (Stetson & Harris 1988), foran assumed reddening E(B � V ) = 0:02 and a distance modulus (m �M)V =14:72. The location of each star on this diagram must be adjusted to the color andluminosity it would have at the metallicity of M92 ([Fe/H] = �2:2). For a typicalsubdwarf at [Fe/H] � �1:6 (starred symbol), the size of the color and luminositycorrections is indicated by the arrow. The luminosity and color corrections followthe bias prescriptions in Pont et al. Known or suspected binary stars are plotted asopen circlesAll of them have to be relocated in the CMD back to the positions theywould have at the metallicity of the cluster, and various biases may exist inthe measured luminosities (see below). The more distant or low-latitude onesmay even have small amounts of reddening, and the sample may also includeundetected binaries. Thus before any �t to a given cluster can be done, a�ducial main sequence must be constructed out of a collection of subdwarfswhich by de�nition is heterogeneous.Figure 1.15 illustrates the procedure. The luminosity MV of a given sub-dwarf, calculated directly from its raw trigonometric parallax and apparent



1 Globular Cluster Systems 29magnitude (starred symbol in the �gure), is adjusted by an amount �MVfor various sample bias corrections as described below. Next, the raw colorindex (B � V ) is adjusted by an amount �(B � V ) to compensate for thedi�erence in metallicity between subdwarf and cluster, and also for any red-dening di�erence between the two. Usually �(B � V ) is negative since mostof the known subdwarfs are more metal-rich than most of the halo globularclusters, and the main sequence position becomes bluer at lower metallicity.The change of color with metallicity is normally calculated from theoreticalisochrones; although this is the only point in the argument which is model de-pendent, it is generally regarded as reliable to �0:01 for the most commonlyused indices such as (B � V ) or (V � I) (the di�erential color shifts withmetallicity are quite consistent in isochrones from di�erent workers, even ifthe absolute positions may di�er slightly).The greatest concerns surround (a) the believed absolute accuracy of thepublished parallaxes, and (b) the degree to which bias corrections shouldbe applied to the measured luminosities. These biases include, but are notlimited to, the following e�ects:� The Lutz-Kelker (1973) e�ect, which arises in parallax measurement ofany sample of physically identical stars which are scattered at di�erentdistances. Since the volume of space sampled increases with distance,there will be more stars at a given � that were scattered inward by ran-dom measurement error from larger distances than outward from smallerdistances. The deduced luminosity MV of the stars therefore tends sta-tistically to be too faint, by an amount which increases with the relativemeasurement uncertainty ��=� (see Hanson 1979 and Carretta et al. 1999for a comprehensive discussion and prescriptions for the correction).� The binary nature of some of the subdwarfs, which (if it lurks undetected)will bias the luminosities upward.� The strong increase of �� with V magnitude (fainter stars are more dif-�cult to measure with the same precision). This e�ect tends to removeintrinsically fainter stars from the sample, and also favors the accidentalinclusion of binaries (which are brighter than single stars at the sameparallax).� The metallicity distribution of the known subdwarfs, which is asymmetricand biased toward the more common higher-metallicity (redder) stars. Inany selected sample, accidental inclusion of a higher-metallicity star isthus more likely than a lower-metallicity one, which is equivalent to amean sample luminosity that is too high at a given color.It is evident that the various possible luminosity biases can act in op-posite directions, and that a great deal of information about the subdwarfsample must be in hand to deal with them correctly. Four recent studiesare representative of the current situation. Reid (1997) uses a sample of 18subdwarfs with ��=� < 0:12 along with the Lutz-Kelker corrections andmetallicity adjustments to derive new distances to �ve nearby clusters of low



30 W. E. Harrisreddening. Gratton et al. (1997) use a di�erent sample of 13 subdwarfs, againwith ��=� < 0:12, and exert considerable e�ort to correct for the presence ofbinaries. They use Monte Carlo simulations to make further (small) correc-tions for parallax biases, and derive distances to nine nearby clusters. Whenplotted against metallicity, these de�ne a mean sequenceMV (HB) = (0:125� 0:055) [Fe=H] + (0:542� 0:090) (1.10)which may be compared (for example) with the much fainter Baade-Wesselinksequence listed earlier. Pont et al. (1998) employ still another sample of 18subdwarfs and subgiants with ��=� <� 0:15 and do more Monte Carlo mod-elling to take into account several known bias e�ects simultaneously. They�nd that the net bias correction �MV is small { nearly negligible for [Fe/H]� �1 and only +0:06 for [Fe/H] � �2. They derive a distance only to M92,the most metal-poor of the standard halo clusters, with a result only slightlylower than either Reid or Gratton et al. found. Lastly, a larger set of 56subdwarfs drawn from the entire Hipparcos database is analyzed by Carrettaet al. (1999), along with a comprehensive discussion of the bias corrections.Their results fall within the same range as the previous three papers.Regardless of the details of the �tting procedure, the basic e�ect to be rec-ognized is that the Hipparcos parallax measurements for the nearby subdwarfstend to be a surprising � 3 milliarcseconds smaller than previous ground-based measurements gave. This di�erence then translates into brighter lu-minosities by typically �MV � 0:2 � 0:3 mag (see Gratton et al.). At thelow metallicity end of the globular cluster scale ([Fe/H] ' �2:2, appropriateto M92 or M15), the Hipparcos-based analyses yield MV (HB) ' 0:3 � 0:1,a level which is >� 0:3 mag brighter than (e.g.) from statistical parallax orBaade-Wesselink.This level of discrepancy among very di�erent methods, each of whichseems well de�ned and persuasive on its own terms, is the crux of the currentdistance scale problem. Do the Hipparcos parallaxes in fact contain smalland ill-understood errors of their own? Is it valid to apply Lutz-Kelker cor-rections { or more generally, other types of bias corrections { to single stars,or small numbers of them whose selection criteria are poorly determined andinhomogeneous? And how many of the subdwarfs are actually binaries?The one subdwarf for which no luminosity bias correction is needed (or indispute) is still Groombridge 1830 (HD 103095), by far the nearest one known.As an instructive numerical exercise, let us match this one star alone to thecluster M3 (NGC 5272), which has essentially the same metallicity and is alsounreddened. Its Hipparcos measured parallax is � = (109:2� 0:8) mas, whilethe best ground-based compilation (from the Yale catalog; see van Altena etal. 1995) gives � = (112:2�1:6) mas. The photometric indices for Gmb 1830,from several literature sources, are V = 6:436�0:007, (B�V ) = 0:75�0:005,(V � I) = 0:87 � 0:01, giving MV = 6:633 � 0:016 with no signi�cant biascorrections. Its metallicity is [Fe/H] = �1:36� 0:04 (from a compilation ofseveral earlier studies) or �1:24�0:07 from the data of Gratton et al. (1997).



1 Globular Cluster Systems 31This is nearly identical with [Fe/H] = �1:34 � 0:02 for M3 (Carretta &Gratton 1997). Gmb 1830 can safely be assumed to be unreddened, and theforeground reddening for M3 is usually taken as E(B � V ) = 0:00 (Harris1996a) and is in any case unlikely to be larger than 0.01. Thus the coloradjustments to Gmb 1830 are essentially negligible as well. No other degreesof freedom are left, and we can match the star directly to the M3 mainsequence at the same color to �x the cluster distance modulus. The result ofthis simple exercise is shown in Fig. 1.16. It yields MV (HB) = 0:59� 0:05,which is � 0:2 mag fainter than the level obtained by Reid (1997) or Grattonet al. (1997) from the entire sample of subdwarfs.Clearly, it is undesirable to pin the entire globular cluster distance scale(and hence the age of the universe) on just one star, no matter how well deter-mined. Nevertheless, this example illustrates the fundamental uncertaintiesin the procedure.

Fig. 1.16. Main sequence �t of the nearest subdwarf, Groombridge 1830, to theglobular cluster M3. The cluster and the subdwarf have nearly identical metallicitiesand are unreddened. The solid line gives the deep main sequence and subgiant datafor M3 from Stetson (1998), while the dotted line de�ning the brighter sections ofthe CMD is from Ferraro et al. (1997). The resulting distance modulus for M3 is(m�M)0 = 15:08 � 0:05



32 W. E. Harris1.2.7 A Synthesis of the Results for the Milky WayThe upper and lower extremes for the globular cluster distance scale as wenow have them are well represented by the Baade-Wesselink �eld RR Lyraecalibration (Eq. 1.8) and the Gratton et al. Hipparcos-based subdwarf �ts(Eq. 1.10). These are combined in Fig. 1.17 along with the results from theother selected methods listed above. Also notable is the fact that the slopeof the relation is consistently near � ' 0:15 (see also Carney in this volume).To set the zeropoint, I adopt a line passing through the obvious groupingof points near [Fe/H] � �1:4, and about halfway between the two extremelines. This relation (solid line in Fig. 1.17) isMV (HB) = 0:15 [Fe=H] + 0:80 : (1.11)Realistically, what uncertainty should we adopt when we apply this calibra-tion to measure the distance to any particular object? Clearly the error isdominated not by the internal uncertainty of any one method, which is typi-cally in the range �0:05� 0:10 mag. Instead, it is dominated by the externallevel of disagreement between the methods. How much weight one should puton any one method has often been a matter of personal judgement. As a com-promise { perhaps a pessimistic one { I will use �(MV ) = �0:15 mag as anestimate of the true external uncertainty of the calibration at any metallicity.A comprehensive evaluation of the distance scale, concentrating on thesubdwarf parallax method but also including a long list of other methods,is given by Carretta et al. (1999). Their recommended HB calibration { tiedin part to the distance to the LMC measured by both Population I and IIstandard candles { corresponds to MV (HB) = 0:13 [Fe/H] +0:76, scarcelydi�erent from Eqn. 1.11 above. (NB: note again that MV (HB) is subtlydi�erent from both MV (ZAHB) and MV (RR): the ZAHB is roughly 0.1mag fainter than the mean HB because of evolutionary corrections, and themean level of the RR Lyraes is about 0.05 mag brighter than the ZAHBfor the same reason. As noted previously, I use the mean HB level withoutadjustments.)1.2.8 Comparisons in the LMC and M31Extremely important external checks on the globular cluster distance scalecan be made through the Cepheids and other Population I standard candles,once we go to Local Group galaxies where both types of indicators are foundat common distances. By far the most important two \testing grounds" arethe Large Magellanic Cloud and M31, where several methods can be stronglytested against one another.For the LMC, RR Lyrae variables are found in substantial numbers bothin its general halo �eld and in several old globular clusters. The �eld-halovariables have mean V magnitudes as listed in Table 1.4 below, from �ve
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Fig. 1.17. Calibrations of the HB luminosity for Milky Way globular clusters. Theupper dashed line (Gr) is the Hipparcos subdwarf calibration from Gratton et al.(1997), and the lower dashed line (BW) is the Baade-Wesselink calibration for �eldRR Lyraes from Carney et al. (1992), as listed in the text. Other symbols are asfollows: Solid dot: Main sequence �t of Groombridge 1830 to M3. Large asterisk:Fit of white dwarf sequence in NGC 6752 to nearby �eld white dwarfs. Small opencircles: Astrometric parallaxes, from Rees (1996) in two metallicity groups. Largecircled crosses: Statistical parallax of �eld RR Lyrae stars, from Layden et al.(1996). Open star: Mean trigonometric parallax of �eld HB stars. Finally, the solidline is the adopted calibration, MV (HB) = 0:15 [Fe/H] + 0.80studies in which statistically signi�cant numbers of variables have been mea-sured. Using a foreground absorption for the LMC of E(B�V ) = 0:08�0:01and AV = 0:25 � 0:03, I calculate a weighted mean dereddened magnitudehV0i = 18:95�0:05 (the mean is driven strongly by the huge MACHO sample,though the other studies agree closely with it). The mean metallicity of the�eld variables appears to be near [Fe/H] ' �1:7 (see van den Bergh 1995,and the references in the table). Thus our adopted Milky Way calibrationwould give MV (RR) = 0:55 � 0:15 (estimated external error) and hence atrue distance modulus (m�M)0(LMC) = 18:40� 0:15.Well determined mean magnitudes are also available for RR Lyrae starsin seven LMC globular clusters (Walker 1989; van den Bergh 1995). Usingthe same foreground reddening, we �nd an average dereddened RR Lyraemagnitude for these clusters of hV0i = 18:95� 0:05. Their mean metallicityin this case is [Fe/H] ' �1:9, thus from our Milky Way calibration we wouldpredict MV (RR) = 0:52� 0:15 and hence (m �M)0(LMC) = 18:44� 0:15.The cluster and �eld RR Lyrae samples are in substantial agreement. Gratton



34 W. E. HarrisTable 1.4. Field RR Lyrae stars in the LMCLocation hV iRR SourceNGC 1783 �eld 19:25 � 0:05 Graham 1977NGC 2257 �eld 19:20 � 0:05 Walker 1989NGC 1466 �eld 19:34 : Kinman et al. 1991NGC 2210 �eld 19:22 � 0:11 Reid & Freedman 1994MACHO RRd's 19:18 � 0:02 Alcock et al. 1997(1998) and Carretta et al. (1999) suggest, however, that the central bar of theLMC could be at a di�erent distance { perhaps as much as 0.1 mag further{ than the average of the widely spread halo �elds. Unfortunately, it is theLMC bar distance that we really want to have, so this contention introducesa further level of uncertainty into the discussion.How do these RR Lyrae-based distance estimates compare with other in-dependent standard candles, such as the LMC Cepheids or the SN1987A ringexpansion? These methods themselves are not without controversy (for moreextensive reviews, see, e.g., van den Bergh 1995; Fernley et al. 1998a; Gierenet al. 1998; or Feast 1998). Fundamental parallax distances to the Hyades andPleiades can be used to establish main sequence �tting distances to MilkyWay open clusters containing Cepheids, which then set the zeropoint of theCepheid period-luminosity relation and hence the distance to the LMC. TheBaade-Wesselink method can also be adapted to set distances to Cepheids inthe nearby �eld. The SN1987A ring expansion parallax is an important newindependent method, but here too there are disagreements in detail aboutmodelling the ring geometry (cf. the references cited above). A brief summaryof the most accurate methods, drawn from Fernley et al. (1998a) and Gierenet al. (1998), is given below in Table 1.5. Although the individual moduli forthese methods (as well as others not listed here) range from � 18:2 up to18.7, it seems to me that an adopted mean (m�M)0(LMC) = 18:5� 0:1 isnot unreasonable. For comparison, the comprehensive review of Carretta etal. (1999) recommends (m�M)0 = 18:54� 0:04.Table 1.5. A summary of distance calibrations for the LMCMethod (m�M)0Cepheids (Clusters, BW) 18:49 � 0:09Mira PL relation 18:54 � 0:18SN1987A ring (4 recent analyses) 18:51 � 0:07RR Lyraes (clusters, �eld) 18:44 � 0:15



1 Globular Cluster Systems 35The step outward from the LMC to M31 can be taken either by comparingthe mean magnitudes of the halo RR Lyrae variables in each galaxy, by theCepheids in each, or by the RGB tip stars:� RR Lyraes: In the M31 halo, the sample of RR Lyraes found by Pritchet& van den Bergh (1987) has hV0i(M31) = 25:04� 0:10 and thus �(m�M)0(M31-LMC) = 6:09� 0:11, or (m�M)0 = 24:59� 0:15.� Cepheids: Two studies employing optical photometry give �(m�M)0 =5:92� 0:10 (Freedman & Madore 1990) or 6:07� 0:05 (Gould 1994) fromdi�erent prescriptions for matching the P-L diagrams in the two galax-ies. The recent study of Webb (1998), from JHK near-infrared photom-etry which is less a�ected by reddening and metallicity di�erences, gives�(m�M)0 = 5:92� 0:02 and thus (m�M)0 = 24:42� 0:11.� Red Giant Branch Tip: A precise method which is more or less indepen-dent of both the Cepheids and RR Lyraes is the luminosity of the oldred giant branch tip (TRGB) of the halo stars (essentially, the luminosityof the core helium 
ash point), which for metal-poor populations has anearly constant luminosity MI = �4:1� 0:1 (Lee et al. 1993a; Harris etal. 1998b). For a wide sample of the M31 halo �eld giants, Couture et al.(1995) �nd an intrinsic distance modulus (m�M)0 = 24:5� 0:2.� Other methods: Other useful techniques include the luminosities of diskcarbon stars (Brewer et al. 1995), surface brightness 
uctuations of globu-lar clusters (Ajhar et al. 1996), and luminosities of the old red clump stars(Stanek & Garnavich 1998). These give results in exactly the same range(m �M)0 � 24:4� 24:6. Holland (1998) has used theoretical isochrone�ts to the red giant branches of 14 halo globular clusters in M31 to obtain(m�M)0 = 24:47� 0:07.Combining all of these estimates, I will adopt (m�M)0(M31) = 24:50�0:14.Putting back in the M31 foreground reddening E(B � V ) = 0:09� 0:03 (vanden Bergh 1995) then gives an apparent distance modulus (m�M)V (M31)=24:80� 0:15.To bring a last bit of closure to our discussion, we can �nally test ourMilky Way globular cluster distance scale against the mean HB levels that aredirectly observed in the globular clusters of M31. Fusi Pecci et al. (1996) havecarried out homogeneous reductions for HST images of seven M31 clusters,with the results as shown in Fig. 1.18. The unweighted least-squares linede�ned by these seven points5 isVHB(observed) = (0:096� 0:078) [Fe=H] + (25:56� 0:09) : (1.12)5 This is not the same line derived by Fusi Pecci et al.; both their slope andzeropoint are slightly di�erent. The reason for the di�erence is that they adjustthe raw VHB values to the somewhat fainter unevolved ZAHB position. Here, Iuse the directly observed VHB without adjustment.



36 W. E. HarrisFor comparison, if we take our �ducial Milky Way relation and transport itoutward by our best-estimate distance modulus (m�M)V = 24:8, we obtainVHB(predicted) =MV (HB)+ 24:80 = 0:15 [Fe=H]+ (25:60�0:15) :(1.13)These two relations are remarkably consistent with one another, and giveadditional con�dence that our fundamental distance scale is not likely to bewrong by more than the tolerance that we have claimed.

Fig. 1.18. Horizontal branch levels for globular clusters in M31, plotted againstcluster metallicity. Solid dots: VHB values for seven clusters from Fusi Pecci et al.(1996). Large circled crosses: Mean magnitudes for the halo �eld RR Lyraes (vanden Bergh 1995) and the red HB stars near cluster G1 (Rich et al. 1996). The solidline shows the mean relation for the seven clusters as de�ned in the text, whilethe dashed line is our �ducial Milky Way relation added to the distance modulus(m�M)V (M31) = 24.801.3 THE MILKY WAY SYSTEM: KINEMATICSA hypothesis or theory is clear, decisive, and positive, but it is believed by noone but the man who created it. Experimental �ndings, on the other hand,are messy, inexact things which are believed by everyone except the man whodid that work. Harlow ShapleyMuch information about the origin and history of the Milky Way GCS iscontained in the cluster space motions or kinematics. Armed with this kind of



1 Globular Cluster Systems 37information along with the spatial distributions and cluster metallicities (x1),we can make considerably more progress in isolating recognizable subsystemswithin the GCS, and in comparing the clusters with other types of halo stellarpopulations.The seminal work in kinematics of the GCS is to be found in the pioneeringstudy of Mayall (1946), a paper which is just as important in the history ofthe subject as the work by Shapley (1918) on the cluster space distribution.6Other landmarks that progressively shaped our prevailing view of the GCSkinematics are to be found in the subsequent work of Kinman (1959a,b),Frenk & White (1980), and Zinn (1985).1.3.1 Coordinate Systems and TransformationsThe basic question in GCS kinematics is to determine the relative amountsof ordered motion of the clusters (net systemic rotation around the Galac-tic center) and random internal motion. The ratio of these quantities mustdepend on their time and place of origin, and thus on such measurables ascluster age, spatial location, or metallicity.The �rst attempts at kinematical solutions (Mayall, Kinman, and others)used the simplest traditional formalism in which the Solar motion U wascalculated relative to the clusters or various subsets of them. Formally, if vrequals the radial velocity of the cluster relative to the Solar Local Standardof Rest, thenvr = U cos� (1.14)where � is the line-of-sight angle to the cluster (de�ned in Fig. 1.19 below).A graph of vr against (cos �) should yield a straight-line solution through theorigin with slope U . For true halo objects with little or no systemic rotation,U must therefore be approximately equal to V0(LSR), the rotation speed ofthe Solar Local Standard of Rest around the Galactic center; more strictly,U relative to the GCS must represent a lower limit to V0 except in extremescenarios where the halo, or part of it, is in retrograde rotation. Mayall, inthe very �rst attempt to do this, derived U ' 200 km s�1, a value scarcelydi�erent from the modern solutions of ' 180 km s�1. The simple Solar motionapproach, however, gives little information about the net motions of the manyclusters for which the line of sight from Sun to cluster is roughly at rightangles to the V0 vector. Instead, we will move directly on to the modernformalism, as laid out (e.g.) in Frenk & White (1980) and in many studiessince.6 Mayall's paper is essential reading for any serious student of the subject. Nowhalf a century old, it stands today as a remarkable testament to the author'saccomplishment of a major single piece of work in the face of several persistentobstacles. It also typi�es a brutally honest writing style that is now rather outof fashion.
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Fig. 1.19. Geometry for the rotational motions of Sun S and cluster C around theGalactic center GCReferring to Fig. 1.19, let us consider a cluster which has a Galactocentricdistance R and a rotation speed V (R) around the Galactic center. Its radialvelocity relative to the Solar LSR is thenvr = V cos � V0 cos� (1.15)where � is the angle between the Solar motion vector V0 and the line of sightr to the cluster; and  is the angle between r and the rotation vector V ofthe cluster. We haveV0 � r = V0 r cos� (1.16)which gives, after evaluating the dot product,cos� = cos b � sin ` : (1.17)Similarly, cos  can be evaluated from the dot productV � r = V r cos (1.18)which eventually givescos = R0 cosb sin`((r cosb sin`)2 + (R0 � r cosb cos`)2)1=2 : (1.19)



1 Globular Cluster Systems 39The equation of condition for V is thenV cos = vr + V0 cos� (1.20)where vr is the directly measured radial velocity of the cluster (relative to theLSR!); and (�;  ) are known from the distance and direction of the cluster.We explicitly assume V0 = 220 km s�1 for the Solar rotation. The quantity onthe right-hand side of the equation is the radial velocity of the cluster relativeto a stationary point at the Sun (i.e., in the rest frame of the Galactic center).Thus when it is plotted against cos  , we obtain a straight-line relation withslope V (the net rotation speed of the group of clusters) and intercept zero.Frenk & White (1980) demonstrate that an unbiased solution for V isobtained by adding the weighting factor cos  ,V = hcos (vr + V0cos�)ihcos2 i � �los(�cos2 )1=2 (1.21)where �los, the \line of sight" velocity dispersion, is the r.m.s. dispersion ofthe data points about the mean line.Which of the parameters in the above equation can potentially generatesigni�cant errors in the solution? As we will see below, typically �los � 100km s�1, whereas the measurement uncertainties in the radial velocities of theclusters are �(vr)<� 5 km s�1 (cf. Harris 1996a). The radial velocity measure-ments themselves thus do not contribute anything important to uncertaintiesin V or �los. In addition, � depends only on the angular location of the clusteron the sky and is therefore virtually error-free. The last input parameter is theangle  : Uncertainties in the estimated distances r can a�ect  severely { andasymmetrically { as is evident from inspection of Fig. 1.19, and these can thenbe translated into biases in V and �los. This point is also stressed by Arman-dro� (1989). In turn, the uncertainty �(m�M)V in distance modulus is moststrongly correlated with cluster reddening (larger reddening increases boththe absolute uncertainty in the absorption correction AV , and the amount ofdi�erential reddening, which makes the identi�cation of the CMD sequencesless precise). A rough empirical relation�(m�M)V ' 0:1 + 0:4E(B � V ) (1.22)represents the overall e�ect reasonably well.Clearly, the clusters near the Galactic center and Galactic plane { whichpreferentially include the most metal-rich clusters { will be the most severelydamaged by this e�ect. Since the dependence of  on r is highly nonlinear,the error bars on cos  can be large and asymmetric for such clusters. An ex-ample is shown in the kinematics diagram of Fig. 1.20. By contrast, the samediagram for any subset of the high-halo clusters is, point by point, far morereliable and thus considerably more con�dence can be placed in the (V; �los)solution for such subgroups. Fortunately, however, the high numerical weightsgiven to the clusters at large (cos  ), which are exactly the objects that havethe lowest reddenings and the most reliable distance estimates, make thesolution for rotation speed V more robust than might at �rst be expected.



40 W. E. Harris

Fig. 1.20. Kinematics diagram for the metal-rich clusters in the Milky Way. Herevr(LSR) = vr +V0 cos � is the radial velocity of the cluster relative to a stationarypoint at the Solar LSR. The horizontal error bars on each point show how eachcluster can shift in the diagram due solely to uncertainties in its estimated distance,as given by Eq. 1.221.3.2 The Metal-Rich Clusters: Bulge-Like and Disk-LikeFeaturesSomewhat contrary to historical tradition, let us �rst investigate the kine-matics of the MRC clusters.In Fig. 1.21, we see the kinematics diagrams for the inner (Rgc < 4 kpc)and outer (4 kpc < Rgc < 9 kpc) MRC clusters. The best-�t numerical solu-tions, listed in Table 1.6, show healthy rotation signals and moderately lowrms dispersions for both, although V (rot) is clearly higher (and �los lower)for the outer sample. The inner subgroup is what we discussed in Section1 as Minniti's (1995) bulge-like population. The velocities for these clustersare replotted against Galactic longitude in Fig. 1.22, following Minniti (1995)and Zinn (1996), in which it can be seen that they match well with the netrotation speed of the RGB stars in the bulge. When we add this evidence(not conclusive by itself!) to the space distribution discussed in Section 1,it seems likely that the inner MRC clusters are plausibly interpreted as a
attened bulge population with a rotation speed near V � 90 km s�1.The outer subgroup (4 � 9 kpc; second panel of Fig. 1.21) more nearlyresembles what Zinn (1985) and Armandro� (1989) �rst suggested to be a\thick disk" population. The issue is discussed at length in other recent papersby Armandro� (1993), Norris (1993), and Zinn (1996). If this identi�cation iscorrect, it would be highly suggestive that there is a genuine disk subsystem
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Fig. 1.21. Kinematics diagrams for the metal-rich Milky Way clusters. First panel:Normalized radial velocity against position angle for the innermost MRC clusters(Rgc < 4 kpc). The relative statistical weights for each point are indicated bysymbol size (see text). Second panel: Outer MRC clusters (4 kpc < Rgc < 9 kpc).Note the larger weights on these points because of their lower reddenings and moreaccurate distance measurements. The same solid line (V = 140 km s�1 rotationspeed) is plotted in both panels, although the formal solution for the innermostclusters is V � 86 km s�1; see the text

Fig. 1.22. Normalized radial velocity against Galactic longitude, for the MRC clus-ters within � 15o of the Galactic center. Filled circles are clusters within 4 kpc ofthe center; open circles are ones with Rgc > 4 kpc. The solid line represents therotation curve of the Galactic bulge from red giant stars (Minniti 1995; Zinn 1996)



42 W. E. Harriswithin the Milky Way GCS which formed along with the thick-disk stars; ifso, it should then be possible to set the formation epoch of the thick diskquite accurately by the chronology of these clusters.Although this interpretation of the data is well known, it is not quiteironclad. The well determined rotation speed of the outer MRC clusters,V = 147 � 27 km s�1, is noticeably less than normally quoted values forthe thick-disk stars, which are near V ' 180 km s�1 (cf. Armandro� 1989;Norris 1993; Majewski 1993). It is tempting to imagine that the outer MRCclusters may be the remnants of a \pre-thick-disk" epoch of star formation,during which their parent Searle-Zinn gaseous fragments had not fully settledinto a disklike con�guration, still preserving signi�cant random motions. Theleftover gas from this period would have continued to collapse further intothe thick disk and (later) the old thin disk, with progressively larger rotationspeeds.Table 1.6. Mean rotation velocities of subsets of clustersSample Subgroup n V (km/s) �los (km/s)MRC All [Fe/H] > �1 33 118� 26 89� 11MRC Rgc = 0� 4 kpc 20 86 � 40 99� 15MRC Rgc = 4� 9 kpc 13 147� 27 66� 12MPC All [Fe/H] < �1 89 30 � 25 121� 9MPC Rgc = 0� 4 kpc 28 56 � 37 122� 16MPC Rgc = 4� 8 kpc 19 12 � 31 79� 12MPC Rgc = 8� 12 kpc 12 26 � 63 148� 29MPC Rgc = 12 � 20 kpc 14 �97 � 110 132� 24MPC �2:30 < [Fe/H] < �1:85 17 139� 57 114� 19MPC �1:85 < [Fe/H] < �1:65 19 41 � 55 142� 22MPC �1:65 < [Fe/H] < �1:50 21 �35 � 59 134� 20MPC �1:50 < [Fe/H] < �1:32 17 �12 � 56 106� 17MPC �1:32 < [Fe/H] < �1:00 17 31 � 32 80� 13MPC All [Fe/H] < �1:70 30 80 � 43 130� 16MPC BHB, Rgc > 8 kpc 20 55 � 58 115� 17MPC RHB, Rgc > 8 kpc 18 �39 � 83 158� 26MPC RHB excl. N3201 17 32 � 88 149� 24At the same time, it is plainly true that some individual clusters have disk-like orbital motions (e.g., Cudworth 1985; Rees & Cudworth 1991; Dinescu etal. 1999). Burkert & Smith (1997) have gone further to suggest that the outerMRC clusters form a disklike subsystem, while the inner low-luminosity onesform an elongated bar-like structure (see also Côt�e 1999). However, a seri-ous concern is that the distance estimates for the inner low-luminosity bulge



1 Globular Cluster Systems 43clusters are likely to be more badly a�ected by extreme reddening and �eldcontamination than for the luminous clusters in the same region of the bulge.The apparent elongation of the set of low-luminosity clusters along the Xaxis may therefore be an artifact. Better photometry and cleaner CMDs forthese objects, possibly from near-infrared observations, are needed to clearup the problem.Why should we try so hard to relate the globular clusters to the halo �eldstars? There is a nearly irresistible temptation to force some given subsetof the globular clusters to correspond exactly with some population of �eldstars that look similar according to their kinematics, metallicity distribution,and space distribution. But the more we �nd out about these subsystemsin detail, the harder it is to make such precise correpondences. As will bediscussed later (Section 8), the formation of massive star clusters must be arelatively rare and ine�cient process within their progenitor gas clouds. If theglobular clusters formed �rst out of the densest gas clumps, the remaining gas(which in fact would be the majority of the protostellar material) would havehad plenty of opportunity to collide with other gaseous fragments, dissipateenergy, and take up new con�gurations before forming stars. By then, it wouldhave lost its \memory" of the earlier epoch when the globular clusters formed,and would essentially behave as a di�erent stellar population (Harris 1998).In short, there seems to be no compelling reason to believe that subgroups ofthe GCS should be cleanly identi�ed with any particular �eld-star population.This concern will surface again in the next section.1.3.3 The Metal-Poor ClustersWe will now turn to the MPC clusters, which form the majority of the MilkyWay globular cluster system. One minor correction we need to make beforeproceeding is to note that the four clusters believed to belong to the Sagittar-ius dwarf (NGC 6715, Arp 2, Ter 7, Ter 8; see Da Costa & Armandro� 1995)all have similar space motions and locations: we will keep only NGC 6715as the \elected representative" for Sagittarius and discard the other three.Other correlated moving groups involving similarly small numbers of clustershave been proposed to exist (Lynden-Bell & Lynden-Bell 1995; Fusi Pecciet al. 1995), but these are much less certain than Sagittarius, and for thepresent we will treat the remaining clusters as if they are all uncorrelated.Plotting all the MPC clusters at once in the kinematics diagram (�rstpanel of Fig. 1.23), we see that as a whole it is totally dominated by randommotion with no signi�cant mean rotation. As before, the symbol size denotesthe relative uncertainty in cos  ; since most of the objects here have lowreddenings and well determined distances, they have much more accurately�xed locations in the diagram.However, throwing them all into the same bin is guaranteed to obscure theexistence of any distinct subsystems. The other panels of Fig. 1.23 show thesample broken into �ve bins of Galactocentric distance, with rather arbitrarily



44 W. E. Harrischosen boundaries. Again, the individual solution parameters are listed inTable 1.6. A small positive rotation signal is present in the innermost 4-kpczone, whereas no signi�cant rotation appears in any of the other bins. As isevident from the �gure, for clusters more distant than Rgc >� 15 kpc the rangeof cos  becomes so small that no valid solution for V can be performed. In the4� 8 kpc bin, the dispersion is distinctly lower than in any of the other bins;the meaning of this anomaly is unclear (particularly since it is accompaniedby zero rotation), and the possibility that it is simply a statistical 
uctuationcannot be ruled out given the small numbers of points.

Fig. 1.23. Kinematics diagrams for the metal-poor clusters, divided into Galacto-centric distance intervals. Larger points indicate clusters with lower reddenings andthus better determined distances and  valuesGrouping the clusters by metallicity is also instructive. In most Galaxyformation models, we might anticipate that this version would be closer toa chronological sequence where the higher-metallicity objects formed a bitlater in the enrichment history of their parent gas clouds. A sample of thisbreakdown is shown in Fig. 1.24, where now we exclude the six most remote



1 Globular Cluster Systems 45clusters (Rgc > 50 kpc) that have no e�ect on the solution. No signi�cant netrotation is found for any metallicity subgroup except for the lowest-metallicitybin. For the intermediate-metallicity groups, notice (Table 1.6) the slight (butnot statistically signi�cant!) dip into net retrograde rotation. The middle binin particular is in
uenced strongly by the single object NGC 3201 (point atuppermost left). This particular cluster has a uniquely strong in
uence on thekinematical solution because of its location near the Solar antapex and largepositive radial velocity; it carries the highest statistical weight of any clusterin the entire sample. More will be said about this interesting and somewhatdeceptive subgroup below.

Fig. 1.24. Kinematics diagrams for the metal-poor clusters, divided by [Fe/H] in-tervals. Larger points indicate clusters with lower reddenings and thus better de-termined distances and  valuesA potentially more important trend, which does not depend on a singleobject, shows up in the very lowest metallicity bin. The metal-poorest clustersexhibit a strong and signi�cant net rotation. To �nd out where this signalis coming from, in Fig. 1.25 we combine all clusters more metal-poor than



46 W. E. Harris[Fe/H] = �1:7 and relabel them by distance as well. As noted above, we�nd that the objects with Rgc >� 15 kpc contribute little to the solution forV (but do a�ect the dispersion); it is the mid- to inner-halo objects whichdrive the rotation solution, even though some have low weight because ofuncertain distances. The result from Fig. 1.25 is V = (80 � 43) km s�1 { asurprisingly large positive value, considering that we would expect this setof clusters to be the oldest ones in the Galaxy, and that no other subgroupof low-metallicity clusters displays any signi�cant net rotation. The analysisof three-dimensional space motions by Dinescu et al. (1999) for a selectionof these clusters yields a similar result. They obtain V = (114� 24) km s�1for the metal-poor clusters with R < 8 kpc, formally in agreement with thesolution from the radial velocities alone.It seems necessary to conclude that the inner halo (0 { 4 kpc) has arotation speed of � 80 � 100 km s�1 regardless of metallicity: the MPCand MRC clusters move alike. Are we seeing here the traces of an ELS-styleformation epoch of collapse and spin-up in the inner halo, which (as SZ �rstclaimed) would have been less important further out in the halo?Still another way to plot this trend is shown in Fig. 1.26. Here, we startwith the list of all 94 clusters with [Fe/H] < �0:95 and known velocities,sort them in order of metallicity, and solve for rotation V using the �rst 20clusters in the list. We then shift the bin downward by one object (droppingthe �rst one in the list and adding the 21st) and redo the solution. We shiftthe bin down again, repeating the process until we reach the end of thelist. Clearly any one point is not at all independent of the next one, butthis moving-bin approach is an e�ective way to display any global trendswith changing metallicity. What we see plainly is the clear net rotation ofthe lowest-metallicity subpopulation, which smoothly dies away to near-zerorotation for [Fe/H] >� �1:7. (NB: The apparently sudden jump into retrograderotation at [Fe/H] ' �1:6 is, once again, due to NGC 3201, which enters thebin in that range. If this cluster is excluded, the net rotation stays strictlynear zero across the entire range.)A minor additional point (shown in the lower panel of Figure 1.26) isthat the mean galactocentric radius decreases slightly as the metallicity ofthe bin shifts from the most metal-poor objects to the less metal-poor end.This trend is simply the result of the fact that there is a small metallicitygradient in the MPC system (Section 1), with the most metal-poor objectslocated more frequently at larger radii.1.3.4 Retrograde Motion: Fragments and SidetracksThough the ELS-style formation picture may still hold some validity for theGalaxy's inner halo (Rgc <�R0), very di�erent ideas began to emerge for theouter halo especially in the literature of the past decade. Numerous pieces ofevidence, as well as theoretical ideas, arose to suggest that much of the halomight have been accreted in the form of already-formed satellite fragments,
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Fig. 1.25. Kinematics diagram for the extreme low metallicity clusters ([Fe/H]< �1:7). The solid line indicates the formal solution V = 80 km s�1 for thisgroup of objects. Filled symbols are ones within 15 kpc of the Galactic center, opensymbols are ones outside 15 kpceach one of which would now be stretched out around the halo in a thin tidalstreamer (see, for example, Majewski et al. 1996; Johnston 1998; Grillmair1998, for review discussions with extensive references).The particular relevance of these ideas to the globular clusters beganwith a comment by Rodgers & Paltoglou (1984) that the clusters in themetallicity range �1:4 > [Fe/H] > �1:7 not only had a small anomalousretrograde rotation, but that most of them also had similar horizontal-branchmorphologies. These objects included clusters like M3, NGC 3201, NGC 7006,and several others with HBs that are well populated across the RR Lyraeinstability strip. By contrast, intermediate-metallicity clusters like M13 (withextreme blue HBs) did not show this collective retrograde rotation. Rodgers &Paltoglou speculated that the \anomalous" group might have had a commonorigin in a small satellite galaxy that was absorbed by the Milky Way ona retrograde orbit.7 They suggested that by contrast, the M13-type clusterswith prograde or near-zero rotation were the \normal" ones belonging to the7 It should be noted that individual clusters with retrograde orbits are certainly notunusual: since the halo velocity dispersion is high and it is basically a pressure-supported system (high random motions and low overall rotation speed), therewill be a large mix of both prograde and retrograde orbits to be found. Theissue here is that it is hard to see how a collective retrograde motion of an entireidenti�able group of clusters could have arisen in any other way than accretionafter the main in situ star formation phase of the halo.
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Fig. 1.26. Rotation speed plotted against mean [Fe/H], for the \moving bin" cal-culation described in the text. Over the interval �2:3<� [Fe/H] <� � 1:7, note thesmooth decline in V . Each bin contains 20 clustersMilky Way halo from the beginning. The broader idea extending beyond thisparticular subset of clusters was that many individual ancestral satellites ofthe Galaxy might exist, and might still be identi�ed today: to quote Rodgers& Paltoglou, \To be identi�ed now as a component of the galactic outerhalo, a parental galaxy must have produced a signi�cant number of clustersin which a small range of metallicity is dominant and must have su�cientlydistinct kinematics".This idea was pursued later in an in
uential paper by Zinn (1993a) andagain by Da Costa & Armandro� (1995). To understand it, we need to referback to the HB morphology classi�cation diagram of Fig. 1.9. In this diagram,the \normal" relation between HB type and metallicity is de�ned by theobjects within Rgc <� 8 kpc. The M3-type clusters further out in the halo and



1 Globular Cluster Systems 49with generally redder HBs fall to the left of this normal line. The Rodgers& Paltoglou sample is drawn from the metallicity range �1:4 to �1:7, andindeed it can be seen that most of the clusters in that narrow horizontalcut across Fig. 1.9 belong to the red-HB group. Zinn, using the assumptionthat HB morphology is driven primarily by age for a given [Fe/H], called thenormal ([Fe/H] < �0:8, blue-HB) clusters the Old Halo and the redder-HBones the Younger Halo (though the latter group is not intended to be thoughtof as \young" in an absolute sense). If interpreted this way through typicalHB models (e.g. Lee et al. 1994) { that is, if age is the dominant secondparameter in Fig. 1.9 { then the Younger Halo clusters would need to beanywhere from � 2 to 5 Gyr younger than the Old Halo.Zinn compared the kinematics of these two groups, �nding V = �64� 74km s�1 for the Younger Halo and V = 70� 22 km s�1 for the Old Halo, aswell as a noticeably lower dispersion �los for the Old Halo. Developing theSZ formation picture further from these results, Zinn concluded \It seemslikely ... that some of the outlying [protogalactic, gaseous] fragments escapeddestruction, remained in orbit about the collapsed Galaxy, and evolved intosatellite dwarf galaxies ... it is proposed that such satellite systems were thesites of the formation of the Younger Halo clusters".Almost simultaneously, van den Bergh (1993a,b) used a di�erent typeof graphical analysis of kinematics to isolate rather similar subgroups, oneof which (corresponding roughly to the Zinn Younger Halo) he postulates tohave retrograde-type orbits. Van den Bergh went even further along the sameline to envisage a single large ancestral fragment for these: \... the hypothet-ical ancestral galaxy that formed ... clusters with M3-like color-magnitudediagrams merged with the main body of the protoGalaxy on a plunging ret-rograde orbit".It appears to me that these interpretations are quite risky, and that weneed to take a fresh look at the actual data upon which they are built. Thereare at least two serious problems:� The interpretation of HB morphology as a fair indication of cluster age(Lee et al. 1994; Chaboyer et al. 1996) is not proven; in fact, more recentevidence based directly on deep main-sequence photometry of clusters ineach of the two groups suggests just the opposite in at least some cases.The clusters M3 and M13, with similar chemical compositions and dif-ferent HB morphologies, form a classic \second parameter" pair. Precisedi�erential main sequence �tting (Catelan & de Freitas Pacheco 1995;Johnson & Bolte 1998; Grundahl et al. 1998) indicates that these clus-ters have the same age to within the � 1 Gyr level which is the currentprecision of the technique. The still more extreme second-parameter trioNGC 288/362/1851 (e.g., Stetson et al. 1996; Sarajedini et al. 1997) mayexhibit an age range of � 2 Gyr. Other recent studies of red-HB clustersin the outermost Milky Way halo (Stetson et al. 1999) and in the LMCand Fornax dwarf (e.g., Johnson et al. 1999; Olsen et al. 1998; Buonanno



50 W. E. Harriset al. 1998) with moderately low metallicities show age di�erences relativeto M3 and M92 that are modest, at most 2 Gyrs and often indistinguish-able from zero. In short, the hypothesis that cluster age is the dominantsecond parameter may indeed work for some clusters but does not seemto be consistent with many others. Additional combinations of factorsinvolving di�erent ratios of the heavy elements, mixing, rotation, heliumabundance, or mass loss will still need to be pursued much more carefully(cf. the references cited above).We should not continue to use the terms \old" and \young" for thesegroups of clusters; in what follows, I will refer to them instead as theblue-HB and red-HB groups.� The \retrograde rotation" of the red-HB group (Table 1.6) is not statisti-cally signi�cant. We also need to ask how it arises in the �rst place. Theformally negative rotation of the red-HB group is driven very stronglyby the single object NGC 3201, which (as we saw above) has a uniquelypowerful in
uence on the kinematical solutions for any group it is putinto. Taking NGC 3201 out of the sample (see Table 1.6) turns out tochange V (rot) by a full +70 km s�1, changing the retrograde signatureto a prograde one.8 Neither the prograde or retrograde value is, however,signi�cantly di�erent from zero.Some of these points are demonstrated further in Fig. 1.27. Here, we showthe kinematics diagrams for the two groups of clusters. To make the groupsas strictly comparable as possible, we draw each one strictly from the samezone of the halo, 8 kpc < Rgc < 40 kpc, and ignore the blue-HB clusters inthe inner halo. We see from the �gure that neither sample has a signi�cantrotation, either prograde or retrograde, whether or not we choose to removeNGC 3201 (though it is evident from the graphs just how in
uential that onecluster is).True retrograde orbits are notoriously hard to deduce from radial veloc-ities alone (NGC 3201 is one of the rare exceptions). This type of analysiswould bene�t greatly from reliable knowledge of absolute proper motions ofthese clusters, from which we can deduce their full three-dimensional spacemotions. Proper motions (�� ; ��) now exist in �rst-order form for almost 40clusters, from several recent studies notably including Cudworth & Hansen(1993); Odenkirchen et al. (1997); and Dinescu et al. (1999); see Dinescu etal. for a synthesis of all the current results with extensive references. We canemploy these to make useful classi�cations of orbital types (clearly prograde,clearly retrograde, or plunging) and the general range of orbital eccentricities.In the new orbital data summarized by Dinescu et al. (1999), we �nd 10 BHB8 We can, of course, treat the BHB group similarly by removing the single mostextreme point (in this case, NGC 6101) and redoing the solution. V (rot) changesfrom (55 � 58) to (88 � 54) km s�1, a statistically insigni�cant di�erence. Thistest veri�es again that NGC 3201 has a uniquely strong in
uence on whateverset of objects it is included with.
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Fig. 1.27. Upper panel: Rotation solution for the outer-halo (8� 40 kpc) clusterswith blue HB types. Lower panel: Rotation solution for outer-halo clusters with redHB types; note NGC 3201 at upper left



52 W. E. Harrisclusters and 6 RHB clusters with Rgc > 8 kpc. For the BHB subset, the meanorbital eccentricity is hei = 0:66�0:06 and energy is hEi = �(5:2�0:9)�104km2 s�2. For the RHB subset, these numbers are hei = 0:65 � 0:07 andhEi = �(5:2 � 0:9) � 104 km2 s�2. In the BHB group, we �nd 5 progradeorbits, 3 retrograde, and 2 \plunging" types; in the RHB group, there are 3prograde, 1 retrograde, and 2 plunging.All these comparisons suggest to me that the two groups have no large col-lective di�erences in orbital properties; the rather modest di�erences in meanrotation speed are driven strongly by small-sample statistics. In addition, thenormal assumption of an approximately isotropic orbital distribution for thehalo clusters still seems to be quantitatively valid.Where does this analysis leave the search for remnants of accreted satel-lites in the halo? My impression { perhaps a pessimistic one { is that distinctmoving groups have proven almost impossible to �nd (if they exist in the �rstplace) from the analyses of globular cluster motions. Once we start subdivid-ing our meager total list of halo clusters by all the various parameters such asmetallicity, spatial zones, or CMD morphology, the selected samples quicklybecome too small for statistically signi�cant di�erences to emerge. The oneoutstanding exception is of course the four Sagittarius clusters, which are aphysically close group that has not yet been tidally stretched out all aroundthe halo. But even here, one suspects that they would not yet have beenunambiguously realized to be part of a single system if their parent dwarfgalaxy had not called attention to itself. If Sagittarius is a typical case ofan accreted satellite, then we could reasonably expect that any others in thepast would have brought in similarly small numbers of globular clusters { one,two, or a handful at a time { and thus extremely hard to connect long afterthe fact. My conclusion is that, if accreted remnant satellites in the halo areto be identi�ed from this type of analysis, they will have to emerge from thestudy of halo �eld stars (e.g., Majewski et al. 1996), for which vastly largerand more statistically signi�cant samples of points can be accumulated.Three-dimensional space velocities would also, of course, be immenselyvaluable in the search for physically connected moving groups of clusters.Majewski (1994) notes that \the key test of common origin must come withorbital data derived from complete space velocities for these distant objects".Direct photometric searches for \star streams" trailing ahead of or behinddisrupted satellites, have been proposed (see the reviews of Grillmair 1998;Johnson 1998). However, numerical experiments to simulate tidal strippingindicate that these disrupted streams would be thinly spread across the sky,enough so that they would be visible only for the largest satellites such asSagittarius and the LMC.1.3.5 Orbits in the Outermost HaloFinding traces of disrupted satellites that are still connected along an orbitalstream should be easiest in the outermost halo where the satellites originally



1 Globular Cluster Systems 53resided and where the orbital timescales are the longest. It has been proposedseveral times, for example, that the Magellanic Clouds are connected along agreat circle with other objects including the dwarf spheroidal satellites Draco,Ursa Minor, and Carina, and the small clusters Palomar 12 and Ruprecht 106(Kunkel & Demers 1975, 1977; Lynden-Bell 1976). A similar stream compris-ing Fornax, Leo I and II, Sculptor, Palomar 3, Palomar 4, and AM-1 has beenproposed (Majewski 1994; Lynden-Bell & Lynden-Bell 1995; Fusi Pecci et al.1995). Correlation analyses of the radial velocities and locations of all theglobular clusters and dwarf satellites have been carried out (Lynden-Bell &Lynden-Bell 1995; Fusi Pecci et al. 1995), with the result that several possibleorbital \groups" have been proposed, usually containing just three or fourclusters each. At this stage it is unclear how real any of these groups mightbe. (It is noteworthy, however, that this analysis successfully connected theSagittarius clusters before the dwarf galaxy itself was found.)From the viewpoint of space distribution alone, it is unquestionably truethat the objects beyond Rgc � 60 kpc are not isotropically distributed aroundthe Galaxy. Most of these objects do lie moderately close to a single plane (theFornax-Leo-Sculptor stream) which is nearly perpendicular to the Galacticplane. (It should be kept in mind that their distribution is \planar" only ina relative sense; the thickness of the plane is about 50 kpc and the diame-ter about an order of magnitude larger.) This stream is shown in Fig. 1.28(adapted from Majewski 1994), where we are looking at it in an orientationwhich minimizes the side-to-side spread in locations: we select a new axisX 0 = X cos� + Y sin� where � is the coordinate rotation angle between theX;X 0 axes and nowX;Y are measured relative to the Galactic center. For theFornax-Leo-Sculptor stream, Majewski (1994) �nds � ' 50�. An alternate,and intriguing, interpretation of the strongly prolate distribution of thesesatellites is that they delineate the shape of the outermost dark matter haloof the Milky Way (see Hartwick 1996 for a kinematical analysis and completediscussion of this possibility).1.3.6 Some ConclusionsA summary of the essential points that we have discussed in this section maybe helpful.� Mean rotation speeds and orbital velocity dispersions can be usefully es-timated from cluster radial velocities and properly designed kinematicsdiagrams. The main sources of uncertainty in these plots are (a) uncer-tainties in the measured cluster distances, which are important for highlyreddened clusters in the inner halo; and (b) the small numbers of pointsin any one subsample. Unfortunately, we can do nothing to improve oursample size of clusters, but the kinematics of the halo can also be studiedthrough much larger samples of �eld stars.
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Fig. 1.28. Locations of remote satellites around the Milky Way: solid dots are haloclusters, crosses are dwarf galaxies. TheX 0 axis is rotated 50� counterclockwise fromthe normal X�axis, so that we are looking nearly parallel to the proposed Fornax-Leo-Sculptor plane. Note that X;Y here are measured relative to the Galacticcenter� The metal-rich (MRC) clusters have a strong systemic rotation with twoweakly distinguishable subcomponents: an inner (0 � 4 kpc) bulge-likesystem with V (rot) � 90 km s�1, and an outer (4� 8 kpc) system withV (rot) � 150 km s�1 somewhat more like the thick disk.� The most metal-poor (MPC) clusters, those with [Fe/H] <� � 1:7, have asystemic prograde rotation of V (rot) � 80� 100 km s�1, somewhat likethe MRC bulge population.� Individual clusters with retrograde orbits certainly exist, but:� There are no unambiguous subgroups of clusters that have systemic ret-rograde rotation that are identi�able on the basis of Galactocentric dis-tance, metallicity, or HB morphology. Previous suggestions of such retro-grade groups seem to have arisen because of the unfortunate and uniquelystrong in
uence of the single cluster NGC 3201 { again, a consequence ofthe small samples of objects and the e�ects of rare outliers on statisticaldistributions.� To �rst order, the mid-to-outer halo MPC clusters can reasonably be de-scribed as forming a system with small net rotation and roughly isotropicorbit distribution. With the exception of the Sagittarius clusters, no \ac-



1 Globular Cluster Systems 55creted satellite" remnant groups have yet been reliably identi�ed fromthe clusters alone. The main hope for identifying such groups lies withthe analysis of �eld-star populations.� Several of the outermost clusters (Rgc > 50 kpc) may be part of anextremely large-scale orbital stream (the Fornax-Leo-Sculptor stream).� We urgently need more and better three-dimensional space motions forthe halo clusters, measured through accurate absolute proper motions.Such information will allow us to determine the systemic rotation V (rot)of the outer halo; the degree of anisotropy of the orbital distribution; thetrue fraction of retrograde orbits; and the identi�cation of true orbitalfamilies and tidal streams.1.4 THE MILKY WAY SYSTEM: DYNAMICS ANDHALO MASS PROFILEThere is no illusion more dangerous than the belief that the progress of scienceis predictable. Freeman Dyson1.4.1 The Orbit DistributionIt is obvious from the large line-of-sight velocity dispersions quoted in theprevious section that the globular clusters do not have circular or true disklikeorbits as a group (though a few individual ones may). Neither do they haveplunging, purely radial orbits as a group, since the large tangential motions ofmany of them are obvious. From the near-uniformity of the observed �los inany direction through the halo, we normally assume the orbital distributionto be isotropic (that is, �U ' �V ' �W along any three coordinate axes). Thebest current evidence (Dinescu et al. 1999, from measurement of the three-dimensional space motions of the clusters) continues to support the isotropicassumption.Another diagnostic of the cluster orbits which was used early in the sub-ject (e.g., von Hoerner 1955; Kinman 1959b) and recently revived by van denBergh (1993a,b) is the velocity ratiou0 = vr(LSR)V (r) (1.23)where V (r) is the rotation speed for circular orbits at distance r from theGalactic center; and vr is the radial velocity of the cluster relative to a sta-tionary point at the Sun, as used in the previous Section. Now also let ' bethe angle between Sun and Galactic center (GC), as seen from the cluster,cos' = r �R0 cosb cos`(r2 + R20 � 2rR0 cosb cos`)1=2 : (1.24)



56 W. E. Harris(see Fig. 1.29). If the cluster is on a circular orbit, then clearly vr(LSR) =V sin'. However, if it is on a purely radial orbit with respect to the GC, thenvr(LSR) = V cos', and if u0 >�p2 for such cases then nominally the clusterwould be on an escape orbit if there were no additional halo mass outsideits current location. Figure 1.30 shows the distribution of ratios u0 against' for the clusters in two di�erent areas of the halo, where we have assumedV0 � 220 km s�1 for all Rgc. Objects near the left-hand side of the diagrammust be on strongly radial orbits, while ones on the right-hand side must beon more nearly circular orbits. The wide range of locations across the diagramcon�rms that neither purely radial nor circular orbits are dominant, and thefact that almost all the points stay comfortably below the upper envelopeu0 = p2 indicates { as it should { that they are well within the limits ofbound orbits.

Fig. 1.29. Geometric de�nition of the angle ' between Sun and Galactic center(GC), as seen from the globular cluster C. The circle on the Galactic XY plane hasradius R01.4.2 The Mass of the Halo: FormalismEarly in the history of this subject, it was realized that the radial veloci-ties of the globular clusters provided an extremely e�ective way to estimatethe mass pro�le of the Galaxy out to large distances. Roughly speaking, the
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Fig. 1.30. Velocity-ratio diagram for cluster orbits as de�ned in the text. Anycluster on a purely circular orbit around the GC would lie on the dashed line u0 =sin '. The solid line, u0 = 21=2 cos ', would be the locus of clusters on purely radialescape orbits if there were no additional halo mass outside their current locationvelocity dispersion �v of a group of clusters at distance r from the Galac-tic center re
ects the total mass M(r) enclosed within r, GM(r)=r � �2v .Knowing �v , we may then invert this statement and infer M(r). The �rstcomprehensive attempt to do this was by Kinman (1959b), with later andprogressively more sophisticated analyses by (among others) Hartwick & Sar-gent (1978), Lynden-Bell et al. (1983), Little & Tremaine (1987), and Zaritskyet al. (1989). The limits to our knowledge of the halo mass pro�le are nowset by our lack of knowledge of the true three-dimensional space motions ofthe clusters.Interested readers should see Fig. 6 of Kinman (1959b), where the clustervelocity dispersions are used to plot the M(r) pro�le in much the same wayas is done here. Kinman's graph provides the earliest clear-cut evidence thatI am aware of that M(r) grows linearly out to at least r � 20 kpc in ourGalaxy, thus showing the existence of its \dark-matter" halo { although itwas not interpreted as such at the time. It was only 15 to 20 years later thatastronomers routinely accepted the dominance of unseen matter in galaxies,although the key observations were in front of them, in basically correct form,far earlier.Turning the �rst-order virial-theorem argument above into a quantitativeformalism can be done in a variety of ways. Always, a major source of un-certainty is that we observe only one component of the true space velocity.Here, I will set up the formal analysis of the particle velocity distributionwith an approach adapted from Hartwick & Sargent (1978); it has the ad-vantage of physical clarity, and of displaying the key geometric parameters of



58 W. E. Harristhe mass distribution in explicit form. Readers should see Little & Tremaine(1987) and Zaritsky et al. (1989) for alternate modern formulations based onBayesian statistics.Consider a system of particles orbiting in the halo with number densityin phase space f(xi) with position and velocity coordinates xi (i = 1; : : : ; 6).The particles are imagined to be dominated by internal random motions (thatis, they have a high radial velocity dispersion relative to the Galactic center,which provides the main support of the system against gravity), and thedistribution is explicitly assumed time-independent, @f=@t = 0. At this pointwe also assume a roughly spherical mass distribution so that the potentialenergy is U = U(r). We impose the appropriate physical boundary conditionthat f ! 0 as xi ! 1 for any coordinates or velocities. Finally, we adoptspherical polar coordinates (r; �; ') and velocity components (R;�; �).The collisionless Boltzmann equation for such a system is thendfdt = 0 = _r @f@r + _R @f@R + _� @f@� + _�@f@� (1.25)(see, for example, Chp. 4 of Binney & Tremaine 1987), and where we havealready dropped any derivatives @=@�; @=@' from spherical symmetry. Wecan write the various force components as derivatives of the potential energy,Fr = �@U@r = _R� �2r � �2r (1.26)F� = 0 = �1r @U@� = _� + R�r � �2r cot � (1.27)F' = 0 = � 1rsin� @U@' = _�+ R�r + ��r cot � (1.28)When we use these to substitute expressions in for _R; _�; _�, the Boltzmannequation becomes0 = R@f@r + ��2 + �2r � dUdr � @f@R + 1r��2cot � � R �� @f@�� 1r �R� + � � cot �� @f@� � g(r; R;�; �) (1.29)Next take the �rst R�moment of this equation and integrate over all veloci-ties:0 = ZR Z� Z� g � R dR d� d� (1.30)and also de�ne the number density �(r) (number of particles per unit volumeof space) as� � ZR Z� Z� f � dR d� d� ; (1.31)



1 Globular Cluster Systems 59and in general de�ne the mean of any quantityQ as hQi � 1� R Q f dR d� d�.When we carry out the integration in Eqn. 1.30, we �nd that several ofthe terms conveniently vanish either from symmetry or from our adoptedboundary conditions (we will leave this as a valuable exercise for the reader!),and the remainder reduces to0 = ddr ��hR2i�� �r h�2 + �2i+ � dUdr + 2 �r hR2i : (1.32)Now we can put in the radial force componentdUdr = G M(r)r2 (1.33)where M(r) is the mass contained within radius r, and we reduce (1.32)further toG M(r) = r hR2i h�2 + �2ihR2i � r� d�dr � rhR2i dhR2idr � 2! : (1.34)The second and third terms in the brackets of (1.34) can be simpli�ed fornotation purposes if we denote them as � and �, such that the density of theGCS is assumed to vary with radius as � � r�, and the radial velocity disper-sion as hR2i � r� . We can also recognize that the halo has some net rotationspeed �0 such that the tangential velocity can be broken into rotational andpeculiar (random) parts,� = �0 + �p (1.35)h�2i = �20 + h�2pi (1.36)and �nally for notation purposes we de�ne the anisotropy parameter� � h�2p + �2ihR2i : (1.37)For purely radial orbits, clearly �! 0, and for isotropically distributed orbitswhere all three random velocity components are similar, � = 2. With thesevarious abbreviations, the simpli�ed moment of the Boltzmann equation takesthe �nal form that we need,G M(r) = hri hR2i��� �� � + �20hR2i � 2� : (1.38)The quantities on the right-hand side represent the characteristics of ourtracer population of particles (the globular clusters), while the single quantityon the left (M(r)) represents the gravitational potential to which they arereacting. This form of the equation displays rather transparently how thededuced massM(r) depends on the radial velocity dispersion hR2i of a set ofpoints with mean Galactocentric radius hri; on the orbit anisotropy � and therotation speed �0; and on the density distribution � and radial dependence



60 W. E. Harrisof the velocities �. It is easier to achieve a given radial velocity dispersionif the cluster orbits are more purely radial (smaller �, thus smaller enclosedmass M). Similarly, a steeper halo pro�le (more negative � or �) or a largersystemic rotation speed �0 will lead to a larger mass for a given velocitydispersion.Can we simplify this relation any further? On empirical grounds we expectfrom our accumulated evidence about the Galaxy to �nd roughly isotropicorbits � � 2, a nearly isothermal halo and thus constant velocity dispersion� � 0, and a small halo rotation �20 � hR2i. Thus as a �rst-order guess atthe mass distribution we might expect very crudelyG M(r) ' �� hri hR2i : (1.39)At this point, we could now select groups of clusters at nearly the sameradial range hri, calculate their velocity dispersion hR2i, and immediatelydeduce the enclosed mass M(r). We will see below, however, that it will bepossible to re�ne this guess and to place somewhat better constraints on thevarious parameters.1.4.3 The Mass of the Halo: ResultsTo calculate the mass pro�le M(r) for the Milky Way, we will now use theradial velocity data for all the MPC clusters ([Fe/H] < �0:95), which forma slowly rotating system dominated by internal random motions. We will, ofcourse, �nd that we rapidly run out of clusters at large r, just where we aremost interested in the mass distribution. To help gain statistical weight, wewill therefore add in the data for nine satellites of the Milky Way, recognizingfully (see the previous Section) that the orbital motions of some of thesemay well be correlated. These nine include the Magellanic pair (LMC+SMC)plus the dwarf spheroidals more remote than � 50 kpc from the Galacticcenter (Draco, Ursa Minor, Carina, Sextans, Sculptor, Fornax, Leo I and II).Furthermore, we will also put in data for 11 remote RR Lyrae and horizontal-branch stars in the halo in the distance range 40 kpc < r < 65 kpc, as listedby Norris & Hawkins (1991). To keep track of the possibility that these latterhalo �eld stars might have (say) a di�erent anisotropy parameter � than theclusters, we will keep them in a separate bin from the clusters.The relevant data for the dwarf satellites are summarized in Table 1.7.Successive columns list the Galactic latitude and longitude in degrees; themeasured horizontal-branch magnitude VHB of the old-halo or RR Lyraestars; the foreground reddening; the intrinsic distance modulus and meanmetallicity of the stars; and the heliocentric radial velocity (km s�1). For allbut the LMC and Leo I, the distance is calculated from VHB and our adoptedprescription MV (HB) = 0:15[Fe/H] + 0.80. For Leo I, the distance estimaterelies on the I�band magnitude of the RGB tip.The velocity dispersion data and calculated mass pro�le are listed in Table1.8. Here, the MPC clusters have been divided into radial bins with roughly a



1 Globular Cluster Systems 61Table 1.7. Dwarf satellites of the Milky WaySatellite ` b VHB EB�V �0 [Fe/H] vr SourcesLMC 280.47 �32:89 19.20 0.06 18.54 245.0 1,2UrsaMinor 104.95 44.80 19.90 0.01 19.37 �2:2 �247:4 3,4Sculptor 287.54 �83:16 20.10 0.03 19.46 �1:8 109.9 5,6Draco 86.36 34.71 20.10 0.02 19.54 �2:1 �293:3 4,7Sextans 243.50 42.27 20.36 0.03 19.75 �2:05 227.9 8,9Carina 260.11 �22:22 20.65 0.03 19.96 �1:52 223.1 10,11Fornax 237.10 �65:65 21.25 0.02 20.64 �1:4 53.0 12,13Leo II 220.17 67.23 22.18 0.02 21.52 �1:9 76.0 14,15Leo I 225.98 49.11 22.75: 0.02 22.18 �2:0 285.0 16,17Sources: (1) This paper (Section 2) (2) NASA Extragalactic Database (NED) (3)Nemec et al. 1988 (4) Armandro� et al. 1995 (5) Da Costa 1984 (6) Queloz et al.1995 (7) Carney & Seitzer 1986 (8) Suntze� et al. 1993 (9) Mateo et al. 1995 (10)Smecker-Hane et al. 1994 (11) Mateo et al. 1993 (12) Smith et al. 1996 (13) Mateoet al. 1991 (14) Mighell & Rich 1996 (15) Vogt et al. 1995 (16) Lee et al. 1993b(17) Zaritsky et al. 1989dozen objects per bin; successive columns list the mean Galactocentric radius,number of clusters in the bin, mean radial velocity dispersion, and enclosedmass determined as described below.Table 1.8. Radial velocity dispersion pro�lehRgci (kpc) n hR2i1=2 M(r) (1011M�) Comment1:33 � 0:12 14 133� 24 0:17 � 0:032:38 � 0:10 8 136� 32 0:31 � 0:083:83 � 0:14 12 99 � 19 0:30 � 0:065:55 � 0:20 9 80 � 18 0:31 � 0:077:55 � 0:26 10 127� 27 0:88 � 0:1910:4 � 0:28 9 145� 33 1:40 � 0:3216:3 � 0:71 15 135� 24 1:88 � 0:3429:2 � 2:1 10 141� 30 3:93 � 0:8853:8 � 2:5 11 112� 22 4:94 � 1:03 RR Lyraes95:1 � 8:1 6 109� 30 8:97 � 2:61 Outer GCs only71:0 � 6:2 5 113� 34 6:95 � 2:22 GCs + dSph131:0 � 20:7 10 87 � 19 8:28 � 2:19 GCs + dSphIn Fig. 1.31, we �rst show the r.m.s. velocity dispersion hR2i1=2 plottedagainst Galactocentric distance. The velocities R are the radial velocities ofthe clusters after removal of the LSR motion V0, i.e. they are the same as�los used in the discussion of kinematics in Section 3. From the graph, we



62 W. E. Harrissee that � stays nearly uniform at � 130 km s�1 for r <� 50 kpc and thendeclines gradually at larger distances. An extremely crude �rst-order modelfor this behavior would be a simple isothermal halo for which the velocitydispersion � � const and M(r) increases in direct proportion to r, out tosome truncation limit rh beyond which the density is arbitrarily zero. Atlarger distances the velocity dispersion would then decline as � � r�1=2.For a choice of halo `limiting radius' rh ' 60 kpc, this oversimpli�ed modelactually represents the data points quite tolerably. Whether or not we excludethe �eld-star point (labelled RR) makes little di�erence, suggesting that thereare probably no gross intrinsic di�erences between the clusters and �eld stars.

Fig. 1.31. Radial velocity dispersion (line-of-sight relative to a �xed point at theSun) plotted against Galactocentric distance. The point labelled `RR' is for the 11�eld RR Lyrae and HB stars described in the text. The point labelled `GC' is forthe six most remote clusters without including any of the dwarf satellite galaxies.The dashed line shows the expected trend for the velocity dispersion if the halowere ideally isothermal out to a radius rh � 60 kpc, and then truncated abruptlythere.For our �nal calculation of the mass pro�le M(r), we employ Eqn. 1.38and add in what we know about the space distribution and kinematics of ourtest particles, the globular clusters:� From Fig. 1.3, we see that the space density exponent � steepens smoothlyfrom an inner-halo value of ' �2 up to �3:5 in the outer halo.



1 Globular Cluster Systems 63� For the anisotropy parameter, we have � = 1:2�0:3, determined directlyfrom the three-dimensional space motions summarized by Dinescu et al.(1999). This value represents a mild anisotropy biased in the radial di-rection, and appears not to di�er signi�cantly with location in the halo,at least for the metal-poor clusters that we are using.� The rotation velocity �0 is ' 80 km s�1 for R<� 8 kpc and ' 20 km s�1for R>� 8 kpc (see Section 3 above).� Lastly, we adopt � ' 0 since no strong variation of velocity dispersionwith radius is evident.The resulting mass pro�le is shown in Fig. 1.32. As expected,M(r) growslinearly for r <� 40 kpc but then increases less steeply, reaching � (8 � 2) �1011M� at R � 100 kpc.An extra useful comparison { at least for the inner part of the halo { isour knowledge of the rotation speed of the Galactic disk, V0 = 220 km s�1roughly independent of radius. Within the region of disk/halo overlap, wecan then writeG M = r V 20 (1.40)which becomes M(r) = 1:13 � 1010M� r(kpc). This relation matches theGCS dispersion data in Fig. 1.32 extremely well for r <� 50 kpc.With the foregoing arguments, we have been able to extend the masspro�le for the Milky Way outward to about three times further than in Kin-man's original attempt 40 years ago. However, our suggestion that the halodensity begins to \die" somewhere around rh � 60 kpc is risky, since wedo not know if our model assumptions apply to the outermost objects. Themotions of several of these clusters and dwarf satellites may be correlated(see Section 3), which would invalidate our adopted values for �, �0, andhR2i. Perhaps equally important is that the most remote single object in ourlist, Leo I, may not be bound to the Galaxy (see Lee et al. 1993b; Zaritskyet al. 1989). Of the dozen most remote objects, Leo I has both the largestdistance (Rgc = 277 kpc) and largest velocity (vr = 175 km s�1) and thuscarries signi�cant weight in the solution by itself. There is no way to rule outthe likely possibility that it is simply a dwarf moving freely within the LocalGroup, like others at similar distances from M31. To marginally bind Leo Ito the Milky Way would require M(total) >� 1012M� within 100 kpc, whichin turn would be marginally inconsistent with the mass given by all the otherremote satellites if their motions are independent and roughly isotropic.A widely used analytic model for dark-matter halos with some basis incosmological N-body simulations is that of Navarro et al. (1996; denotedNFW), giving a density pro�le�(r) = �0rrs �1 + rrs�2 (1.41)
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Fig. 1.32. Mass pro�le for the Milky Way halo, with the \best �t" set of parametersdiscussed in the text. The dashed line is an NFW model halo for a characteristicradius rs = 7 kpcwhere the free parameter rs is a scale radius chosen to �t the galaxy con-cerned. Integration of this spherically symmetric pro�le yields for the enclosedmassM(r) = const 0@ln�1 + rrs� � (r=rs)�1 + rrs�1A (1.42)An illustrative mass pro�le for this model is shown in Fig. 1.32 as the dashedline; for the Milky Way halo, a suitable scale radius is evidently near rs � 7kpc. At large radius, the NFW model pro�le falls o� as � � r�3 and theenclosed mass M(r) keeps growing logarithmically with r. Whether or notthe real Milky Way halo genuinely agrees with this trend, or whether thereis a steeper cuto� in the density pro�le past Rgc � 60 kpc, is impossibleto say at present. Some guidance may be obtained from measurements ofthe halo surface density of M31 along its minor axis by Pritchet & van denBergh (1994), who �nd that the halo light drops more steeply (more like� � r�5 at large projected radius) than the NFW model. If the same is truefor the Milky Way, then we might anticipate that the halo mass `converges'somewhere near 8� 1011M�.



1 Globular Cluster Systems 65A promising avenue to determining the total mass of the Galaxy moreaccurately would be to obtain true three-dimensional space motions for theoutermost satellites. Absolute proper motions have been obtained for theMagellanic Clouds (e.g., Kroupa & Bastian 1997a,b; Jones et al. 1994), lead-ing to a total mass estimate for the Galaxy (Lin et al. 1995) of � 5:5�1011M�within 100 kpc, consistent with what we have derived here. However, similardata for several of the much more distant ones will be needed for a reliableanswer to emerge.This rather frustrating state of uncertainty is where we will have to leavethe subject.1.5 THE MILKYWAY SYSTEM: THE LUMINOSITYFUNCTION AND MASS DISTRIBUTIONGenerally, researchers don't shoot directly for a grand goal ... [but] our piece-meal e�orts are worthwhile only insofar as they are steps toward some fun-damental question. Martin ReesThe integrated luminosity of a globular cluster is the cumulative light ofall its stars, and as such it is a direct indicator of the total cluster mass aslong as we know the total mass-to-light ratio. We will see later (Section 8)that the distribution of cluster masses is a major clue to understanding theirprocess of formation. In this section, we will investigate what this distributionlooks like, and see how it encouraged the �rst outward steps to comparisonsof globular cluster systems in other galaxies.1.5.1 De�ning the GCLFFor a whole ensemble of globular clusters, the relative number per unit mag-nitude is called the globular cluster luminosity function or GCLF.9 This dis-tribution is plotted in Fig. 1.33 for 121 Milky Way clusters with moderatelyreliable data (Harris 1996a; of 140 clusters with measured total magnitudesand distances, we reject 19 with extremely high reddenings). Formally, thetotal cluster magnitude MTV is independent of foreground absorption, as itis simply the di�erence between the apparent total magnitude and apparentdistance modulus, MTV = V T � (m�M)V . However, the quality of both V Tand the measured distance obviously degrades with increased reddening, forthe reasons discussed in Section 1. We note in passing that the zeropointof the luminosity scale varies directly with the adopted zeropoint of the RRLyrae distance scale (MV (HB) = 0.50 at [Fe/H] = �2:0; see Section 2),but the overall shape of the distribution is nearly independent of the [Fe/H]9 Do not confuse the GCLF with the number of stars per unit magnitude withinone cluster, which is the stellar luminosity function.



66 W. E. Harriscoe�cient of the distance scale since clusters of all metallicities lie at all lu-minosities. For example, arbitrarily adopting � = 0 for the slope of the RRLyrae luminosity calibration would change the peak point of the GCLF byless than 0.05 mag and have negligible e�ect on the standard deviation.

Fig. 1.33. Number of globular clusters per 0.2-magnitude bin, for the Milky Way.A Gaussian curve with mean MV = �7:4 and standard deviation � = 1:15 mag issuperimposed to indicate the degree of symmetry of the distributionThe GCLF is strikingly simple: unimodal, nearly symmetric, and ratherclose to a classic Gaussian shape. Very luminous clusters are rare, but (per-haps counterintuitively) so are faintest ones. The GCLF that we see todaymust be a combined result of the initial mass spectrum of cluster formation,and the subsequent >� 12 Gigayears of dynamical evolution of all the clus-ters within their parent galaxy. Do the features of the distribution depend inany obvious way on other observable quantities, or on which galaxy they arein? Is it a \universal" function? There are two immediate reasons for rais-ing these questions: the �rst, which we will take up again in Section 7, is touse the GCLF as a standard candle for extragalactic distance determination.The second and more astrophysically important reason, which we will explorefurther in Sections 8 and 9, is to investigate how globular clusters form.



1 Globular Cluster Systems 671.5.2 Correlations Within the Milky WayAn obvious starting point for the Milky Way clusters is to compare theGCLFs for the two major subpopulations (MRC and MPC). These are shownin Fig. 1.34. At �rst glance, the MRC distribution is the broader of the two,favoring fainter clusters a bit more once we take into account the di�erenttotal numbers. (An earlier comparison with less complete data is made byArmandro� 1989.) But an obvious problem with such a statement is that weare comparing groups of clusters with rather di�erent spatial distributions: allthe MRC clusters are close to the Galactic center, but roughly half the MPCclusters are in the mid-to-outer halo, where they have had the luxury to berelatively free of dynamical erosion due to bulge shocking, dynamical fric-tion, or even disk shocking. If we compare clusters of both types in the sameradial zone, we obtain something like what is shown in Fig. 1.35. Excludingthe thinly populated low-luminosity tail of the distribution (MTV > �6) andusing only the clusters within Rgc < 8 kpc, we �nd that the GCLFs are virtu-ally identical. In short, we have little reason to believe that cluster luminositydepends strongly on metallicity.We have a much better a priori reason to expect the GCLF to depend onGalactocentric distance, because the known processes of dynamical erosiondepend fairly sensitively on the strength of the Galactic tidal �eld. Thusin an idealized situation where all clusters were born alike, they would nowhave masses (luminosities) that were clear functions of location after enduringa Hubble time's worth of dynamical shaking. Other factors will, of course,enter to confuse the issue (the degree of orbital anisotropy might also changewith mean Rgc and thus modify the shocking rates; and in the absence of anyquantitative theory of cluster formation, we might also imagine that the massspectrum at formation could depend on location within the protoGalaxy).The distribution of luminosity MTV with location is shown in Fig. 1.36.Two features of the distribution are apparent to eye inspection: (a) the av-erage luminosity does change with location, rising gradually to a peak some-where around log Rgc � 0:9 and then declining again further outward; and(b) there is a progressive outward \spreading" of the distribution over a largerMTV range. These trends are roughly quanti�ed in Table 1.9, where the meanand standard deviation of the GCLF are listed for six rather arbitrarily se-lected radial bins. The last line gives the resulting parameters for the entirecombined sample excluding only the faintest few clusters (MTV > �4:5; cf. theGaussian curve with these parameters in Fig. 1.33). Other recent discussionsof the observations are given by Kavelaars & Hanes (1997), Gnedin (1997),and Ostriker & Gnedin (1997), who also �nd radial trends in the GCLF peakat the �0:2� 0:3 magnitude level and assert that these are likely to be dueto di�erences in their rates of dynamical evolution (assuming, of course, asimilar initial mass spectrum).
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Fig. 1.34. GCLFs for the metal-poor clusters (upper panel) and metal-rich clusters(lower panel) in the Milky Way. There are �ve additional clusters not shown herewhich have measured absolute magnitudes, but unknown metallicitiesTable 1.9. GCLF parameters versus Galactocentric distanceRgc Range N hMTV i �(MV )0 { 2 kpc 26 �7:28 � 0:18 0:93 � 0:122 { 5 kpc 40 �7:41 � 0:17 1:08 � 0:125 { 8 kpc 20 �7:46 � 0:27 1:21 � 0:188 { 15 kpc 17 �7:97 � 0:22 0:91 � 0:1515 { 42 kpc 22 �7:06 � 0:24 1:11 � 0:16> 60 kpc 6 �5:91 � 0:76 1:86 � 0:52All Rgc 131 �7:40 � 0:11 1:15 � 0:08



1 Globular Cluster Systems 69

Fig. 1.35. Cumulative luminosity distributions for Milky Way globular clusters,separated by metallicity. The metal-rich population (here labelled MRP) is shownas the solid dots, and the metal-poor population (MPP) as open circles. The fractionof the total in each group is plotted against MTV . Left panel: all clusters with knownluminosities are included. The di�erence between the two distributions is mainlyin the low-luminosity tail. Right panel: Clusters within 8 kpc of the Galactic centerand more luminous than MV = �6. No di�erence is apparent1.5.3 Dynamical E�ectsAny star cluster has a limited lifetime. Even if it is left in isolation, theslow relaxation process of star-star encounters will eject individual stars,while the more massive stars (and binaries) will sink inward in the potentialwell, driving a net energy 
ow outward and a steady increase in centralconcentration. The existence of a tidal cuto� imposed by the Galaxy willserve to enhance the process of stellar evaporation, and move the clustermore rapidly toward core collapse and eventual dissolution. An early phaseof cluster evolution that is not yet well understood is its �rst � 107 � 108 y,during which its initial population of high-mass stars evolves. In this stage,the residual gas left after cluster formation as well as most of the material inthe massive stars will be ejected through stellar winds and supernova, thusexpanding the cluster, enhancing tidal losses, and (possibly) leading it downthe road to rapid disruption.Closer in to the Galactic center, other mechanisms will become muchmore important. If a cluster is on a high-eccentricity orbit, the impulsiveshock received near perigalactic passage will pump energy into its stellar
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Fig. 1.36. Globular cluster luminosity versus location in the Galaxy, plotted asabsolute integrated magnitudeMTV versus log Rgc. MRC clusters are �lled symbols;MPC clusters are open symbols; and clusters with unknown metallicities are crossesorbits, hastening the overall expansion of the outer envelope of the cluster andthus its loss of stars to the �eld. In a disk galaxy, clusters on high-inclinationorbits will feel similar impulsive shocks, with similar destructive results; whileclusters that stay completely within the disk may encounter shocks fromgiant molecular clouds (GMCs) that have masses similar to theirs. Lastly, ifa cluster already relatively close to the galactic center �nds itself unluckilyin a rotating bar-like potential, it can be forced into a chaotic orbit whichcan at some point take it right through the nucleus of the galaxy and thusdissolve it at a single stroke (Long et al. 1992). Clusters that are less massive,or structurally more di�use, are more subject to these strong kinds of tidaldisruptions.Very close in to the galactic center, the classic e�ect of dynamical frictionalso takes hold (Tremaine et al. 1975). As the cluster moves through thegalactic bulge, the �eld stars are drawn towards it as it passes through. Aslight density enhancement of stars is created just behind the cluster, andthis acts as a slow gravitational brake on its motion, causing the cluster orbitto spiral in to eventual destruction in the nucleus. This e�ect works faster onmore massive clusters, and it is likely that any clusters (or dwarf galaxies)with M >� 108M� would not have survived if they passed anywhere withinthe disk or bulge of the Galaxy (cf. the references cited below).



1 Globular Cluster Systems 71The long list of erosive mechanisms makes the galaxy sound like a dan-gerous place indeed for a star cluster to live. Clearly all of these processesare operating simultaneously, but the strength and rapidity of each of themdepends strongly on the cluster's location within the halo or disk, its orbitaleccentricity, and its mass and initial structure. The overall concept that theclusters we see today are the hardiest \survivors" of some larger original pop-ulation was introduced by Fall & Rees (1977) and has dominated the thinkingin this subject since then. Ideally, we would like to perform a comprehensivenumerical simulation of an entire GCS in which all the various mechanismsare treated realistically over 1010 y, and thus �nd out what types of initialcluster distributions lead to GCSs like the one we see today. This is still aformidable task, not just because of sheer demands on computing power, butalso because the initial conditions are poorly known. (What was the originaldistribution of cluster masses and structures? How important are possibledi�erences in the stellar mass function (IMF) at formation? What was theinitial space distribution of clusters like, and what about their starting distri-bution of orbits?) The potential range of parameter space is huge, and musteventually be linked to a complete theory of cluster formation.Nevertheless, steady progress has been made, to the point where severalexcellent attempts at evolutionary syntheses have now been made. Recent ex-amples include Capriotti & Hawley (1996); Gnedin & Ostriker (1997); Murali& Weinberg (1997a,b,c); Vesperini (1997, 1998); Vesperini & Heggie (1997);Baumgardt (1998); and Okazaki and Tosa (1995), among others. These pa-pers are extremely valuable for illuminating the relative importance of thevarious mechanisms at di�erent places in the host galaxy.� At short distances (Rgc <� 1� 2 kpc), dynamical friction will remove themost massive clusters. At larger distances, dynamical friction becomesnegligible for the typical globular clusters we see today.� In the bulge and inner halo regions (Rgc <� 6 kpc), bulge shocking and diskshocking are the dominant e�ects, acting particularly to destroy lower-mass clusters (M <� 105M�) and to partially erode higher-mass ones.� At still larger distances out in the halo, all the processes generally weakento timescales longer than a Hubble time, and the slow mechanism of tidalevaporation becomes, somewhat by default, the dominant one.How much of the current GCLF shape has been produced by sheer dy-namical evolution is still unclear. It is reasonable to suspect that many moreclusters at low masses must have existed initially, but that the higher-massones have been more immune to removal. Interestingly, an initial power-lawmass distribution function such as dN=dM � M�2, with many low-massobjects, evolves quickly into something resembling the traditional Gaussianin (dN=d log M), and once the GCLF acquires this symmetric Gaussian-like form, it seems able to maintain that form for long periods (cf. Vesperini1998; Murali & Weinberg 1997c; Baumgardt 1998). Most of the lowest-massobjects (M <� 104M�) are disrupted even if they were initially present in large



72 W. E. Harrisnumbers. At higher masses, individual clusters evolve to lower mass and thusslide downward through the GCLF, rather slowly for high-mass clusters andmore quickly for the smaller objects at the low-mass tail. But the shapeof the overall distribution and the critical parameters (turnover point anddispersion) change rather slowly. Much more work remains to be done withdi�erent initial conditions to see how robust these �rst predictions are.1.5.4 Analytic Forms of the GCLFSince the GCLF was �rst de�ned observationally, a variety of simple functionshave been applied to it for interpolation purposes. By far the most well knownof these is the Gaussian in number versus magnitude,�(m) = 1(2�)1=2� e�(m�m0)2=2�2 (1.43)where �(m) reaches a peak at the turnover point m0 and has a dispersion �.(NB: Strictly de�ned, � is the relative number of clusters { the number perunit magnitude, as a fraction of the total cluster population over all magni-tudes { so that R �(m)dm = 1. Often, however, it is plotted just as numberof clusters per magnitude bin, in which case the proportionality constant infront of the Gaussian exponential must be renormalized.)It must be stressed that this \Gaussian paradigm" has no physical ba-sis other than the rough evolutionary scenarios sketched out above. It wasadopted { rather informally at �rst { as a �tting function for the Milky Wayand M31 globular cluster systems during the 1970's by Racine, Hanes, Har-ris, de Vaucouleurs and colleagues; it was �nally established as the preferredanalytical �tting function in two papers by Hanes (1977) and de Vaucouleurs(1977). Later, it became clear that the globular clusters in other galaxiesconsistently showed the same basic GCLF features that we have already dis-cussed for the Milky Way, and the Gaussian description continued to be re-inforced. There is, however, no astrophysical model behind it, and it remainsstrictly a descriptive function that has only the advantages of simplicity andfamiliarity.Another analytic curve that is just as simple as the Gaussian is the t5function (Secker 1992),�(m) = 83p5�� �1 + (m�m0)25�2 ��3 : (1.44)Like the Gaussian, t5 is a symmetric function with two free �tting parameters(m0; �) but di�ers slightly from the Gaussian primarily in the wings of thedistribution. Secker's objective tests with the Milky Way and M31 GCLFsshowed that t5 is slightly superior to the Gaussian in providing a close matchto the data. Applications to GCLFs in giant elliptical galaxies have also shownthe same thing (Secker & Harris 1993; Forbes 1996a,b; Kissler et al. 1994).



1 Globular Cluster Systems 73The Gaussian model, however, has the strong advantage of familiarity tomost readers.More careful inspection of the full GCLF reveals, of course, that it is notsymmetric about the turnover point { the long tail on the faint end of thedistribution has no equivalent on the bright end, and cannot be matched by asingle Gaussian or t5 curve. To take account of these features, other authorshave tried more complex polynomial expansions. Abraham & van den Bergh(1995) introducedhj = const NXi=1 e�x2i=2Hj(xi) (1.45)where Hj is the jth-order Hermite polynomial, xi = (mi �m0)=�, and � isthe Gaussian dispersion. Here (h3; h4) are signi�cantly nonzero for (e.g.) theMilky Way GCLF and represent the skewness and nonGaussian shape terms.Still another approach is used by Baum et al. (1995, 1997), as an attemptto reproduce the combined Milky Way and M31 GCLFs. They adopt anasymmetric hyperbolic functionlog nn0 = �(a=b) �b2 + (m�A)2�1=2 + g(m�A) (1.46)where A is nearly equal to the turnover point m0 for mild asymmetry, anda; b; g are parameters to be determined by the (di�erent) bright-end andfaint-end shapes of the GCLF.It is trivially true that analytic curves with more free parameters willproduce more accurate �ts to the data. But none of these functions leads toany immediate insight about the astrophysical processes governing the clusterluminosities and masses, and we will not pursue them further.1.5.5 The LDF: Power-Law FormsIn all of the �tting functions mentioned above, the GCLF is plotted as thenumber of clusters per unit magnitude. This way of graphing the function(dating back at least to Hubble's time) turned out to be a historically unfor-tunate decision. A more physically oriented choice would have been to plotthe number per unit luminosity (or equivalently, the number per unit massonce we multiply by the mass-to-light ratio). We will call this latter form theluminosity distribution function or LDF. If the masses of globular clustersare governed by a fairly simple process of formation, then we could reason-ably expect on physical grounds that the LDF might look like a simple powerlaw in number per unit mass. Power-law distributions of mass or size, of thedi�erential form dN=dM �M��, are produced by many phenomena such asturbulence spectra, accretional growth, impact cratering, and so forth; andwe will see strong evidence later in our discussion that the same result is truefor star clusters that have recently formed in active galaxies.



74 W. E. HarrisEarly suggestions that the LDF of globular clusters did in fact obey apower-law form were made by Surdin (1979) and Racine (1980) but thesewere unfortunately ignored for many years. The point was rediscovered byRichtler (1992). The power-law formulation of the LDF was pursued furtherby Harris & Pudritz (1994) and connected for the �rst time to a speci�cphysical model of cluster formation in giant gas clouds (resembling Searle-Zinn fragments; we will return to a discussion of formation modelling inSections 8-9).How does the LDF relate to our more familiar GCLF? Considerable con-fusion between them persists in the literature, even though the di�erencebetween them is mathematically trivial. The GCLF histogram uses bins inmagnitude (log L), whereas the LDF uses bins in L itself. Obviously, equalintervals in log L are not equal intervals in L, so the number distributionper bin has a di�erent shape in each case. The power-law LDF is essen-tially a plot of N(L)dL, whereas the Gaussian-like GCLF �(MV ) is a plot ofN(logL)d(logL). Thus the two functions scale as�(MV ) � dNdlogL � L dNdL � L1�� :The relation between the two forms is discussed in detail by McLaughlin(1994).A power-law �t to the Milky Way LDF is shown in Fig. 1.37, adaptedfrom Harris & Pudritz (1994). An exponent �1 = 1:8 � 0:2 provides anentirely acceptable �t for almost the entire observed range of cluster masses.It is only over the lowest � 10% (i.e. M <� 105M�) that the curve predictsfar more clusters than are actually present. For this lower mass range, thedata follow a much shallower power law near �0 � 0:2 � 0:2, at least inthe Milky Way and M31 (Harris & Pudritz 1994; McLaughlin 1994). It isprecisely at this rather abrupt slope change between �0 and �1 at � 105M�that the classic turnover point of the GCLF lies. About half the numbersof clusters are fainter than that point, and about half are brighter. But itis empirically true that the GCLF �(MV ) is roughly symmetric about theturnover point. In that case, we then require the exponents �0; �1 to berelated by (1� �0) ' (�1 � 1) ' 0:8� 0:2.As noted earlier, we should expect that the LDF (or GCLF) as we see ittoday is a relic of both the mass spectrum of cluster formation and the sub-sequent dynamical evolution of the system. If we look at the distinctive andsimple shape of the LDF { a double power law with a fairly sharp transitionat � 105M� { it is natural and extremely tempting to speculate that the up-per mass range (�1) represents the mass distribution laid down at formation,while the lower range (�0) is created by the long-term e�ects of dynamicalevolution, which should gradually carve away the more vulnerable lower-massclusters. However, there are hints from observations of young globular clustersin interacting and merging galaxies that the initial mass distribution alreadyhas a shallow slope at the low-mass end right from the start; see Section 9



1 Globular Cluster Systems 75below. We are still some crucial steps away from understanding the correctfull set of initial conditions for the LDF.

Fig. 1.37. Number of globular clusters per unit mass, plotted in linear form. The di-rectly observed cluster luminosity LV in solar units, given by LV = 100:4(MV ��MTV )has been converted to mass M=M� with constant mass-to-light ratio M=LV = 2:0.A power law dN=dM � M�1:8�0:2 matches the data for M >� 2� 105M� but con-tinues upward too steeply for lower massesIf this rough scenario of formation combined with evolution is indeed onthe right track, then we should expect that large numbers of low-mass clus-ters have been destroyed over the past Hubble time. But does that meanthat a large fraction of the Galactic halo was built from dissolved globularclusters? No! The important point here is that these small clusters containa small fraction of the total mass in the whole cluster system, even if theyare numerous. The big clusters simply outweigh them by large factors. (Forexample, ! Centauri, the most luminous cluster in the Milky Way, containsabout 8% of the total GCS mass all by itself. The clusters more massive than105M� contain almost 95% of the total.) Harris & Pudritz (1994) demon-strate that if the original mass distribution followed the �1 slope all the waydown to low mass, then only about 30% of the total mass of the GCS would



76 W. E. Harrisbe lost if every cluster less massive than the present-day turnover point weredestroyed.Accounting for the fact that the clusters at all masses will be at leastpartially damaged by dynamical erosion (cf. the references cited above), itis reasonable to guess that roughly half the total original mass in the GCShas been escaped from the clusters to join the �eld halo population (seealso Gnedin & Ostriker 1997; Murali & Weinberg 1997c; Vesperini 1998, forsimilar mass ratio estimates from dynamical simulations). The �eld halo starsoutnumber the cluster stars by roughly 100:1, so most of the �eld stars musthave originated in star-forming regions that never took the form of boundstar clusters.1.5.6 Comparisons with M31A crucial step in constraining formation models for globular clusters in theearly protogalaxies { as well as dealing with the more practical matter ofusing them as standard candles { is to start comparing the Milky Way GCSwith those in other galaxies. The �rst and most obvious test is with M31, asthe nearest large galaxy reasonably similar to ours.M31 contains a globular cluster population at least twice as large as theMilky Way's, and thus more than all the other Local Group galaxies com-bined. The �rst � 150 were found by Hubble (1932) in a photographic sur-vey. Major additions to the list of globular cluster candidates were made insubsequent photographic surveys by Baade (published in Seyfert & Nassau1945), Vetesnik (1962), Sargent et al. (1977), Crampton et al. (1985), andby the Bologna consortium in the early 1980's, leading to their completecatalog (Battistini et al. 1987) which lists � 700 candidates of various qual-ity rankings. About 250 { 300 of these are almost certainly globular clusters,while another� 300 are almost certainly various contaminants; the remainder(mostly projected on the M31 disk) have not yet been adequately classi�ed.The true GCS population total in M31 is thus probably around 300, but issimply not yet known to better than � 30%.The published surveys used a wide range of strategies including objectimage morphology, brightness and color, and low-resolution spectral char-acteristics. The object lists from the di�erent surveys overlap considerablyin their discoveries and rediscoveries of clusters, but also contain numerouscontaminants. Projected on the disk of M31, there are also open clusters,compact HII regions, and random clumps of bright stars which can masquer-ade as globular clusters. In the vast halo beyond the disk area, the maininterlopers are faint, distant background galaxies which may have the roundand compact morphology of globular clusters. The published surveys coverthe M31 region rather thoroughly out to projected distances of only r � 20kpc; a few more remote clusters have been found (Mayall & Eggen 1953;Kron & Mayall 1960), but the outer halo { a huge projected area on the sky{ has yet to be systematically searched. If the Milky Way situation is any



1 Globular Cluster Systems 77indication, not many new remote ones can be expected. A new CCD imagingsurvey primarily covering the disk of M31 by Geisler et al. is underway, andpromises to push the detection limits to the faint end of the GCLF.The true globulars in M31 must be found one by one. The techniques thathave proven most useful include:� Radial velocity (Huchra et al. 1991): Since vr(M31) = �350 km s�1, anyobjects with strongly positive vr are certainly background galaxies or(occasionally) Milky Way halo stars.� Image structure (Racine 1991; Racine & Harris 1992): high resolutionimaging with a large telescope can produce a de�nitive classi�cation: ifa candidate object is resolved into stars, it is a cluster. Under � 0:005resolution with the CFHT, color-magnitude diagrams for several haloclusters were successfully achieved which showed directly for the �rst timethat the M31 clusters were indeed \normal" globulars like the familiarones in the Milky Way (Heasley et al. 1988; Christian et al. 1991; Coutureet al. 1995). With the greater resolving power of the HST, deeper andmore precise CMDs for the M31 clusters have now become possible (Richet al. 1996; Fusi Pecci et al. 1996; Holland et al. 1997).� Color indices: The integrated colors of globular clusters occupy a fairlynarrow region in a two-color plane such as (U�B;B�V ), (B�V; V �R),etc. Other types of objects { galaxies particularly { usually have verydi�erent colors and can be eliminated. Reed et al. (1992, 1994) show thattwo-thirds of the background galaxies can be cleanly rejected this way.Using a combination of all three of these techniques, Reed et al. (1994)constructed an almost completely clean sample of halo clusters (not projectedon the M31 disk, thus free of internal reddening di�erences) which providesthe best database we have for comparison with the Milky Way GCS.In most other respects { metallicity distribution and kinematics { the M31globular cluster system presents much the same story as does the Milky Waysystem, with small di�erences. Huchra et al. (1991) de�ne MRC and MPCpopulations separated at [Fe/H] = �0:8 which strongly resemble the analo-gous ones in the Milky Way. The MRC is the more centrally concentratedof the two, and has a healthy overall rotation reaching � 150 km s�1 at aprojected radius in the disk r ' 5 kpc. The MPC is more spatially extendedand has much smaller net rotation (<� 50 km s�1). It is, however, also truethat the overall scale size of the M31 system is bigger than that of the MilkyWay, and moderately metal-rich clusters can be found at surprisingly largedistances (the luminous cluster G1 = Mayall II is the prime example, with[Fe/H] � �1 at a projected distance of 40 kpc). The relative numbers of clus-ters at di�erent metallicities, at least in the halo, are not strongly di�erentfrom the [Fe/H] distribution in the Milky Way (see Fig. 1.38). Huchra et al.(1991) �nd relatively more metal-rich objects overall, including those in thedisk, but it is easy to recognize the same bimodal form of the metallicitydistribution, broadened by observational scatter.
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Fig. 1.38. Metallicity distribution for globular clusters in two galaxies. (a) In theupper panel, the distribution is shown for the Milky Way clusters with Rgc > 4kpc. (b) In the lower panel, the distribution for the M31 halo is shown, with datadrawn from Reed et al. (1994). The M31 sample is only slightly more weighted toMRC objectsThere is still much work to be done to understand the characteristics ofthe M31 GCS at the same level of detail as we have for the Milky Way, andreaders should refer to the papers cited above for further discussion.The �rst GCLF comparison between M31 and the Milky Way was done byHubble himself, in his 1932 discovery paper. At that time, the standard dis-tance modulus in use for M31 was (m �M) = 22, almost three magnitudessmaller than today's best estimates. To make matters worse, the adoptedluminosity for the RR Lyrae stars then wasMpg 'MB = 0:0, almost a mag-nitude brighter than today's calibrations. In other words, the M31 clusterswere being measured as much too faint in absolute magnitude, the MilkyWay clusters too bright, and the combination left almost no overlap betweenthe two GCLFs. Hubble relied on the similar form of the distributions asmuch as on their luminosity levels, and successfully concluded that \among



1 Globular Cluster Systems 79known types of celestial bodies, the objects in M31 �nd their closest analogyin globular clusters".The next serious GCLF comparison was in the landmark paper of Kron& Mayall (1960), which presented a comprehensive new set of integratedmagnitudes and colors for globular clusters in several Local Group galaxies.By then, the basic distance scale issues in the Local Group had been settled(at least, the M31 discrepancy had been reduced to � 0:5 mag, rather thanthe 2.5-mag di�erence used during Hubble's time), and the true similaritybetween the globular cluster systems in M31 and the Milky Way clearlyemerged. It was, by that time, also evident that the peak point M0V of theGCLF was not just an artifact of incomplete observations, but was a realfeature of the GCSs. Kron & Mayall's paper represents the �rst explicit useof the GCLF turnover point as a standard candle for distance determination.In all respects it is the same approach as we use today (Jacoby et al. 1992).What does the M31/Milky Way comparison look like in modern terms?Unfortunately, we have to restrict our match to the halos of each, since theavailable list of objects projected on the disk of M31 is still too ill-de�ned (itis too contaminated with non-globulars, too incomplete at faint magnitudes,and photometrically too a�icted with random errors and poorly determineddi�erential absorption). However, the halo sample (Reed et al. 1994) gives usan excellent basis for comparison: it is clean, complete down to a magnitudelevel well past the turnover point, una�ected by di�erential reddening, andwell measured by modern CCD photometry.We �rst need to worry a bit more, though, about which part of the MilkyWay system we should use for comparison. We have already seen (Fig. 1.36and Table 1.9) that its GCLF parameters depend on location. Another wayto display it, using the running mean approach de�ned in our kinematics dis-cussion, is shown in Fig. 1.39. The average luminosity (and also the turnoverpoint, which is the GCLF median) rises smoothly outward from the Galacticcenter to a maximum at Rgc ' 9 kpc, then declines again. How can we makea valid comparison in the face of this amount of internal variation, whichseems to vitiate the whole use of the GCLF as a standard candle?But wait! The Milky Way is unique in the sense that it is the only galaxyfor which we have the full three-dimensional information on the GCS spacedistribution. As a indicator of dynamical e�ects on the system or even smalldi�erences in the typical cluster mass at formation, Fig. 1.39 is of greatinterest on its own merits. But it should not be applied as it stands to anyother galaxy. Instead, we should look at the Milky Way as if we were faroutside it and could see only the distances of the clusters projected on thesky. The best projection to use is rp = pY 2 + Z2, dropping the X�axiswhich is most a�ected by internal distance errors (see Sect. 1 above). Whenwe do this, and again take running means of cluster luminosity, we get theresult shown in Fig. 1.40. Rather surprisingly, we see that the large-scaleglobal variation has largely been smoothed out, and the biggest part of it



80 W. E. Harris(the �rst outward rise) has been compressed down to the innermost � 2 kpcprojected onto the Galactic bulge.

Fig. 1.39. Mean absolute magnitude for Milky Way globular clusters as a functionof Galactocentric distance. Each point represents the mean hMTV i for the 30 clusterscentered at the given distance; the next point outward is the same mean where theinnermost cluster in the previous bin has been dropped and the next cluster outwardhas been addedSomewhat arbitrarily, I will take the region rp > 3 kpc (containing 75clusters) as the �ducial Milky Way sample. If we were to view the MilkyWay at the same inclination angle to the disk as we see M31, this cuto� inprojected distance would correspond roughly to the inner distance limits inthe M31 halo sample. Over this range, there is little variation in the MilkyWay mean cluster luminosity, and we can be more encouraged to try it out asa standard candle. We have just seen that this uniformity is something of anillusion! Larger internal di�erences are being masked, or washed out, by theprojection e�ect from three to two dimensions. But the Galaxy can hardly beunique in this respect. We must therefore suspect that the same smoothingmay well be happening for the GCLF in any large galaxy that we look at,where much of the information on the true amount of internal variation withposition has simply been lost. To my knowledge, this point has not beenrealized, or used, in any previous application of the Milky Way GCLF as adistance indicator.Having set up the fairest comparison sample that we can manufacturefrom the Milky Way, we can �nally match it up with M31. The result is shownin Fig. 1.41. These two GCLFs are remarkably similar. The M31 sample
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Fig. 1.40. Mean absolute magnitude for Milky Way globular clusters as a functionof two-dimensional projected distance from the Galactic center, rp = (Y 2+Z2)1=2.Each point represents the mean hMTV i for the 30 clusters centered at the givendistance; the next point outward is the same mean where the innermost cluster inthe previous bin has been dropped and the next cluster outward has been addeddi�ers only in the lack of faint clusters (MTV >� � 5:5), for which the existingsurveys are incomplete. Fitting Gaussian or t5 functions to both galaxiesyields turnover levels ofM0V = �7:68�0:14 (for the Milky Way projected-halosample) and M0V = �7:80� 0:12 (for the M31 halo sample). These numbersare not signi�cantly di�erent. Let us turn the argument around: if we hadused the M31 GCLF to derive a distance modulus, we would have obtained(m�M)V = V0(M31) �M0V (Milky Way) = (17:00�0:12)� (�7:68�0:14) =(24:68 � 0:18). Thus at the � 0:10 � 0:15 magnitude level of precision, theGCLF turnovers are similar and the method seems to work much better thanwe had any right to expect.In Section 7, we will start testing this procedure for much more remotegalaxies, and eventually become bold enough to derive the Hubble constantwith it. Next, though, we need to take our �rst steps beyond the Local Groupand �nd out what globular cluster systems look like in galaxies of very dif-ferent types.1.6 AN OVERVIEW OF OTHER GALAXIES: BASICPARAMETERSFirst gather the facts; then you can distort them at your leisure.Mark Twain
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Fig. 1.41. Comparison of the GCLFs in M31 (upper panel) and the Milky Way(lower panel). The Milky Way sample is de�ned from clusters with projected (2-D)distances larger than 3 kpc as discussed in the text. The M31 halo sample, fromReed et al. (1994), has been shifted to absolute magnitude assuming our previouslyderived distance modulus (m�M)V = 24:80 (Sect. 2)Globular cluster systems have now been discovered and studied to somedegree in more than a hundred galaxies. These cover the entire range ofHubble types from irregulars to ellipticals, the luminosity range from tinydwarf ellipticals up to supergiant cD's, and environments from isolated \�eld"galaxies to the richest Abell clusters.With the best imaging tools we have at present (the HST cameras), in-dividual globulars can be resolved into their component stars rather easilyfor galaxies within the Local Group, i.e. at distances <� 1 Mpc. With increas-ing di�culty, resolution of clusters into stars can also be done for galaxiesup to several Megaparsecs distant (a color-magnitude diagram has been ob-tained for a halo cluster in the giant elliptical NGC 5128 at d ' 4 Mpc; seeG.Harris et al. 1998). But for still more remote galaxies, we see the presenceof the globular cluster population only as an excess of faint, small objectsconcentrated around the galaxy center (Fig. 1.42).



1 Globular Cluster Systems 83Studying the GCSs in most galaxies then becomes more of a statisticalbusiness, with the genuine clusters seen against a background of \contam-inating" �eld objects (usually a combination of foreground stars and faint,compact background galaxies). Identifying individual globulars one by onecan be done { usually radial velocity measurement is a de�nitive separatorwhen combined with the integrated magnitudes and colors { but only withobservational e�orts that are greatly more time consuming.

Fig. 1.42. A deep R�band image of the Virgo giant elliptical M87, with its swarmof globular clusters shown as the hundreds of faint starlike images around it. Tracesof the nuclear jet can be seen extending upward from the galaxy center. The regionshown is about 10 kpc on a side. This image was acquired with the High ResolutionCamera at the Canada-France-Hawaii Telescope (see Harris et al. 1998a)What characteristics of a GCS can we measure? The list of quantities,given below, is almost the same as for the Milky Way. Our only serious



84 W. E. Harrisrestriction is that the depth and quality of the information we can gatherinevitably becomes more limited at larger distances.Total populations: Simplest of all measurable quantities is the number ofglobular clusters present in the galaxy. Naively, we might expect that Nclshould rise in direct proportion to the galaxy luminosity (or mass). Thatseemed to be the case in the early days of the subject (Hanes 1977; Harris& Racine 1979), with the single exception of M87, which was recognizedfrom the beginning to be anomalous, However, it is now realized that thereis a great deal of real scatter from one galaxy to another around this basicproportionality relation. Understanding the total population size or globalcluster formation e�ciency is one of the most challenging questions in theentire subject, leading us far into issues of galaxy formation and evolution.Metallicities: The normal assumption or \null hypothesis" of GCS workis that the old-halo clusters we see in other galaxies basically resemble thefamiliar ones in the Milky Way. This assumption has been fully borne outin the various Local Group members where detailed comparisons of stellarcontent have been possible. We can then use the integrated cluster colorsin some reasonably sensitive index like (V � I), (C � T1), etc., to estimatethe metallicity distribution function (MDF) of the system, since metallicitydetermines the integrated color of old stellar systems much more stronglythan other factors such as age. With quite a lot more e�ort, we can usethe absorption line indices in their integrated spectra to do the same thing.Where it has been possible to do both, the color and spectral approachesfor estimating metallicity agree well both at low dispersion (e.g., Racine etal. 1978; Huchra et al. 1991; Brodie & Huchra 1991) and in the �ner detailthat has been achieved more recently (e.g., Cohen et al. 1998; Jablonka etal. 1992, 1996).Luminosities: The luminosity distribution function (LDF; see Section 5) ofthe GCS is the visible signature of the cluster mass distribution. As discussedearlier, the LDF we see today should be the combined result of the massspectrum at formation, and the subsequent e�ects of dynamical evolution inthe galactic tidal �eld.Spatial distribution: The GCS in any galaxy is a centrally concentratedsubsystem, generally following the structure of the visible halo light. However,particularly in giant ellipticals the GCS often traces a somewhat shallowerradial fallo� than the halo, and in extreme cases (cD galaxies) it may becloser to representing the more extended dark-matter potential well. Manyrecent studies have attempted to correlate the MDF and LDF with the spa-tial distribution, thus extracting more clues to the system formation andevolution.Radial velocity distribution: In principle, much the same types of kine-matic and dynamical studies of the Milky Way GCS can be carried out inany galaxy for which we can acquire a large enough set of cluster radial ve-locities. However, the internal precisions of the velocity measurements need



1 Globular Cluster Systems 85to be � �50 km s�1 for the internal dynamics of the halo to be adequatelystudied, and acquiring absorption-line velocities for large samples of objectsas faint as those in Virgo and beyond has been di�cult. With the advent ofthe new generation of 8-m and 10-m optical telescopes, this type of work hasnow been started in earnest by several groups.1.6.1 De�ning and Measuring Speci�c FrequencyThe total population of clusters in a galaxy is usually represented by the spe-ci�c frequency SN , the number of clusters per unit galaxy luminosity (Harris& van den Bergh 1981; Harris 1991):SN = Ncl � 100:4 (MTV +15) (1.47)where MTV is the integrated absolute magnitude of the host galaxy and Nclis the total number of clusters. This de�nition can be rewritten in terms ofthe visual luminosity of the galaxy LV in solar units,SN = 8:55� 107 Ncl(LV =L�) : (1.48)Estimating SN for a given galaxy is therefore a simple process in principle,but requires two kinds of completeness corrections. If the imaging coverageof the galaxy is spatially incomplete, then radial extrapolations have to bemade to estimate Ncl. Similarly, if the photometric limit reaches only partway down the GCLF (as is almost invariably the case), then an extrapolationin magnitude is also needed, starting with an assumed distance to the galaxy(Fig. 1.43). By convention, the GCLF shape is assumed to be Gaussian (seethe previous section) for purposes of estimating the total population. In mostgalaxies, it is often the case that the faint limits of the observations turn outto be somewhere near the GCLF turnover.There are two obvious ways in which the predicted value of Ncl can gowrong. If the fainter half of the GCLF has a very di�erent shape from thebrighter half that is directly observed, then we would end up miscalculatingthe total Ncl. And if the limit of observations falls well short of even theturnover point, then the extrapolation from N(obs) to Ncl can be uncomfort-ably large even if the assumption of symmetry is valid. Thus it seems thatthe speci�c frequency is a rather uncertain number.Or is it? The procedure is actually not as risky as it �rst looks, for tworeasons:� We calculateNcl essentially by using the Gaussian-like shape of the GCLFto determine the number of clusters on the bright half, and then doublingit. In most galaxies we never see the faint half, and never use it. In otherwords, the speci�c frequency is really a ratio which compares the num-ber of bright clusters in di�erent galaxies. Thus the �rst rule of speci�cfrequency is:
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Fig. 1.43. Calculation of total cluster population. The GCLF is assumed to havea Gaussian-like form shown by the solid curve, with turnover point at apparentmagnitude V0. The limiting magnitude of the photometry is V (lim), so that thetotal observed population of clusters Nobs is given by the shaded area. The totalpopulation Ncl over the entire GCLF is then Ncl = N(obs)=F where the complete-ness fraction F is the shaded area divided by the total area under the Gaussian.If the unobserved faint half of the GCLF had a di�erent shape (dashed lines), thetotal population estimate would be a�ected signi�cantly, but the number of brightclusters (more luminous than the turnover) would notSN measures the number of clusters brighter than the GCLF turnover V0.� Despite this reassurance, SN would still be an invalid quantity if theabsolute magnitude of the turnover di�ered wildly from one galaxy to thenext { or, indeed, if there were no turnover at all. But by all availableevidence (introduced in Section 5, and discussed further in Section 7below), the GCLF has amazingly similar parameters from place to place.Perhaps against all a priori expectations, the GCLF shape is the closestthing to a universal phenomenon that we �nd in globular cluster systems.Thus we have our second rule,SN provides a valid basis for comparison among galaxies because of the uni-versality of the GCLF.In summary, we can go ahead and use SN knowing that it has reasonablegrounding in reality.



1 Globular Cluster Systems 87The estimated SN is fairly insensitive to the assumed galaxy distance d,because any change in d will a�ect both the calculated galaxy luminosity andtotal cluster population in the same sense (see Harris & van den Bergh 1981).However, it is sensitive to mistakes in the assumed limiting magnitude Vlim, orin the background contamination level. Suppose that for a distant galaxy youcount N faint starlike objects around the galaxy, and Nb background objectsin an adjacent �eld of equal area down to the same limiting magnitude. Byhypothesis, the excess No = (N �Nb) is the globular cluster population, andthe uncertainty isNo ��N = (N �Nb) � pN +Nb : (1.49)The total over all magnitudes is Ncl = No=F . Now suppose that the un-certainty �V in the limit Vlim translates into an uncertainty �F in thecompleteness factor F : we can then show�SNSN =  (N +Nb)(N �Nb)2 + ��FF �2!1=2 : (1.50)Numerical trials with this relation show that to produce SN estimates thatare no more uncertain than (say) 20%, we need to have observations reachingVlim >� (V0�1), i.e. to within a magnitude of the turnover or fainter. If the rawcounts are very dominated by background contamination, the situation maybe worse. And if the observations fall short of the turnover by 2 magnitudesor more, the relative uncertainty �SN=SN starts increasing dramatically andthe estimates become quite rough.1.6.2 Speci�c Frequency: Trends and AnomaliesLet us now turn to some of the results for speci�c frequencies. Ellipticalgalaxies are the simplest to work with, and make up by far the biggest shareof the database for globular cluster systems. Fig. 1.44 shows the currentresults for E galaxies over all luminosities, from dwarfs to supergiant cD's(data are taken from the compilations of Blakeslee et al. 1997; Harris et al.1998a; Miller et al. 1998; and a few recent individual studies).From this simple graph we can already draw several conclusions. First,over a range of almost 104 in galaxy luminosity L, the mean speci�c frequencyis nearly constant; that is, to �rst order the total number of clusters rises innearly direct proportion to parent galaxy luminosity, Nt � L.Second, there is signi�cant scatter at all L. For giant ellipticals, SN inindividual galaxies ranges from a high near � 15 to a low near � 1 or per-haps even lower. For dwarf ellipticals, the range is even larger, with SN (max)near 30. This scatter extends far beyond the internal uncertainties in esti-mating SN , and must certainly be real. It was suspected to exist from theearliest samples of E galaxies (Hanes 1977; Harris & van den Bergh 1981),and later studies from more comprehensive samples and deeper photometry
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Fig. 1.44. Speci�c frequency SN plotted against luminosity for elliptical galax-ies. Solid symbols are for cD-type giants (brightest cluster ellipticals) and nucle-ated dwarf ellipticals, while starred symbols are for normal gE's and non-nucleateddwarfs. The baseline \normal" level is at SN = 3:5; see text. The gap in the rangeMTV � �18 to �20 is a selection e�ect; no globular cluster systems have beenstudied for galaxies in that rangehave only con�rmed and extended the �rst estimates of the range in SN thatreal galaxies exhibit. The speci�c frequency is a parameter which di�ers byas much as a factor of twenty between galaxies which have otherwise similarstructures, luminosities, and metallicities. This is one of the most remarkableresults to emerge from the study of globular cluster systems. Although someplausible ideas are beginning to emerge (Section 8), it still lacks a compellingtheoretical explanation.Third, signi�cant correlations of SN with other galaxy properties do exist.The strongest and most obvious connection is with environment. At the high-luminosity end, it appears that there is something special about the giantellipticals that sit at the centers of large clusters of galaxies { the \brightestcluster galaxies" (BCGs) which often have cD-type structures (high luminosi-ties, along with extended envelopes of stellar material that appear to followthe potential well of the cluster as a whole). These particular galaxies havethe highest known speci�c frequencies among gE galaxies. The prototype ofthis class is M87, the Virgo cluster cD and the center of the biggest concentra-tion of galaxies in the Virgo region, which has an extremely well determined



1 Globular Cluster Systems 89SN = 14:1�1:6 (Harris et al. 1998a) almost three times larger than the meanfor other Virgo ellipticals. Since cD's are few and far between, it took manyyears for a signi�cant sample of globular cluster system observations to bebuilt up for them, and for a long time M87 was regarded as being virtuallyunique (see, e.g., Hanes 1977; Harris & Smith 1976; Harris & van den Bergh1981; Harris 1988a for the initial historical development). Since then, manymore BCGs have been studied, and a clear correlation of SN with luminos-ity has emerged: the more luminous BCGs have higher speci�c frequencies(Blakeslee 1997; Harris et al. 1998a). Since the brighter BCGs tend to befound in in more populous clusters of galaxies, the hint is that denser, richerenvironments lead to higher speci�c frequencies.Even without the BCGs, a similar conclusion would emerge from the restof the ellipticals. It was �rst suggested by Harris & van den Bergh (1981)that the ellipticals in small, sparse groups of galaxies or in the \�eld" hadsystematically lower SN than those in richer systems like Virgo or Fornax.Larger samples con�rmed this. For E's in small groups, SN is typically� 1�3,while in larger groups (Fornax, Virgo, and above) we �nd SN ' 5 (Harris1991).Until the past few years, not much was known about globular clustersystems in dwarf ellipticals, the small galaxies at the opposite end of theluminosity scale. But they, too, exhibit a large SN range and some intriguingcorrelations which have been revealed by new surveys (Durrell et al. 1996a,b;Miller et al. 1998). There appears to be a dichotomy between nucleated dE's(those with distinct central compact nuclei) and non-nucleated dE's. The dE'spresent a fairly simple story, with a mean hSN i ' 2 independent of luminosityand with not much scatter. In striking contrast, the dE,N systems show a clearcorrelation of SN with luminosity, in the opposite sense to the BCGs: lessluminous dE,N's have higher speci�c frequencies. The most luminous dwarfsof both types have similarly low speci�c frequencies, but at progressively lowerL, the speci�c frequency in dE,N's steadily increases, reaching the highestvalues at the low-L end.We would like to understand why the speci�c frequency displays such alarge range. How can otherwise-similar galaxies make (or keep) vastly dif-ferent numbers of old-halo star clusters? Speculations began as soon as thephenomenon was discovered, concentrating �rst on the environmental con-nection and on the \anomaly" of the BCGs (e.g., Harris & Smith 1976; vanden Bergh 1977; Harris & Racine 1979). Many other ideas entered the gamelater on. We will discuss these in the last two Sections; but for the moment,we will say only that no single explanation or mechanism seems able to pro-duce the full range of speci�c frequencies seen amongst all the ellipticals. Itis a remarkably simple phenomenon, but remains a hard one to explain.By contrast with the ellipticals, disk and spiral galaxies so far present amuch more homogeneous picture. The Sb/Sc/Irr systems, to within factorsof two, have speci�c frequencies similar to that of the Milky Way, in the



90 W. E. Harrisrange SN ' 0:3� 1:0 (Harris 1991; Kissler-Patig et al. 1999). (In fact, giventhe di�culty in measuring SN in disk-type galaxies, where the total num-bers of clusters are much lower than in gE galaxies to start with, and wherethe disk light and dust add further confusion, it is possible that the nominaldi�erences in speci�c frequency among disk galaxies are entirely due to obser-vational scatter.) Apparently, the spirals have not experienced the same rangeof formation processes or evolutionary histories that the ellipticals have.If we take these numbers at face value, it would seem the spirals andirregulars are much less e�cient at forming globular clusters than are mostellipticals. But an obvious di�culty in making the comparison is that theselate-type galaxies have much higher proportions of \young" stellar popula-tions which make them more luminous than ellipticals of the same mass.To correct for this e�ect, it has become customary to adjust the total lu-minosity of the galaxy to the \age-faded" value that it would have if all itsstars evolved passively to >� 10 Gyr, like those of ellipticals (see Section 9below). This correction must be done on an individual basis for each spiralor irregular, and adds a further uncertainty to the comparison. On average,this \renormalized" speci�c frequency falls in the range SN � 2 � 1, whichis similar to the typical values for dE (non-nucleated) galaxies, or large Egalaxies in sparse groups, or S0 galaxies (which are disk systems free of dustor young stars). They still fall well short of the SN � 5 level associated withgE members of rich groups, which in turn are lower than most BCGs.These comparisons make it tempting to suggest that there is a \natural"level for SN which is somewhere in the range � 2�4, applying to spirals, S0's,dwarf ellipticals, and many large ellipticals in a wide range of environments(refer again to Fig. 1.44, where a baseline SN = 3:5 is shown). It would notbe reasonable to expect this level to be exactly the same in all these galaxies,because the numbers of clusters are determined by formation e�ciencies anddynamical evolution which are, at some level, stochastic processes. Somescatter is also introduced in the measurement process (see above), whichin the worst cases can leave SN uncertain by 50% or so. The major mysteryhas always been the extreme situations which go far beyond these normalcases: the BCGs, and the nucleated dwarfs.1.6.3 Metallicity DistributionsAn important trace of the early history of any galaxy is left behind in themetallicity distribution of its halo stars. Unfortunately, almost all galaxiesare too remote for individual stars to be resolved, so what we know abouttheir chemical composition is indirect, relying only on various averages overthe MDF. This is where the GCS gives us a distinct advantage: the globularclusters are old-halo objects that can be found one by one in galaxies fartoo distant for any individual stars to be studied, including many unusualgalaxy types. In these galaxies, we can derive a full distribution function ofmetallicity for the GCS, and not just the mean metallicity (Harris 1995).



1 Globular Cluster Systems 91Insofar as the GCS represents the halo �eld-star population, we can use thisMDF to deduce the early chemical enrichment history of the system.In Fig. 1.45, MDFs are shown for a representative sample of galaxieswhich cover the presently known range of mean metallicities. The metallicityrange correlates strongly with galaxy size. In the dE's, almost all the clustersare low-metallicity objects, like the MPC clusters in the halo of our MilkyWay with an average near [Fe/H] ' �1:6 (see Fig. 1.7). This observation�ts in well with standard views of the early evolution of dwarf ellipticals, inwhich a small, isolated protogalactic gas cloud undergoes a single major burstof star formation, but ejects a large fraction of its gas in the process (e.g.,Dekel & Silk 1986; Babul & Rees 1992). Since its tiny potential well cannothold the gas ejected by the �rst round of stellar winds and supernovae, theheavy-element enrichment cannot proceed to completion and the \e�ectiveyield" of the enrichment is much lower than normal, leaving only metal-poorstars behind (Hartwick 1976). What is therefore more surprising is that thesesmall ellipticals have any metal-rich clusters at all: two with [Fe/H] >� �1 areprobably members of the Local Group dE's, and there are clear hints thatothers can be found, albeit in small numbers, with similar metallicities (see,e.g., Durrell et al. 1996a for the Virgo dwarfs). How did these few relativelymetal-rich clusters arise in circumstances that are strongly biased againstnormal metal enrichment? The answers are not yet clear. They may simplyrepresent rare instances where unusually dense pockets of the proto-dE gotan early start and held its gas long enough for the local enrichment to proceedup to higher levels than normal. Alternately, they may represent a somewhatlater and more minor epoch of star formation driven by late infall of gas orby the triggering of whatever residual gas was left in the system.In somewhat larger and more complex galaxies { the Milky Way, M31, andnormal ellipticals { a metal-poor component is usually present at roughly thesame metallicity level as we �nd in the dwarfs, but a much more signi�canthigher-metallicity population also appears and the MDF as a whole beginsto look very broad. At the upper end of the scale, in some high-luminosityellipticals such as NGC 3311 in the Hydra I cluster and IC 4051 in Coma,the MPC component almost disappears and we are left with only a metal-rich GCS (e.g., Secker et al. 1995; Woodworth & Harris 1999). The relativeproportions of MPC and MRC components can di�er quite noticeably fromone host galaxy to another, even among otherwise similar galaxies, and insome ellipticals the MDF is narrow and not easily described as a mixture ofmetal-poor and metal-rich components (e.g., Ajhar et al. 1994; Kissler-Patiget al. 1997a).The large di�erences in MDFs, coupled with the amazingly similar lumi-nosity distribution functions of globular clusters in all galaxies, already putimportant constraints on formation models for globular clusters. Clearly, theGCS formation process must be a robust one which gives the same clustermass spectrum independent of the metallicity of the progenitor gas clouds.



92 W. E. HarrisIn addition, the MDFs already challenge our traditional, Milky-Way-brednotions that a \globular cluster" is prototypically a massive, old, metal-poorstar cluster. It is not. By sheer weight of numbers and high speci�c frequency,a large fraction of all the globular clusters in the universe reside in giant ellip-ticals, and many of these are metal-rich, extending up to (and beyond) solarmetallicity.

Fig. 1.45. Metallicity distribution functions for globular clusters in selected galax-ies. The top panel shows the MDF for the cD galaxy in the Hydra I cluster (Seckeret al. 1995); the second panel shows the Virgo giant elliptical NGC 4472 (Geisleret al. 1996); and the bottom panel is a composite of the clusters in all the LocalGroup dwarf ellipticals (Harris 1991; Da Costa & Armandro� 1995)



1 Globular Cluster Systems 93When the entire range of galaxies is plotted, we �nd a correlation of meanGCS metallicity with galaxy luminosity (Brodie & Huchra 1991; Harris 1991;Ashman & Zepf 1998; Forbes et al. 1996b). The equationh[Fe=H]i = �0:17MTV � 4:3 (1.51)matches the overall trend accurately for the ellipticals. However, the correla-tion is much closer for the dE's than for the giant ellipticals, which exhibit alarge galaxy-to-galaxy scatter in mean [Fe/H] and almost no trend with MTV .The reason for this large scatter appears (Forbes et al. 1997) to be that thismean correlation ignores the large variety of mixtures between the MPC andMRC parts of the MDF that are found from one galaxy to another. It seemstoo much of an oversimpli�cation to think of the entire MDF as a unit.Another general result valid for most E galaxies is that the GCS meanmetallicity is lower than the galaxy halo itself by typically 0.5 dex. That is,the same scaling rule of metallicity versus total size applies to the galaxyitself and to the GCS, but with the GCS o�set to lower metallicity (Brodie& Huchra 1991; Harris 1991). The initial interpretation of this o�set (cf. thereferences cited) was that the GCS formed slightly earlier in sequence thanmost of the halo stars, and thus was not as chemically enriched. This viewdates from a time when it was thought that there was a single, fairly sharplyde�ned formation epoch for the clusters. As we will see below, however, thestory cannot be quite that simple for most large galaxies.1.6.4 Substructure: More Ideas About Galaxy FormationWe have already discussed the bimodal structure of the MDF for the MilkyWay clusters: they fall into two rather distinct subgroups (MPC, MRC),and the MDF itself can be well matched analytically by a simple combina-tion of two Gaussians. For giant E galaxies, it is easily possible to obtainMDFs built out of hundreds and even thousands of clusters, and the samesorts of statistical analyses can readily be applied. However, it was only dur-ing the past decade that MDFs for these galaxies became internally preciseenough that bimodal, and even multimodal, substructure began to emergefrom the obviously broad color distributions. Observationally, the most im-portant breakthrough in this �eld was the employment of highly sensitivephotometric indices, especially the Washington (C � T1) index (Geisler &Forte 1990). With it, the intrinsic metallicity-driven color di�erences betweenclusters stood out clearly above the measurement scatter for the �rst time,and CCD photometry of large samples of clusters could be obtained. (Otherwell known color indices such as (B�V ) or (V � I) are only half as sensitiveto metallicity as (C � T1) or (B � I). Although it is still possible to obtainprecise MDFs from them, the demands for high precision photometry aremore stringent, and were generally beyond reach until the present decade;see Ashman & Zepf 1998).



94 W. E. HarrisOn the analytical side, better statistical tools were brought to bear on theMDFs (Zepf & Ashman 1993; Ashman et al. 1994; Zepf et al. 1995). Thesestudies revealed that the color distributions of the clusters in giant E galaxies,which were initially described simply as \broad", could be matched betteras bimodal combinations of Gaussians strongly resembling the ones for theMilky Way. Improvements in the quality of the data have tended to con�rmthese conclusions, with the multimodal character of the color distributionstanding out more clearly (e.g., Whitmore et al. 1995; Geisler et al. 1996;Forbes et al. 1998; Puzia et al. 1999). Since the integrated colors of globularclusters vary linearly with [Fe/H] for [Fe/H] <� � 0:5 (Couture et al. 1990;Geisler & Forte 1990), a bimodal color distribution translates directly into abimodal MDF.But is a bimodal MDF a clear signature of two major, distinct formationepochs in these gE galaxies, analogous to the ones postulated for the MilkyWay? Zepf and Ashman have repeatedly interpreted the bimodality in termsof their merger model for elliptical galaxies (Ashman & Zepf 1992), in whichthe MPC clusters are assumed to be the ones formed in the �rst star forma-tion burst, and the MRC ones are due to later bursts driven by mergers andaccretions which bring in new supplies of gas. This scenario will be discussedfurther in Section 9 below. Meanwhile, other authors have noted that bi-modality is, although common, not a universal phenomenon in E galaxies. Inmany other cases, the GCS color distribution is closer to a unimodal one andremarkably narrow, with typical width �[Fe/H] ' 0:3 (e.g., Ajhar et al. 1994;Kissler-Patig et al. 1997a; Elson et al. 1998). Furthermore, in cases where theMDF is approximately unimodal, the mean metallicity of the clusters is notalways the same between galaxies: some are rather metal-poor (like those inthe Milky Way halo), while others (notably the Coma giant IC 4051 or theHydra cD NGC 3311; see Secker et al. 1995; Woodworth & Harris 1999) arestrikingly metal-rich, with a peak at [Fe/H] ' �0:2 and clusters extendingwell above solar abundance. In such galaxies, it is puzzling that there wouldbe little or no trace of any �rst-generation metal-poor stellar population.Forbes et al. (1997) provide an analysis of all the available MDFs for giantellipticals which suggest an interesting pattern in the mean metallicities ofthe two modes. The peak of the MRC falls consistently at [Fe/H](MRC)= �0:2 for the most luminous gE's, with little scatter. By contrast, the peakof the MPC (on average � 1 dex lower) shows considerable galaxy-to-galaxyscatter. The cluster sample sizes in some of these galaxies are small, and theidenti�cations of the mode locations are debatable in some cases; but theirbasic conclusion seems sound, and may turn into a strong constraint on moreadvanced formation models. They argue that a two-phase in situ burst is thebest interpretation to generate the basic features of these MDFs.The presence or absence of bi- or multi-modality seems to correlate withlittle else. Generally valid statements seem to be that the cD-type (BCG)galaxies have the broadest MDFs (bimodal or multimodal); normal ellipti-



1 Globular Cluster Systems 95cals can have broad or narrow MDFs according to no pattern that has yetemerged. The sample of well determined MDFs is, however, not yet a largeone, and could be considerably expanded with studies of more ellipticals inmore environments and over a wider range of sizes.A superb illustration of what can be obtained from such studies is found inthe work by Geisler et al. (1996) and Lee et al. (1998) on the Virgo giant NGC4472.With CCD imaging andWashington �lters, they obtained accurate (C�T1) indices for a deep and wide-�eld sample of globular clusters around this gEgalaxy. Two diagrams taken from their study are shown in Figs. 1.46 and 1.47.A plot of cluster color or metallicity against galactocentric radius (Fig. 1.46)reveals distinct MRC and MPC subpopulations which also follow di�erentspatial distributions. The redder MRC objects follow a radial distributionthat is similar to that of the halo light of the galaxy, and their mean color isstrikingly similar to that of the halo (Fig. 1.47). By contrast, the bluer MPCclusters { equally numerous { follow a much more extended spatial structureand are more metal-poor than the MRC clusters or the galaxy halo by fully1 dex.The GCS as a whole displays a radial metallicity gradient, with the meancolor decreasing steadily outward (Fig. 1.47). Yet neither the MPC or MRCsubgroups exhibit signi�cant changes in mean color with radius by them-selves. The gradient in the GCS as a whole is, therefore, in some sense anartifact! It is a simple consequence of the di�erent radial distributions of thetwo subpopulations: the MRC clusters dominate the total GC numbers atsmall radii, while the MPC clusters dominate at large radii, so that the meancolor of all clusters combined experiences a net outward decrease.This same observational material also allows us to place interesting limitson the speci�c frequency for each of the two subgroups. Taking the bimodalMDF at face value, let us suppose that NGC 4472 formed in two majorstarbursts. By hypothesis, the earliest one produced the MPC clusters alongwith some halo light (i.e., �eld stars) at the same metallicity. The later andstronger burst formed the MRC clusters, with more �eld stars and with as-sociated clusters at the same (higher) metallicity.Geisler et al. (1996) estimate that the total number of MPC clusters isNMPC = 3660. Their mean color is (C � T1) = 1:35� 0:05 (see Fig. 1.47).Similarly, for the MRC clusters they estimate NMRC = 2440, with a meancolor (C � T1) = 1:85 � 0:05. But now, the mean color of the halo light is(C � T1) = 1:85� 0:05, exactly the same as that of the MRC clusters. Thusunder our assumptions, the vast majority of the halo stars must belong to thesecond, more metal-rich formation epoch; otherwise, their integrated colorwould lie distinctly between the two groups of clusters. A straightforwardcalculation shows that if the MPC halo light (which by hypothesis has a color(C � T1) ' 1:35) makes up more than about 6% of the total galaxy light,then the integrated color of the whole halo will be bluer than (C�T1) = 1:80,which would bring it outside the error bars of the observations.



96 W. E. HarrisTurning this calculation around, we conclude that the MRC starburstmade up >� 94% of the stellar population of the galaxy.Finally, we can convert these numbers into speci�c frequencies. The in-tegrated magnitude of the whole galaxy is V T (N4472) = 8.41. Splitting itin the proportions estimated above, we then have V T (MRC) ' 8:48, andV T (MPC) >� 11:30. Thus the metal-richer component hasSN (MRC) = 2:4� 0:3while a lower limit for the metal-poor burst isSN (MPC)>� 50 !The speci�c frequency of the �rst, metal-poor starburst must have beenextremely high { higher, in fact, than in any galaxy as a whole that we knowof today. Either the conversion rate of gas into bound globular clusters wasoutstandingly e�cient in the initial burst, or a great deal of the initial gaspresent was ejected or unused for star formation during the burst. As we willsee later, the latter explanation currently seems to be the more likely one(see also Forbes et al. 1997 for a similar argument). One possibility (Harriset al. 1998a) is that the initial metal-poor gas formed the MPC clustersthat we now see, but was then prevented from forming its normal proportionof stars by the �rst major burst of supernovae and the development of agalactic wind. A large part of this gas { now enriched by the �rst starburst{ later underwent dissipational collapse, most of it then being used up inthe second burst. Contrarily, the speci�c frequency of the second starburst {which produced most of the galaxy's stars { was quite modest, falling wellwithin the \normal" range mentioned previously for many kinds of galaxies.This discussion operates within the context of a generic \in situ" modelof formation, i.e., one in which the galaxy formed out of gas from within theprotogalaxy. However, the relative speci�c frequencies in the MPC and MRCcomponents would be the same in any other scheme; they depend only onthe assumption that the MPC clusters and metal-poor halo light go together,and that the MRC clusters and metal-rich halo light go together.Several other galaxies appear to present a story with strong similaritiesto that in NGC 4472, such as NGC 1399 (Ostrov et al. 1998; Forbes et al.1998) and M87 itself (Whitmore et al. 1995; Kundu et al. 1999). Two majorsubgroups dominate the MDF, each of which displays little or no metallicitygradient in itself. The MRC is more centrally concentrated, giving rise to anet [Fe/H] gradient in the whole GCS. Conversely, in galaxies with clearlyunimodal MDFs, none so far show any clear evidence for metallicity gradients.In summary, the presence or absence of gradients in halo metallicity appearsto connect strongly with the form of the MDF. Each separate stage of clusterformation generated clusters at similar metallicities all across the potentialwell of the galaxy, and it is only the di�erent radial concentrations of thesecomponents that gives rise to an overall gradient in the total GCS.
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Fig. 1.46. Metallicity vs. radius for globular clusters in NGC 4472, from Geisleret al. (1996). Note the bimodal distribution in metallicity, with the redder (moremetal-rich) population more centrally concentrated. Figure courtesy Dr. D. GeislerAnother elliptical galaxy of special interest is NGC 5128, the dominantgalaxy in the small, nearby Centaurus group (d = 3:9 Mpc). The importanceof this galaxy is that it is the only giant elliptical in which we have been ableto directly compare the MDF of the halo stars with the clusters. G. Harriset al. (1999) have used deep HST/WFPC2 photometry in V and I to obtaindirect color-magnitude photometry of the red-giant stars in the outer haloof NGC 5128, from which they generate an MDF by interpolation withinstandard RGB evolutionary tracks. The comparison between the two MDFs(clusters and halo stars) is shown in Fig. 1.48.The NGC 5128 halo stars display an MDF with at least two major compo-nents; roughly two-thirds of the stars are in the narrow metal-rich componentlocated at [Fe/H](peak)= �0:3 and with dispersion �[Fe/H]' 0:25. Remark-ably, the metal-rich part of the bimodal cluster MDF has the same locationand the same dispersion. Its speci�c frequency (that is, the ratio of MRCclusters to MRC stars) is SN (MRC) ' 1:5. By contrast, the metal-poorcomponent makes up about a third of the halo stars but about two-thirdsof the clusters, so that its speci�c frequency is SN (MPC) ' 4:3. This is,however, only a local estimate for one spot in the halo. The global valueof SN (MPC) across the entire galaxy would be larger if the inner parts ofthe halo contain relatively more MRC stars; that is, if the halo has a meanmetallicity gradient.



98 W. E. Harris
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Fig. 1.47. Mean color (C � T1) vs. radius for globular clusters in NGC 4472, fromLee et al. (1998). Plotted separately are the red (metal-rich) globular clusters ascrosses; blue (metal-poor) clusters as open circles; and the integrated color of theNGC 4472 halo light (small dots with error bars). The mean color of all clusterscombined (red + blue) is shown as the solid dots. Figure courtesy Dr. D. GeislerG. Harris et al. (1999) argue that the most likely interpretation of theearly history of this galaxy is an in situ formation model much like the oneoutlined above: two rather distinct stages of star formation, in which the�rst (metal-poor) one left most of the gas unconverted, but slightly enrichedfrom the �rst, low-e�ciency round of star formation. The later (metal-richer)burst then converted most of the gas and produced the main visible bulk ofthe galaxy. Though later accretions of small satellites must have played somerole in building up NGC 5128 (one gas-rich accretion has clearly occurredrecently to fuel the starburst activity within the inner � 5 kpc), these do notseem to have a�ected the outer-halo regions.NGC 5128 may of course not be typical of all ellipticals. But interactionsof the type it is now undergoing are now realized to be fairly commonplacefor large galaxies, so there is every reason for optimism that we can use it tolearn about the early evolution of many giant ellipticals.
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Fig. 1.48. Upper panel: Metallicity distribution function for red-giant stars in theouter halo of NGC 5128, at a projected location 20 kpc from the galaxy center.Lower panel: MDF for the globular clusters in the halo of NGC 5128 more distantthan 40 (4.5 kpc) from the galaxy center. Data are from G. Harris et al. (1992,1999)The analysis of GCS metallicity distributions has been one of the mostproductive routes to understanding cluster formation and the early historiesof galaxies. I urge interested readers to see the extensive discussion of Ashman& Zepf (1998) for more of the history of MDFs and their analysis.1.6.5 Radial Velocities and DynamicsIf we want to study the dynamics of the halo in a distant galaxy, then glob-ular clusters give us the same advantage over halo �eld stars as they didfor the metallicity distributions: because we can identify them one by one,we can build up the actual velocity distribution function rather than just aluminosity-weighted mean. Potentially, we can use cluster velocities in re-mote galaxies to determine (a) the kinematic di�erences between MPC andMRC clusters, where they are present; (b) the mass distribution M(r) andthe amount of dark matter; (c) the orbital distribution and the degree ofanisotropy; and (d) the presence (or absence) of \intergalactic" globular clus-



100 W. E. Harristers, i.e. clusters moving freely in the potential well of the galaxy cluster asa whole.Obtaining the necessary velocity measurements is a demanding job, re-quiring the biggest available optical telescopes and large samples of clusters.Early velocity measurements were accomplished for a few dozens of clustersin three giant ellipticals, M87 (Mould et al. 1987, 1990; Huchra & Brodie1987), NGC 4472 (Mould et al. 1990), and NGC 5128 (H.Harris et al. 1988).These studies were consistent with the expected results that the velocity dis-tributions were roughly isotropic and that the velocity dispersion was nearlyuniform with radius, thus M(r) � r. However, more recent studies { withhigher quality data and signi�cantly larger samples { have begun to revealmore interesting features. For M87, Cohen & Ryzhov (1997) have used a sam-ple of � 200 clusters extending out to r � 30 kpc to suggest that the velocitydispersion rises with radius, indicating M(r) � r1:8. The cluster velocitiesthus suggest the presence of an extensive amount of halo mass which bridgesthe mass pro�le of the central cD galaxy to the larger-scale mass distributionas determined from the hot X-ray gas on 100-kpc scales. Still larger samplesof cluster velocities for M87 are in progress, and may be able to provide �rsthints on the velocity anisotropy parameters.Sharples et al. (1998) have published the �rst stages of a study of similarscale on NGC 4472, the other Virgo supergiant. Other notable studies fordisk galaxies include the recent work on the Sombrero Sa galaxy (NGC 4594)by Bridges et al. (1997) and on NGC 3115 by Kavelaars (1998). For NGC1399, the central cD galaxy in Fornax, several dozen cluster velocities havenow been obtained (Grillmair et al. 1994; Minniti et al. 1998; Kissler-Patig1998; Kissler-Patig et al. 1999). They �nd that the GCS velocity dispersionat r >� 20 kpc is noticeably higher than that of the inner halo stars or clusters(as deduced from the integrated light and planetary nebulae) but similar in-stead to the population of galaxies around NGC 1399, suggesting that manyof the globular clusters in the cD envelope may belong to the Fornax poten-tial as a whole rather than the central elliptical. Some contamination fromneighboring ellipticals is also a possibility, and considerably more datapointswill be needed to sort out the alternatives (see Kissler-Patig et al. 1999).Here we end our overview of globular cluster systems in di�erent galaxies.After a brief detour into the Hubble constant (next section), we will returnin the last two sections to a discussion of current ideas about globular clusterformation and the early history of galaxies.1.7 THE GCLF AND THE HUBBLE CONSTANTThe only goal of science is the diminution of the distance between presentknowledge and truth. Steven Goldberg



1 Globular Cluster Systems 101Globular cluster systems are astrophysically most important for what theycan tell us about galaxy formation. Confronted with the rich variety of obser-vational information we now have for GCSs in many galaxies, and the rangeof implications it all has for galaxy formation, it is somewhat surprising torecall that they were historically �rst regarded as attractive for their poten-tial as extragalactic distance indicators { that is, standard candles. In thissection, we will take a brief look at the history of attempts to use globularclusters as standard candles; discuss the basic technique in its contemporaryform; work through the empirical calibration issues; and �nally, see how it isapplied to remote galaxies and derive a new estimate of H0.1.7.1 OriginsThe brightest globular clusters are luminous (MV <� �11) and thus detectableat distances far beyond the Local Group { particularly in giant ellipticals withpopulous GCSs that �ll up the bright end of the cluster luminosity distri-bution. M87, the central cD in the Virgo cluster, was the �rst such galaxyto attract attention. Attempts to use the brightest clusters began with thediscovery paper by Baum (1955), who �rst noted the presence of globularclusters around M87 visible on deep photographic plates. In several later pa-pers (Sandage 1968; Racine 1968; van den Bergh 1969; de Vaucouleurs 1970;Hodge 1974), the mean magnitudes of these few brightest clusters were usedto estimate the distance to M87, under the assumption that their intrinsicluminosities were the same as those of Mayall II (the brightest cluster inM31), or ! Centauri (the brightest in the Milky Way), or some average ofthe most luminous clusters in the Local Group galaxies. All of these attemptswere eventually abandoned after it became clear that the brightest clustersdrawn from a huge statistical sample { like the M87 GCS { would be moreluminous than those drawn from the much smaller Milky Way and M31 sam-ples, even if their GCLFs were basically similar (which was itself an unprovenassumption).The modern approach to employing the GCLF begins with the work ofHanes (1977), who carried out a large photographic survey of the globularcluster systems in several Virgo ellipticals. The photometric limits of this ma-terial still fell well short of the GCLF turnover, but the basic principle wasestablished that the entire GCLF had considerably more information thanjust its bright tip, and could be matched in its entirety with the calibrat-ing GCSs in the Milky Way or M31. The Gaussian interpolation model forthe GCLF was also employed in essentially the same way we use it today.With the bene�t of hindsight (see the discussion of Harris 1988b), we can seefrom Hanes' analysis that he would have correctly predicted the Virgo GCLFturnover magnitude if he had known the right value of the GCLF dispersion� for these ellipticals. Somewhat deeper photographic photometry for addi-tional Virgo ellipticals was obtained by Strom et al. (1981) and Forte et al.(1981), with similar results.



102 W. E. HarrisThe subject { like most other areas of observational astronomy { wasrevolutionized by the deployment of the enormously more sensitive CCDcameras, beginning in the mid-1980's. At last, the anticipated GCLF turnoverwas believed to be within reach of the new CCD cameras on large telescopes.Once again, M87 was the �rst target: long exposures with a �rst-generationCCD camera by van den Bergh et al. (1985) attained a photometric limit ofB ' 25:4. They did indeed reach the turnover point, though they could notde�nitively prove it, since the photometric limit lay just past the putativeturnover. Still deeper B�band data were obtained by Harris et al. (1991)for three other Virgo ellipticals, which �nally revealed that the turnover hadbeen reached and passed, with the data exhibiting a clearly visible downturnextending 1.5 mag past the peak. For the �rst time, it was possible to argueon strictly observational grounds that the GCLF had the same fundamentalshape in E galaxies as in the Milky Way and M31. With the advent of theHubble Space Telescope era in the 1990's, considerably more distant targetshave come within reach, extending to distances where galactic motions arepresumed to be dominated by the cosmological Hubble 
ow and peculiarmotions are negligible.1.7.2 The Method: Operating PrinciplesIn its modern form, the GCLF is the simplest of standard candles that applyto remote galaxies. For the purposes of this section, we will use the classicGaussian-like form of the luminosity distribution (number of clusters perunit magnitude). The observational goal is nothing more than to �nd theapparent magnitude V 0 of the turnover point. Once an absolute magnitudeM0V is assumed, the distance modulus follows immediately. The precepts ofthe technique are laid out in Secker & Harris (1993) and in the reviews ofJacoby et al. (1992) and Whitmore (1997). Brie
y, the basic attractions ofthe GCLF method are as follows:� M0V is more luminous than any other stellar standard candle except forsupernovae. With the HST cameras (V (lim)>� 28), its range extends tod � 120 Mpc and potentially further.� Globular clusters are old-halo objects, so in other galaxies they are asfree as possible from problems associated with dust and reddening insidethe target galaxy.� They are nonvariable objects, thus straightforward to measure (no repeatobservations are necessary).� They are most numerous in giant E galaxies which reside at the centers ofrich galaxy clusters. These same objects are the ones which are the mainlandmarks in the Hubble 
ow, thus concerns about peculiar motions orinterloping galaxies are minimized.Clearly, it shares at least some of these advantages with other techniquesbased on old stellar populations that work at somewhat shorter range: the



1 Globular Cluster Systems 103planetary nebula luminosity function, surface brightness 
uctuations, and theRGB tip luminosity (Jacoby et al. 1992; Lee et al. 1993a).Having listed its attractions, we must also be careful to state the con-cerns and potential pitfalls. There are two obvious worries arising from theastrophysical side. First, globular clusters are small stellar systems ratherthan individual stars. We cannot predict their luminosities starting from asecure basis in stellar physics, as we can do for (e.g.) Cepheids, planetarynebulae, or RGB tip stars. Indeed, to predict the luminosity distribution ofglobular clusters, we would �rst have to know a great deal about how theyform. But understanding their formation process almost certainly involvescomplex, messy gas dynamics (see Section 8 below), and at the moment, wehave no such complete theory on hand. In any case, we might well expect apriori that clusters would form with di�erent typical masses or mass distri-butions in di�erent environments, such as at di�erent locations within onegalaxy, or between galaxies of widely di�erent types.Second, globular clusters are � 10� 15-Gyr-old objects, and as such theyhave been subjected to a Hubble time's worth of dynamical erosion withinthe tidal �elds of their parent galaxies. Since the e�ciencies of these erosiveprocesses also depend on environment (Section 5), shouldn't we expect theGCLFs to have evolved into di�erent shapes or mean luminosities in di�erentgalaxies, even if they started out the same?In the absence of direct observations, these theoretical expectations seemformidable. But we should not mistake the relative roles of theory and ex-periment: that is, arguments based on whatever is the current state of theoryshould not prevent us from going out and discovering what the real objectsare like. For the distance scale, the fundamental issue (Jacoby et al. 1992)can be simply stated: Any standard candle must be calibrated strictly on ob-servational grounds; the role of theory is to explain what we actually see.Theory may give us an initial motivation or overall physical understandingof a particular standard candle, but the only way that our carefully con-structed distance scale can be independent of changes in the astrophysicalmodels is to build it purely on measurement.At the same time, we must recognize the challenges as honestly as we can.If we are to use the GCLF as a standard candle, we must have clear evidencethat the turnover magnitude M0V is in fact the same from galaxy to galaxy.More precisely, we must be con�dent that the behavior ofM0V is repeatablefrom galaxy to galaxy. This is, of course, not a black-and-white statementbut rather a matter of degree: like any other empirical standard candle, M0Vcannot be a perfect, ideally uniform number. But is it a \constant" at thelevel of, say, �0:1 magnitude? �0:2 mag? or worse? This is the practicalquestion which determines how interesting the GCLF actually is as a distanceindicator, and which must be settled empirically.



104 W. E. Harris1.7.3 CalibrationWe calibrate the turnover luminosity M0V by measuring it in several othernearby galaxies whose distances are well established from precise stellar stan-dard candles. But just using the Milky Way and M31 (Section 5) will not do.We will be particularly interested in using the GCLF in remote giant ellipti-cals, and these are galaxies of quite a di�erent type than our nearby spirals.The closest large collections of E galaxies are in the Virgo and Fornaxclusters. Fortunately, these are near enough that their distances can be mea-sured through a variety of stellar standard candles, and so these two clustersmust be our main proving grounds for the GCLF calibration. Here, I will usegalaxy distances established from four di�erent methods which have soundphysical bases and plausible claims to precisions approaching�0:1 magnitudein distance modulus: (a) the period-luminosity relation for Cepheids; (b) theluminosity function for planetary nebulae (PNLF); (c) surface brightness 
uc-tuations for old-halo stellar populations (SBF); and (d) the red-giant branchtip luminosity (TRGB). For extensive discussions of these (and other) meth-ods, see Jacoby et al. (1992) and Lee et al. (1993a). In Table 1.10, recentresults from these four methods are listed for several galaxy groups and in-dividual galaxies with globular cluster systems. In most cases, the mutualagreements among these methods are good, and bear out their claimed ac-curacies in the references listed.The �nal column of the table gives the adopted mean distance modulusfor each group, along with the internal r.m.s. uncertainty of the mean. As agauge of the true (external) uncertainty, we can note that to within �0:1 indistance modulus, the absolute zeropoints of each technique are consistentwith the Local Group (LMC and M31) distance scale discussed in Section 2above.Next, we need to have well established apparent magnitudes V 0 for theGCLF turnover levels in as many galaxies as possible. The most straight-forward numerical technique is to start with the observed GCLF (correctedfor background contamination and photometric incompleteness; see the Ap-pendix) and �t any of the adopted interpolation functions to it { usually theGaussian, but others such as the t5 function have been used too. The best-�tfunction gives the nominal apparent magnitude V 0 of the turnover point.Secker & Harris (1993) de�ne a more advanced maximum-likelihood proce-dure for �tting the raw data (that is, the list of detected objects in the �eld,sorted by magnitude) to the adopted function, convolved with the photomet-ric error and completeness functions and added to the observed backgroundLF. Both approaches have proved to generate valid results, though the lattermethod provides a more rigorous understanding of the internal uncertainties.To determine V 0, we need to have GCLF photometry extending clearlypast the turnover: the deeper the limit, the more precisely we can identifyit independent of assumptions about the shape or dispersion of the GCLFas a whole. (It is important to note here that we do not necessarily want to



1 Globular Cluster Systems 105Table 1.10. Distance moduli for nearby galaxy groupsGalaxy Group (m�M)0 Method Sources MeanVirgo Cluster 30:99 � 0:08 Cepheids 1,2,3,4 30:97 � 0:0430:98 � 0:18 TRGB 530:84 � 0:08 PNLF 6,731:02 � 0:05 SBF 8,9,10,11Fornax Cluster 31:35 � 0:07 Cepheids 12 31:27 � 0:0431:14 � 0:14 PNLF 1331:23 � 0:06 SBF 8Leo I Group 30:01 � 0:19 Cepheids 14 30:17 � 0:0530:30 � 0:28 TRGB 1530:10 � 0:08 PNLF 16,1730:20 � 0:05 SBF 8,11,18Coma I Group 30:08 � 0:08 PNLF 19 30:08 � 0:0730:08 � 0:07 SBF 20Coma II Group 30:54 � 0:05 PNLF 19 30:81 � 0:1430:95 � 0:07 SBF 8,20NGC 4365 31:73 � 0:10 SBF 8 31:73 � 0:10NGC 3115 30:29 � 0:20 TRGB 21 30:16 � 0:1030:17 � 0:13 PNLF 2229:9� 0:25 SBF 21,22NGC 4594 29:74 � 0:14 PNLF 23 29:70 � 0:1029:66 � 0:08 SBF 22Sources: (1) Ferrarese et al. 1996 (2) Pierce et al. 1994 (3) Saha et al. 1996a (4)Saha et al. 1996b (5) Harris et al. 1998b (6) Jacoby et al. 1990 (7) Ciardullo etal. 1998 (8) Tonry et al. 1997 (9) Neilsen et al. 1997 (10) Pahre & Mould 1994(11) Morris & Shanks 1998 (12) Madore et al. 1998 (13) McMillan et al. 1993 (14)Graham et al. 1997 (15) Sakai et al. 1997 (16) Ciardullo et al. 1989 (17) Feldmeieret al. 1997 (18) Sodemann & Thomsen 1996 (19) Jacoby et al. 1996 (20) Simard &Pritchet 1994 (21) Kundu & Whitmore 1998 (22) Ciardullo et al. 1993 (23) Fordet al. 1996



106 W. E. Harrisuse a �tting function which will match the entire GCLF, which may or maynot be asymmetric at magnitudes far out in the wings. The entire goal ofthe numerical exercise is to estimate the magnitude of the turnover point asaccurately as possible; thus, we want a �tting function which will describe thepeak area of the GCLF accurately and simply. In other words, it is to ouradvantage to use a simple, robust function which will not be overly sensitiveto the behavior of the GCLF in the far wings. The Gaussian and t5 functions,with just two free parameters, meet these requirements well.)The results for E galaxies with well determined GCLF turnovers are listedin Tables 1.11 and 1.12, while Table 1.13 gives the same results for severaldisk galaxies. (Note that the turnover luminosities for the Milky Way and theLocal Group dE's are already converted to absolute magnitude.) The fourthcolumn in each table gives the magnitude limit of the photometry relativeto the turnover level; obviously, the larger this quantity is, the more well de-termined the turnover point will be. The absolute magnitude of the turnoverin each galaxy is obtained by subtraction of the intrinsic distance moduli inTable 1.10, and subtraction of the foreground absorption AV . Fortunately,AV is small in most cases, since almost all the galaxies listed here are at highlatitude.The values of M0V in the individual galaxies are shown in Figs. 1.49 and1.50, and the mean values are listed in Table 1.14.The results for the giant ellipticals are particularly important, since theseact as our calibrators for the more remote targets. From the �rst entry inTable 1.14, we see that the gE galaxy-to-galaxy scatter in M0V is at the levelof �0:15 mag without any further corrections due to environment, metallicity,luminosity, or other possible parameters. Much the same scatter emerges ifwe use only the gE galaxies within one cluster (Virgo or Fornax) where theyare all at a common distance (cf. Harris et al. 1991; Jacoby et al. 1992; Whit-more 1997 for similar discussions). This all-important quantity determinesthe intrinsic accuracy that we can expect from the technique. Clearly, part ofthe dispersion inM0V must be due simply to the statistical uncertainty in de-termining the apparent magnitude of the turnover from the observed GCLF(which is typically �0:1 mag at best; see below), and part must be due to un-certainties in the adopted distances to the calibrating galaxies (which againare likely to be �0:1 mag at best). When these factors are taken into account,the raw observed scatter in the turnover magnitudes is encouragingly small.In summary, I suggest that the directly observed dispersion in the turnoverluminosity gives a reasonable estimate of the precision we can expect fromthe technique: for giant E galaxies with well populated GCLFs, the expecteduncertainty in the resulting distance modulus is near �0:15 mag.One remaining anomaly within the set of gE galaxies is a slight systematicdiscrepancy between the Fornax and Virgo subsamples. For the six Virgoellipticals by themselves, we have hM0V i ' �7:26 � 0:07, while for the sixFornax ellipticals, hM0V i ' �7:47�0:07. These di�er formally by (0:21�0:10),



1 Globular Cluster Systems 107Table 1.11. GCLF turnover magnitudes for giant E galaxiesGalaxy Group Galaxy V 0(turnover) V (lim)� V 0 SourcesVirgo Cluster N4472 23:87 � 0:07 ' 1:5 1,2,3N4478 23:82 � 0:38 2.7 4N4486 23:71 � 0:04 ' 2:1 5,6,7,8,9N4552 23:70 � 0:30 0.7 2N4649 23:66 � 0:10 ' 1:8 1N4697 23:50 � 0:20 1:2 10Fornax Cluster N1344 23:80 � 0:25 1.0 11N1374 23:52 � 0:14 0.5 12N1379 23:92 � 0:20 1.0 12,13N1399 23:86 � 0:06 1.0 11,12,14,15N1404 23:94 � 0:08 1.0 11,15,16N1427 23:78 � 0:21 -0.2 12Leo I Group N3377 22:95 � 0:54 1.3 17N3379 22:41 � 0:42 1.3 17Coma I Group N4278 23:23 � 0:11 1.6 18Coma II Group N4494 23:34 � 0:18 1.7 18,19NGC 4365 N4365 24:42 � 0:18 0.8 1,2,20Sources: (1) Secker & Harris 1993 (2) Ajhar et al. 1994 (3) Lee et al. 1998(4) Neilsen et al. 1997 (5) Harris et al. 1991 (6) McLaughlin et al. 1994 (7)Whitmore et al. 1995 (8) Harris et al. 1998a (9) Kundu et al. 1999 (10) Kavelaars& Gladman 1998 (11) Blakeslee & Tonry 1996 (12) Kohle et al. 1996 (13) Elson etal. 1998 (14) Bridges et al. 1991 (15) Grillmair et al. 1999 (16) Richtler et al. 1992(17) Harris 1990b (18) Forbes 1996b (19) Fleming et al. 1995 (20) Forbes 1996a



108 W. E. HarrisTable 1.12. GCLF turnover magnitudes for dwarf E galaxiesGalaxy Group Galaxy V 0(turnover) V (lim)� V 0 SourcesVirgo Cluster 8 dE's 24:1� 0:3 0.7 1NGC 3115 DW1 23:1� 0:3 1.4 2Local Group NGC 147 �5:99 � 0:92 2: 3NGC 185 �6:49 � 0:71 2: 3NGC 205 �7:27 � 0:27 2: 3Fornax �7:06 � 0:95 3: 3Sagittarius �6:28 � 1:21 4: 4Sources: (1) Durrell et al. 1996a (2) Durrell et al. 1996b (3) Harris 1991 (4)This paperTable 1.13. GCLF turnover magnitudes for disk galaxiesGroup Galaxy Type V 0(turnover) V (lim)� V 0 SourcesFornax N1380 S0 23:92 � 0:20 1.1 1,2NGC 3115 N3115 S0 22:37 � 0:05 0.7 3Virgo SE N4594 Sa 23:3 � 0:3 1.0 4Coma I: N4565 Sb 22:63 � 0:21 0.8 5M81 M81 Sb 20:30 � 0:3 2 6Local Group M31 Sb 17:00 � 0:12 2 7,8Local Group Milky Way Sbc �7:68 � 0:14 5 9Local Group M33 Sc 17:74 � 0:17 2 10Local Group LMC Im 11:13 � 0:32 3 10Sources: (1) Blakeslee & Tonry 1996 (2) Kissler-Patig et al. 1997b (3) Kundu &Whitmore 1998 (4) Bridges & Hanes 1992 (5) Fleming et al. 1995 (6) Perelmuter& Racine 1995 (7) Reed et al. 1994 (8) Secker 1992 (9) This paper (Chp 5) (10)Harris 1991



1 Globular Cluster Systems 109signi�cant at the two-standard-deviation level. Why? If the GCLF turnoveris, indeed, fundamentally similar in these rich-cluster ellipticals and subjectonly to random di�erences from one galaxy to another, then this discrepancywould suggest that we have either overestimated the distance to Fornax, orunderestimated the distance to Virgo, or some combination of both. But thestellar standard candles listed above agree quite well with one another ineach cluster. This puzzling discrepancy is not large; but it suggests, perhaps,that the external uncertainty in the GCLF turnover method may be closerto �0:2 mag.What of the other types of galaxies? From the evidence so far, dwarfellipticals have turnover luminosities that are fainter by � 0:3� 0:4 mag inMV than in the giants. Quite obviously, though, measuring the turnover inany one dwarf is a risky business because of the small sample size (perhapsonly one or two dozen globular clusters per galaxy even in the best cases; seeDurrell et al. 1996a,b). Many must be averaged together to beat down theindividual statistical uncertainties.In the disk galaxies, the turnover may be slightly brighter (by � 0:2mag) than in gE's, though the nominal di�erence is not strongly signi�cant.This latter result, if real, may be tangible evidence that dynamical evolutionof globular clusters in disk galaxies has been somewhat stronger due to diskshocking, which would remove a higher proportion of the fainter clusters. Theone strikingly anomalous case is NGC 4594, with a much fainter turnoverlevel than average. Although its distance seems relatively well determined(PNLF, SBF), the GCLF turnover magnitude relies on only one small-�eldCCD study and may be suspect. This galaxy is the nearest giant edge-on Saand should be studied in much more detail.Table 1.14. Final GCLF turnover luminositiesGalaxy Type N Mean M0V rms scatterGiant Ellipticals 16 �7:33 � 0:04 0.15Dwarf Ellipticals 14 �6:90 � 0:17 0.6:All Disk Galaxies 9 �7:46 � 0:08 0.22S0 and Sb 6 �7:57 � 0:08 0.20NB: The mean for the giant ellipticals excludes NGC 4278, at M0V = �6:9; itsdistance modulus is probably suspect.
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Fig. 1.49. GCLF turnover luminosity M0V for elliptical galaxies, plotted againstgalaxy luminosity MTV . Solid dots are ellipticals in the Fornax cluster, open circlesare Virgo ellipticals, and asterisks are ellipticals in smaller groups. Symbol size goesin inverse proportion to the internal uncertainty in the turnover (smaller symbolshave larger random errors). The horizontal solid line indicates the mean hM0V i forthe giant ellipticals, with the �0:15 galaxy-to-galaxy range indicated by the dashedlines1.7.4 Functional Fitting and the Role of the DispersionWe see that the absolute magnitude of the turnover point is reasonably similarin widely di�erent galaxies. Now, what can we say about the dispersion ofthe GCLF? Speci�cally, in our Gaussian interpolation model, is the standarddeviation �G reasonably similar from one galaxy to another?An important side note here is that in practice, �G really represents theshape of the bright half of the GCLF, since in most galaxies beyond theLocal Group we do not have data that extend much beyond the turnoverpoint itself. Thus if the relative numbers of faint clusters were to di�er wildlyfrom one type of galaxy to another, we would not yet have any way to see it(nor would it matter for the standard-candle calibration). However, to testthe uniformity of �G, we want to use only the calibrating galaxies for whichthe limit of the photometry is clearly fainter than the turnover. If the datafall short of V 0, or just barely reach it, then it is generally not possible to �ta Gaussian curve to the data and solve simultaneously for both V 0 and �G;the two parameters are correlated, and their error bars are asymmetric.
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Fig. 1.50. GCLF turnover luminosity M0V for disk galaxies. Solid dots are spirals(Sa to Im types) and open circles are S0's. The horizontal lines are taken from theprevious �gure, and indicate the mean and standard deviation for giant ellipticals.Most of the large disk galaxie sit slightly above the mean line for the ellipticals.The anomalously low point is the Sa galaxy NGC 4594This latter numerical problem was already realized in attempts to �t the�rst deep CCD data in M87 (van den Bergh et al. 1985; Hanes & Whittaker1987), and is also discussed at length in Harris (1988b) and Secker & Harris(1993). The reason for the asymmetry can be seen immediately if we referagain to Fig. 1.43: if the observations do not extend past the turnover, thenthere are no faint-end data points to constrain the upper limits on either �G orV 0, and a statistically good �t can be obtained by choices of these parametersthat may be much larger than the true values. By contrast, values that aremuch too small are ruled out by the well determined bright-end observations.The net result is unfortunately that both the dispersion and the turnover tendto be overestimated if both are allowed to 
oat in the �tted solution.Best-�t values of �G are listed in Table 1.15 for most of the same galaxieslisted above. Ellipticals are listed on the left, and disk galaxies on the right.For the six disk galaxies, the weighted mean is h�Gi = 1:21 � 0:05. For12 ellipticals (excluding NGC 4478, which is a peculiar tidally truncatedcompanion of NGC 4472), we obtain h�Gi = 1:36� 0:03.An interesting comparison of this mean value can be obtained from theresults of GCLFs in 14 BCG galaxies from the surface brightness 
uctuation



112 W. E. HarrisTable 1.15. GCLF dispersion measurementsEllipticals DisksGalaxy �G Galaxy �GN1344 1:35 � 0:18 Milky Way 1:15 � 0:10N1379 1:55 � 0:21 M31 1:06 � 0:10N1399 1:38 � 0:09 M33 1:2 :N1404 1:32 � 0:14 N1380 1:30 � 0:17N4278 1:21 � 0:09 N3115 1:29 � 0:06N4365 1:49 � 0:20 N4565 1:35 � 0:22N4472 1:47 � 0:08N4478 1:16 � 0:21N4486 1:40 � 0:06N4494 1:09 � 0:11N4636 1:35 � 0:06N4649 1:26 � 0:08N5846� 1:34 � 0:06�Source for NGC 5846: Forbes et al. 1996astudy of Blakeslee et al. (1997). They �nd h�Gi = 1:43� 0:06. (In their SBFanalysis, only the few brightest globular clusters are actually resolved on theraw images, but the 
uctuation contribution due to the fainter unresolvedones must be numerically removed before the 
uctuation signal from the halolight can be determined. They assume that the GCLF follows a Gaussianshape with an assumed M0V equal to that of M87, and then solve for thedispersion.)In summary, a mean value �G = 1:4� 0:05 appears to match most giantellipticals rather well, and �G = 1:2� 0:05 will match most spirals.Some common-sense prescriptions can now be written down for the actualbusiness of �tting an interpolation function to an observed GCLF. Startingwith the observations of cluster numbers vs. magnitude, your goal is simply toestimate the turnover point as accurately as possible. Choose a simple, robustinterpolation function which will match the center of the distribution anddon't worry about the extreme wings. But should you try to solve for bothV 0 and �G, which are the two free parameters in the function? This dependscompletely on how deep your photometry reaches. Experience shows that ifyou have fully corrected your raw data for photometric incompleteness and



1 Globular Cluster Systems 113subtracted o� the contaminating background LF, and you clearly see thatyour data reach a magnitude or more past the turnover point, then you cansafely �t one of the recommended functions (Gaussian or t5) to it and solvefor both parameters. However, if your photometric limit falls short of theturnover, or does not go clearly past it, then your best course of action is toassume a value for the dispersion and solve only for the turnover magnitude.This approach will introduce some additional random uncertainty in V 0, butwill considerably reduce its systematic uncertainty.The actual function �tting process can be developed into one in whichthe assumed model (Gaussian or t5) is convolved with the photometric com-pleteness and measurement uncertainty functions (see the Appendix), addedto the background LF, and then matched to the raw, uncorrected LF. Amaximum-likelihood implementation of this approach is described in Secker& Harris (1993).Putting these results together, we now have some con�dence on strictlyempirical grounds that the turnover luminosity in gE galaxies has an obser-vational scatter near �0:15 mag, and a Gaussian dispersion �G ' 1:4� 0:05.These statements apply to the central cD-type galaxies in Virgo and Fornax,as well as to other gE's in many groups and clusters. The GCLFs in dwarfellipticals and in disk galaxies are noticeably, but not radically, di�erent inmean luminosity and dispersion.This is all the evidence we need to begin using the GCLF as a stan-dard candle for more remote ellipticals. The near-uniformity of the GCLFluminosity and shape, in an enormous range of galaxies, is a surprising phe-nomenon on astrophysical grounds, and is one of the most remarkable andfundamentally important characteristics of globular cluster systems.1.7.5 The Hubble ConstantTo measureH0, we need GCLF measurements in some target galaxies that aremuch more distant than our main group of calibrators in Virgo and Fornax.Such observations are still a bit scarce, but the numbers are steadily growing.Our preferred route will be the classic one through the \Hubble diagram".We start with Hubble's law for redshift vr and distance d:vr = H0 d (1.52)or in magnitude form where d is measured in Mpc and vr in km s�1,5 log vr = 5 logH0 + (m�M)0 � 25 (1.53)Now substitute the apparent magnitude of the GCLF turnover, V 0 =M0V +(m�M)0, and we obtainlog vr = 0:2V 0 + logH0 � 0:2M0V � 5 (1.54)Thus a plot of (log vr) against apparent magnitude V 0 for a sample of giantelliptical galaxies should de�ne a straight line of slope 0.2. The zeropoint



114 W. E. Harris(intercept) is given by hlogvr � 0:2V 0i = logH0 � 0:2M0V � 5, where themean in brackets is taken over the set of observed data points. Once weinsert our adopted value of M0V , the value of the Hubble constant H0 followsimmediately.Relevant data for a total of 10 galaxies or groups ranging from the Virgocluster out to the Coma cluster (the most remote system in which the GCLFturnover has been detected) are listed in Table 1.16 and plotted in Fig. 1.51.This �gure is the �rst published \Hubble diagram" based on globular clusterluminosities, and it has been made possible above all by the recent HSTphotometry of a few remote ellipticals.In the Table, the entries for Virgo and Fornax are the mean hV 0i valuestaken from Table 1.11 above. The cosmological recession velocities vr = czfor each target assume a Local Group infall to Virgo of 250�100 km s�1 (e.g.,Ford et al. 1996; Hamuy et al. 1996; Jerjen & Tammann 1993, among manyothers). For the mean radial velocities of the clusters, especially Virgo andFornax, see the discussions of Colless & Dunn (1996), Girardi et al. (1993),Huchra (1988), Binggeli et al. (1993), Mould et al. (1995), and Hamuy et al.(1996). The Coma cluster ellipticals (IC 4051 and NGC 4874, and the lowerlimit for NGC 4881) provide especially strong leverage on the result for H0,since they are easily the most distant ones in the list, and the correctionof the cluster velocity to the cosmological rest frame is only a few percent.Encouragingly, however, the points for all the objects fall on the best-�t lineto within the combined uncertainties in V 0 and vr.The last four entries in Table 1.16, from Lauer et al. (1998), are derivedfrom SBF measurement of the central cD galaxies in the Abell clusters listed,and not from directly resolved globular cluster populations. I have put thesein primarily as a consistency check of the SBF analysis technique (Lauer et al.assume a constant value for the GCLF dispersion, and then derive a value ofthe turnover magnitude which provides the best-�t model for the 
uctuationamplitude).The straight average of the datapoints for the �rst �ve entries in thetable (the ones with resolved GCLF turnovers) gives hlog vr � 0:2V 0i =�1:664� 0:018. Putting in M0V = �7:33� 0:04 from Table 1.14, we obtainH0 = (74�4) km s�1 Mpc�1. The quoted error of course represents only theinternal uncertainty of the best-�t line. The true uncertainty is dominatedby the absolute uncertainty in the fundamental distance scale (Section 2),which we can estimate (perhaps pessimistically) as �0:2 mag once we addall the factors in the chain from parallaxes through the Milky Way to theVirgo/Fornax calibrating region. (For comparison, the scatter of the pointsabout the mean line in Fig. 1.51 is �0:25 mag.) A �0:2�mag error in M0Vtranslates into �H0 = �7. Thus our end result for H0 isH0 = (74� 4[int];�7[ext]) km s�1Mpc�1 : (1.55)Taking the mean of all 9 points in the table, including the turnovers deducedfrom the SBF analysis, would have yielded H0 = 72.



1 Globular Cluster Systems 115Table 1.16. GCLF Turnover Levels in Remote GalaxiesCluster Galaxy vr(CMB) V 0 Sources(km s�1)Virgo 6 gE's 1300 23:73 � 0:03 1Fornax 6 gE's 1400 23:85 � 0:04 1NGC 5846 NGC 5846 2300 25:08 � 0:10 2Coma IC 4051 7100 27:75 � 0:20 3,4Coma NGC 4874 7100 27:82 � 0:12 5Coma NGC 4881 7100 > 27:6 6A 262 NGC 705 4650 26:95 � 0:3 7A 3560 NGC 5193 4020 26:12 � 0:3 7A 3565 IC 4296 4110 26:82 � 0:3 7A 3742 NGC 7014 4680 26:87 � 0:3 7Sources: (1) This section (2) Forbes et al. 1996a (3) Baum et al. 1997 (4)Woodworth & Harris 1999 (5) Kavelaars et al. 1999 (6) Baum et al. 1995 (7) Laueret al. 1998What are the ultimate limits of this distance scale technique? With theHST cameras, many other gE galaxies (BCGs in a variety of Abell clusters)can be added to the graph in Fig. 1.51 out to a limit which probably ap-proaches cz � 10; 000 km s�1. With two or three times as many points,the random uncertainty of the �tted line zeropoint can then be reduced to�2 km s�1 Mpc�1. Similarly, if the true distance uncertainty to the Fornaxand Virgo calibrators can be reduced eventually to �0:1 mag, then the totalerror (internal + external) in H0 will be reduced to about 7%, making itcompetitive with any of the other methods in the literature. A more detaileddiscussion of the uncertainties is given by Whitmore (1997).This approach to measuringH0 with the GCLF is the most defensible oneon astrophysical grounds. We are deliberately comparing galaxies of strictlysimilar types (giant ellipticals) over a range of distances, so that we canplausibly argue that the intrinsic di�erences in their GCLFs, due to anydi�erences in the globular cluster system formation or evolution, will be min-imized. Nevertheless, if we wish to be a bit more audacious, we can take abigger leap of faith by pinning our assumed turnover luminosity M0V to theMilky Way alone, arguing that there is no compelling evidence as yet thatM0V (gE) is systematically di�erent from M0V (spiral) (Table 1.14). This as-sumption would allow us to go directly from our own Galaxy to the Hubbleconstant in a single leap, bypassing any of the other steps through the Local
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Fig. 1.51. Hubble diagram for globular cluster luminosity functions. The cosmo-logical recession velocity vr is plotted against the apparent magnitude of the GCLFturnover, for 10 brightest cluster galaxies or groups of galaxies. Solid dots are onesin which the GCLF has been directly resolved down to the turnover point. Opendots are ones in which the turnover level has been deduced by a �t to the surfacebrightness 
uctuation function; see text. The cross is the lower limit for the Comaelliptical NGC 4881. The best-�t straight line (with equal weights to all the soliddots) yields a Hubble constant H0 = 74� 8Group, Virgo, or Fornax. If we do this with the two Coma ellipticals, using therelevant numbers listed above we obtain H0 ' 56�65 depending on whetherwe adopt M0V = �7:4 from the entire Milky Way sample or �7:68 from therp > 3 kpc projected halo sample (Section 5). It is not clear which we shoulddo. In addition, the internal errors are signi�cantly larger than before sinceonly a single galaxy with a rather small GCS population is being used to cal-ibrate the luminosity. However, this Milky Way route should be consideredonly as an interesting numerical exercise: there is no believable \principle ofuniversality" for GCLFs that we can invoke here, and the true systematic dif-ferences between ellipticals and spirals are quantities which must be workedout on observational grounds.The way that the Hubble constant a�ects various cosmological parametersis well known and will not be reviewed here (see the textbook of Peebles 1993or the review of Carroll & Press 1992). For H0 ' 70, the Hubble expansion



1 Globular Cluster Systems 117time is H�10 = 14:0 Gyr. If the total mass density has its closure value of
 = 1, then the true age of the universe is � = (2=3)H�10 = 9:3 Gyr, whichfalls short of the currently calibrated maximum ages of the oldest stars by 3to 5 Gyr. However, there are strong experimental indications that the overallmass density (dark or otherwise) is only 
M ' 0:1 � 0:3, such as from thevirial masses of rich clusters of galaxies at large radius (Carlberg et al. 1996),the abundances of the light elements (e.g., Mathews et al. 1996), the numberdensity evolution of rich clusters of galaxies (e.g., Bahcall et al. 1997), or thepower spectrum of the cosmic microwave background (e.g., Lineweaver et al.1998).If � = 0 (no vacuum energy density term) and there are no other termsto add to 
(global) (Carroll & Press 1992), then the true age of the universefor 
 � 0:2 would be � ' 13 Gyr. A value in that range is in reasonableagreement with contemporary estimates of the ages of the oldest stars inthe galaxy, measured either by globular cluster ages from isochrone �tting(e.g., VandenBerg et al. 1996; Chaboyer et al. 1998; Carretta et al. 1999),or by thorium radioactive-decay age dating of metal-poor halo stars (Cowanet al. 1997). However, early results from the Hubble diagram analysis ofdistant supernovae favor a nonzero 
� and a combined sum (
M +
�) � 1(Perlmutter et al. 1997; Riess et al. 1998), though on strictly observationalgrounds the case is still open. Should we take the somewhat cynical view thatthose who are hunting for large 
� are (to quote Erasmus) \looking in utterdarkness for that which has no existence"? That would be premature. Manypossibilities still exist for additional contributions to 
, modi�ed in
ationmodels, and so on. The debate is being pursued on many fronts and is certainto continue energetically.1.8 GLOBULAR CLUSTER FORMATION: IN SITUMODELSIf we knew what we were doing, it wouldn't be research.AnonymousUnderstanding how globular clusters form { apparently in similar waysin an amazingly large variety of parent galaxies { is a challenging and long-standing problem. Though it still does not have a fully 
eshed-out solution,remarkable progress has been made in the last decade toward understandingthe times and places of cluster formation.The scope of this problem lies in the middle ground between galaxy for-mation and star formation, and it is becoming increasingly clear that we willneed elements of both these upper and lower scales for the complete storyto emerge. At the protogalactic (� 100 kpc) scale, the key question appearsto be: How is the protogalactic gas organized? Assuming it is clumpy, whatis the characteristic mass scale and mass spectrum of the clumps? Then,



118 W. E. Harrisat the next level down (� 1 kpc), we need to ask how protoclusters formwithin a single one of these gas clouds. Finally, at the smallest scales (<� 0:1pc), we ask how the gas within protoclusters turns itself into stars. At eachlevel it is certain that the answers will involve complex gas dynamics, andfull numerical simulations covering the entire >� 1010 dynamic range in massand length with equal and simultaneous precision are still formidable tasks.We can, however, hope to explore some partial answers. In these next twosections, we will discuss some of the current ideas for massive star clusterformation and ask how successful they are at matching the observations wehave now accumulated.1.8.1 Summarizing the Essential DataThe �rst theoretical ideas directly relevant to globular cluster formation (inthe literature before about 1992) were usually based on the concept thatGC formation was in some way a \special" Jeans-mass type of process thatbelonged to the pre-galactic era (e.g., most notably Peebles & Dicke 1968;Fall & Rees 1985). Such approaches were very strongly driven by the char-acteristics of the globular clusters in the Milky Way alone, which as we haveseen are massive, old, (mostly) metal-poor, and scattered through the halo.Ashman & Zepf (1998) provide an excellent overview of these early models.All these early models run into severe di�culties when confronted with therich range of GCS properties in other galaxies, along with the visible evidenceof newly formed globular-like clusters in starburst galaxies (Chp. 9 below).For example, traditional models which assumed that globular clusters formedout of low-metallicity gas must now be put aside; the plain observational factis that many or most of the globular clusters in giant E galaxies { and manyin large spirals { have healthy metallicities extending up to solar abundanceand perhaps even higher. Similarly, no theory can insist that globular clustersare all \primordial" objects in the sense that they formed only in the earlyuniverse; a wealth of new observations of colliding and starburst galaxies givecompelling evidence that � 105�106M� clusters can form in today's universeunder the right conditions.This remarkable new body of evidence has dramatically changed ourthinking about cluster formation. It is hard to avoid the view that globu-lar cluster formation is not particularly special, and is in fact linked to themore general process of star cluster formation at any mass or metallicity(e.g. Harris 1996b). Let us summarize the key observational constraints:� The Luminosity Distribution Function (LDF): The number of clustersper unit mass (or luminosity) is rather well approximated by a simpleempirical power law dN=dL � L�1:8�0:2 for L>� 105L�. As far as wecan tell, this LDF shape is remarkably independent of cluster metallicity,galactocentric distance, parent galaxy type, or other factors such as envi-ronment or speci�c frequency. For smaller masses (M <� 105M�), dN=dL



1 Globular Cluster Systems 119becomes more nearly constant with L, with a fairly sharp changeoverat 105L� (the turnover point of the GCLF). As we saw in the previousSection, the GCLF turnover is similar enough from place to place thatit turns out to be an entirely respectable standard candle for estimatingH0.� The Metallicity Distribution Function: The number of clusters at a givenmetallicity di�ers signi�cantly from one galaxy to another. In the small-est dwarf galaxies, a simple, single-burst model leaving a low metallicitypopulation gives a useful �rst approximation. In large spiral galaxies andin many large ellipticals, clearly bimodal MDFs are present, signallingat least a two-stage (or perhaps multi-stage) formation history. And insome giant ellipticals such as NGC 3311 (Secker et al. 1995) or IC 4051(Woodworth & Harris 1999), the MDF is strongly weighted to the high-[Fe/H] end, with the metal-poor component almost completely lacking.What sequence of star formation histories has generated this variety?� Speci�c Frequencies: The classic \SN problem" is simply stated: Whydoes the relative number of clusters di�er by more than an order of mag-nitude among otherwise-similar galaxies (particularly elliptical galaxies)?Or is there a hidden parameter which, when included, would make thetrue cluster formation e�ciency a more nearly universal ratio?� Continuity of cluster parameters: Aside from the points mentioned above,one obvious observational statement we can now make (Harris 1996b) isthat in the 3-space of cluster mass, age, and metallicity (M; �; Z), we can�nd star clusters within some galaxy with almost every possible combi-nation of those parameters. The Milky Way is only one of the diversecluster-forming environments we can choose to look at. In the physicalproperties of the clusters themselves, there are no sudden transitions andno rigid boundaries in this parameter space.1.8.2 The Host Environments for ProtoclustersWhat framework can we assemble to take in all of these constraints? Havingbeen forced to abandon the view that globular cluster formation is a special,early process, let us make a fresh start by taking the opposite extreme as aguiding precept:All types of star clusters are fundamentally similar in origin, and wewill not invoke di�erent formation processes on the basis of mass, age, ormetallicity.The immediate implication of this viewpoint is that we should be ableto learn about the formation of globular clusters by looking at the way starclusters are forming today, both in the Milky Way and elsewhere. This samepoint was argued on an empirical basis in a series of papers by Larson (e.g.,1988, 1990a,b, 1993, 1996) and has now turned into the beginnings of amore quantitative model by Harris & Pudritz (1994) and McLaughlin &Pudritz (1996); see also Elmegreen & Falgarone (1996) and Elmegreen &



120 W. E. HarrisEfremov (1997) for an approach which di�ers in detail but starts with thesame basic viewpoint. In these papers, we can �nd the salient features ofcluster formation which are relevant to this new basis for formation modelling:� Star clusters are seen to form out of the very densest clumps of gas withingiant molecular clouds (GMCs).� In general, the mass contained within any one protocluster is a smallfraction (typically 10�3) of the total mass of its host GMC. The formationof bound star clusters, in other words, is an unusual mode which seemsto require a large surrounding reservoir of gas.� Many or most �eld stars within the GMC are also expected to form withinsmall groups and associations, as recent high-resolution imaging studies ofnearby star forming regions suggest (e.g., Zinnecker et al. 1993; Elmegreenet al. 1999). Most of these clumps are likely to become quickly unbound(within a few Myr) after the stars form, presumably because much lessthan 50% of the gas within the clump was converted to stars before thestellar winds, ultraviolet radiation, and supernova shells generated by theyoung stars drive the remaining gas away. Observationally, we see thattypically within one GMC only a handful (� 1 � 10) of protoclusterswill form within which the star formation e�ciency is high enough topermit the cluster to remain gravitationally bound over the long term.This empirical argument leads us to conclude that on average, perhaps<� 1% of the host GMC mass ends up converted into bound star clusters; amuch higher fraction goes into what we can call \distributed" or �eld-starformation.10� The larger the GMC, the more massive the typical star cluster we �nd init. In the Orion GMC, star clusters containing 102�103M� have recentlyformed, within a GMC of � 105M�. But, for example, in the much moremassive 30 Doradus region of the LMC, a >� 2 � 104M� cluster (R136)has formed; this young object can justi�ably be called a young and moreor less average-sized globular cluster. Still further up the mass scale,in merging gas-rich galaxies such as the Antennae (see Chp. 9 below),>� 105M� young star clusters have formed within the 107 � 108M� gasclouds that were accumulated by collisional shocks during the merger.� A GMC, as a whole, has a clumpy and �lamentary structure with manyembedded knots of gas and denser gas cores. Its internal pressure is dom-inated by the energy density from turbulence and weak magnetic �eld;direct thermal pressure is only a minor contributor. (That is, the internalmotions of the gas within the GMC are typically an order of magnitudehigher than would be expected from the temperature of the gas alone;other sources of energy are much more important.) Thus, the GMC life-time as a gaseous entity is at least an order of magnitude longer than10 As we will see later, McLaughlin (1999) arrives at a fundamentally similar con-version ratio of � 0:0025 by comparing the total mass in globular clusters to totalgalaxy mass (stars plus gas) for giant E galaxies.



1 Globular Cluster Systems 121would be expected from radiative cooling alone; the GMC cannot cooland collapse until the internal magnetic �eld leaks away (e.g., Carlberg& Pudritz 1990; McKee et al. 1993), unless external in
uences cause it todissipate or disrupt sooner. The gas within the GMC therefore has plentyof time to circulate, and the dense cores have relatively large amounts oftime to grow and eventually form stars.� The dense gas cores within GMCs are particularly interesting for ourpurposes, because they are the candidates for proto star clusters. Theirmass spectrum should therefore at least roughly resemble the characteris-tic power-law mass distribution function that we see for the star clustersthemselves. And indeed, they do { perhaps better than we could haveexpected: the directly observed mass distribution functions of the gaseousclumps and cores within GMCs follow dN=dM �M��, with mass spec-tral index � in the range 1:5�2:0. The same form of the mass distributionfunction, and with exponent in the same range, is seen for young starclusters in the LMC, the Milky Way, and the interacting galaxies withinwhich massive clusters are now being built (see below). As we have al-ready seen, the luminosity distribution function for globular clusters moremassive than � 105M� follows the same law, with minor variations fromone galaxy to another. On physical grounds, the extremely high star for-mation e�ciency (� 50% or even higher) necessary for the formation ofa bound star cluster is the connecting link that guarantees the similarityof the mass distributions { the input mass spectrum of the protoclusters,and the emergent mass spectrum of the young star clusters (see Harris &Pudritz 1994).The clues listed above provide powerful pointers toward the view thatglobular clusters formed within GMCs by much the same processes that wesee operating today within gas-rich galaxies. The single leap we need to makefrom present-day GMCs to the formation sites of globular clusters is sim-ply one of mass scale. Protoglobular clusters are necessarily in the range� 104�106M�. Then by the scaling ratios mentioned above, they must haveformed within very large GMCs { ones containing � 107� 109M� of gas andhaving linear sizes up to � 1 kpc (Harris & Pudritz 1994). These postulated\supergiant" molecular clouds or SGMCs are larger than even the most mas-sive GMCs found in the Local Group galaxies today by about one order ofmagnitude. But in the pregalactic era, they must have existed in substantialnumbers within the potential wells of the large protogalaxies, as well as beingscattered in sparser numbers between galaxies.The SGMCs, in size and mass, obviously resemble the pregalactic `frag-ments' invoked two decades ago by Searle (1977) and Searle & Zinn (1978).Their reason for doing so was driven by the need for appropriate environ-ments in which place-to-place di�erences in local chemical enrichment couldarise, thus producing a globular cluster system with a large internal scatter inmetallicity and little or no radial gradient. These same dwarf-galaxy-sized gas



122 W. E. Harrisclouds also turn out to be just what we need to produce star clusters with theright mass scale and mass spectrum. Whether we call them SGMCs, proto-galactic subsystems, or pregalactic fragments, is a matter only of terminology(Harris 1996b).We might wish to claim that globular cluster formation does preferentiallybelong to a \special" epoch { the early universe of protogalaxies. The groundsfor this claim are simply that this was the epoch when by far the most gas wasavailable for star formation, and SGMCs could be assembled in the largestnumbers. Many Gigayears later, in today's relatively star-rich and gas-pooruniverse, most of the gas is in the form of (a) rather small GMCs (withinspiral and irregular galaxies), which can produce only small star clusters,(b) the much lower-density ISM within the same galaxies, and (c) hot X-ray halo gas in giant ellipticals and rich clusters of galaxies, within whichstar formation cannot take place. Globular-sized cluster formation can stillhappen, but only in the rare situations where su�ciently large amounts ofrelatively cool gas can be assembled.In short, the populations of globular clusters in galactic halos can beviewed as byproducts of the star formation that went on in their highlyclumpy protogalaxies. Direct observations of high-redshift galaxies con�rmthe basic view that large galaxies form from hierarchical merging of smallerunits (e.g., Pascarelle et al. 1996; Madau et al. 1996; Steidel et al. 1996; vanden Bergh et al. 1996; Glazebrook et al. 1998; and references cited there).Even the smaller systems at high redshift appear to be undergoing star for-mation both before and during their agglomerations into larger systems. Onecan scarcely improve on Toomre's (1977) prescient remark that there was al-most certainly \a great deal of merging of sizeable bits and pieces (includingmany lesser galaxies) early in the career of every major galaxy".It is also apparent that, if any one of these SGMCs were to avoid amalga-mation into a larger system and were left free to evolve on its own, it wouldend up as a normal dwarf galaxy { either spheroidal or irregular, depend-ing on what happens later to its gas supply. The identi�cation of the dwarfellipticals that we see today as leftover \unused" pieces, some of them withglobular clusters of their own, is also a natural step (Zinn 1980, 1993b; Mateo1996). However, it seems considerably riskier to assume further that the haloof the Milky Way, or other large galaxies, was simply built by the accretion ofdwarfs that had already formed most of their stars (e.g. Mateo 1996). Much ofthe merging and amalgamation of these building blocks must have happenedearly enough that they were still mostly gaseous { as indeed, some still aretoday (see below).1.8.3 A Growth Model for ProtoclustersIf we have convinced ourselves that globular clusters need large, local reser-voirs of gas within which to form, how does the host SGMC actually converta small portion of its gas into protoclusters? A full understanding of the



1 Globular Cluster Systems 123process must surely plunge us deeply into the complex business of gas mag-netohydrodynamics. Yet at its basis, the driving mechanism can reasonablybe expected to be a simple one. The most successful, and most quantita-tive, approach we have at present is the model of McLaughlin & Pudritz(1996) based on the precepts in Harris & Pudritz (1994). The basis of thismodel is that the dense clumps of gas circulating within the GMC will buildup into protoclusters by successive collision and agglomeration. Collisionalgrowth is a well understood process which arises in many comparable situa-tions (such as planetesimal growth in the protosolar nebula, or the buildup ofa cD galaxy from its smaller neighbors). It is, in addition, important to notethat the clumpy, �lamentary structure of the typical GMC and its high inter-nal motions will guarantee that collisional agglomeration will be taking placeregardless of whatever else is happening within the cloud. Furthermore, thelong lifetime of the GMC against cooling and collapse (see above) suggeststhat the growth process will have a sensibly long time to work.We now brie
y outline the essential steps in the collisional growth pro-cess, as developed especially by Field & Saslaw (1965), Kwan (1979), andMcLaughlin & Pudritz (1996) for protoclusters. It is schematically outlinedin Fig. 1.52. The GMC is idealized as containing a large supply of smallgas particles of mass m0 (small dots) which circulate within the cloud. As avery rough estimate of their mass range, we might perhaps think of the m0'sas physically resembling the � 100M� dense cores found in the Milky WayGMCs. Whenever two clouds collide, they stick together and build up largerclumps. Eventually, when a clump gets large enough, it terminates its growthby going into star formation and turning into a star cluster; the unused gasfrom the protocluster will be ejected back into the surrounding GMC, thuspartly repopulating the supply of m0's. At all times, the total mass in theprotoclusters is assumed to be much less (<� 1%) than the total GMC mass,so the supply of m0's is always large.The growth of the protoclusters can then be followed as the sum of gainsand losses, through a rate equation which generates a clump mass spectrumdn=dm. The number at a given mass m decreases whenever (a) a cloud atm combines with another at m0 to form a bigger one; or (b) a cloud at mturns into stars, at a rate determined by the cooling timescale (denoted �m).Conversely, the number at m increases whenever (c) two smaller clouds m0,m00 combine to form one cloud at m, or (d) larger clouds disrupt to formsmaller ones, according to a \replenishment" spectrum r(m). The sum of allfour processes operating together as time goes on creates the output massspectrum. Small clouds always vastly outnumber the larger ones, so that ina statistical sense, the larger ones almost always grow by absorbing muchsmaller clouds. By contrast, mutual collisions between two already-massiveclouds are relatively rare.The basic theory of Field & Saslaw (1965), which assumes an initial pop-ulation of identical m0's and velocities, and simple geometric collisions with
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Fig. 1.52. Schematic illustration of the growth of protoclusters within a GMC bycollisional agglomerationno disruption or cooling, yields a characteristic distribution dn=dm � m�1:5.Kwan's (1979) development of the model shows that a range of mass expo-nents (mostly in the range � 1:5 � 2:0) can result depending on the waythe internal cloud structure and cloud velocity distribution vary with m.McLaughlin & Pudritz further show the results of including the star forma-tion timescale and disruption processes. The detailed shape of the emergentmass spectrum is controlled by two key input parameters:(a) The �rst parameter is the dependence of cloud lifetime on mass, whichis modelled in this simple theory as �m � mc for some constant exponentc < 0. In this picture, more massive clouds { or at least the dense protoclus-ter regions within them { should have equilibrium structures with shorterdynamical timescales and shorter expected lifetimes before beginning starformation, thus c < 0. Cloud growth in this scenario can be thought of asa stochastic race against time: large clouds continue to grow by absorbingsmaller ones, but as they do, it becomes more and more improbable thatthey can continue to survive before turning into stars. The consequence isthat at the high-mass end, the slope of the mass spectrum dn=dm graduallysteepens.(b) The second parameter is the cloud lifetime � against star formation di-vided by the typical cloud-cloud collision time, which is �0 ' m0=(��0v0).Here � is the average mass density of the clouds, �0 is the collision crosssection of two clouds at m0, and v0 is the typical relative velocity betweenclouds. Denote �? as a �ducial cloud lifetime, and then de�ne the timescale



1 Globular Cluster Systems 125ratio � = �?=�0. For the collisional growth model to give the result that weneed, we must have � � 1. That is, the internal timescale of the cloud gov-erning how soon it can cool, dissipate, and go into star formation, must besigni�cantly longer than the cloud-cloud collision time. If it is not (i.e. sup-pose � � 1), it would mean that the protocluster clouds would turn into starsroughly as fast as they could grow by collision, and thus the emergent starclusters would all have masses not much larger than m0 itself. The largerthe value of �, the shallower the slope of the spectrum dn=dm will be, andthe further up to higher mass it will extend (though at high mass, it will gettruncated by the decrease of �m, as noted above).In summary, the timescale ratio � in
uences the basic slope of the power-law mass spectrum, while the exponent c determines the upper-end fallo�of the spectrum slope and thus the upper mass limit of the distribution.Changes in other features of the model, such as the initial mass distributionor the details of the replenishment spectrum r(m), turn out to have much lessimportant e�ects. (For example, rather than assuming all the clouds to havethe same mass m0, one could assume some initial range in masses. However,the main part of the emergent mass spectrum that we are interested in iswhere m is orders of magnitude larger than m0, where the memory of theinitial state has been thoroughly erased by the large number of collisions. SeeMcLaughlin & Pudritz for additional and much more detailed discussion.)Fits of this model to the observed LDFs of the well observed globularcluster systems in the Milky Way, M31, and M87 show remarkably goodagreement for the clusters above the turnover point (see Figs. 1.53 and 1.54).The exponent c is ' �0:5 for all of them, while the ratio � is ' 115 for M87but ' 35 for the steeper LDFs in the two spiral galaxies.Notably, this simple theory reproduces the upper � 90% of the clustermass distribution extremely well, but it does not reproduce the abrupt 
at-tening of the LDF at the low-mass end. A natural suspicion is, of course,that the observed distribution contains the combined e�ects of more than1010 years of dynamical erosion on these clusters in the tidal �eld of the par-ent galaxy, which would preferentially remove the lower-mass ones. In otherwords, the formation model must predict \too many" low-mass clusters com-pared with the numbers we see today. A valuable test of this idea wouldtherefore be to compare the model with an LDF for a much younger set ofclusters which can plausibly be assumed to have a small dispersion in ageand which have had much less time to be damaged by dynamical evolution.The best available such data at present are for the newly formed starclusters in recent mergers such as NGC 4038/4039 (Whitmore & Schweizer1995) and NGC 7252 (Miller et al. 1997). An illustrative �t of the collisional-growth theory to these LDFs is shown in Fig. 1.55. Here, the low-mass end ofthe cluster mass distribution is more obviously present in signi�cant numbers,and the overall distribution provides a closer global match to the theory.
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Fig. 1.53. Fit of the collisional-growth model of the mass distribution function tothe LDF for M87 (McLaughlin 1999, private communication). The top panel showsthe LDF itself, for a collisional growth model with \particle size" m0 = 100M�and timescale exponent c = �1=2 (see text). Solid dots show the observed LDFfor globular clusters in the inner halo of M87, open circles for the outer halo. Themiddle panel shows the luminosity distribution in its more traditional form as thenumber per unit magnitude (GCLF); and the bottom panel shows the luminosity-weighted GCLF (essentially, the amount of integrated light contained by all theclusters in each bin). Note that the model line in each case �ts the data well for log(L=L�)>� 4:7 (the upper 90% of the mass range) but predicts too many clusters atfainter levels
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Fig. 1.54. Fit of the collisional-growth model of the mass distribution function tothe LDFs for M31 and the Milky Way (McLaughlin 1999, private communication).Panels are the same as in the previous �gureEncouragingly, the gradual steepening of the LDF toward the high-mass endis present here as well, just as we expect from the model.The �t shown in Fig. 1.55 is deceptively good, however, because it as-sumes that the clusters shown have a single age, i.e. it assumes all of themwere formed in one short-duration burst. In this view, any di�erences in themeasured colors of the clusters are ascribed as due to internal random di�er-ences in reddening rather than age. For a relatively young merger like NGC4038/39, the clusters must surely have di�erences in both reddening and age,but clearly separating out these two factors is di�cult. If the clusters formedin one burst, the few-Myr age di�erences would generate unimportant scatterin the LDF. At the opposite extreme, the ages could range over the entire� 200 Myr duration of the merger event. From the (U � V; V � I) color dis-
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Fig. 1.55. Fit of the collisional-growth model of the mass distribution function tothe young star clusters in the merging galaxies NGC 4038/39 (McLaughlin 1999,private communication). The curves running from left to right correspond to thethree ��values listedtribution and the presence of HII regions around many clusters, Whitmore &Schweizer (1995) argue that their age range is probably 3 to 30 Myr if theyhave solar metallicity, and that reddening di�erences probably make the es-timated age range look arti�cially broad. Meurer (1995) provides a brief butperceptive discussion of the e�ect of any age range on the LDF, showingthat its shape can be systematically distorted by the di�erent rates at whichyounger and older clusters will fade over the same length of time.A more extensive analysis is presented by Fritze-von Alvensleben (1998,1999), who uses a di�erent set of cluster models than Whitmore & Schweizer,and a di�erent assumed metallicity of 0:5Z�. She deduces from the mean(V � I) colour of the sample a mean cluster age of 200 Myr, similar to theestimated time of the last pericenter passage of the two galaxies (Barnes1988). Notably, she also �nds that by keeping only the most compact objects(e�ective radii Reff < 10 pc), the resulting LDF is then proportionatelyless populated at the faint end, curving over more strongly than would beexpected from the model of Fig. 1.55. This e�ect is enhanced even further if



1 Globular Cluster Systems 129the ages of the clusters are individually estimated from their (V � I) colors(assuming, perhaps wrongly, that all of them have the same reddening). Ifall the clusters are individually age-faded to 12 Gyr, the resulting GCLFstrongly resembles the classic Gaussian in number per unit magnitude, withthe expected turnover at MV � �7.Fritze-von Alvensleben's analysis provides interesting evidence that theGCLF of globular clusters may take on its \standard" Gaussian-like formin number per unit magnitude at a very early stage. We can speculate thatmost of the faint clusters that should theoretically form in large numbers willappear in di�use clumps that dissolve quickly away into the �eld during the�rst few � 108 y, leaving the low-mass end of the distribution depleted as theobservations in all old galaxies demand.Much remains to be investigated in more detail. For example, in the for-mation model outlined above, the key quantities (c; �) are free parametersto be determined by the data; more satisfactorily, we would like to under-stand their numerical ranges from �rst principles more accurately than in thepresent rough terms. In addition, it is not clear what determines the >� 103ratio of host GMC mass to typical embedded cluster mass, or what this ratiomight depend on. Nevertheless, this basic line of investigation appears to beextremely promising.1.8.4 The Speci�c Frequency Problem: Cluster FormationE�ciencyAnother of the outstanding and longest-standing puzzles in GCS research, asdescribed above, is the SN problem: in brief, why does this simple parameterdi�er so strongly from place to place in otherwise similar galaxies?Let us �rst gain an idea of what a \normal" speci�c frequency means interms of the mass fraction of the galaxy residing in its clusters. De�ne ane�ciency parameter e as number of clusters per unit mass,e = NclMg (1.56)where Ncl is the number of clusters and Mg is the total gas mass in theprotogalaxy that ended up converted into stars (that is, into the visible light).Then we have SN = const �e ore = SN8:55� 107 (M=L)V (1.57)where (M=L)V � 8 is the visual mass-to-light ratio for the typical old-halostellar population. Most of the reliable SN measurements are for E galaxies,and for a baseline average S0N ' 3:5 (Section 6), we immediately obtain a�ducial e�ciency ratio e0 ' 5:1�10�9M�1� , or e�10 � 2�108M� per cluster.For an average cluster mass hMcli = 3�105M� (from the Milky Way sample),



130 W. E. Harristhe typical mass fraction in globular clusters is e0hMcli = 0:0015, or 0.15%.Although this ratio is encouragingly close to what we argued empirically forGMCs in the previous section, we would have to allow for galaxy-to-galaxydi�erences of factors of 5 or so both above and below this mean value, inorder to accommodate all the E galaxies we know about. Invoking simpledi�erences in the e�ciency with which gas was converted into star clustersremains a possibility, but is an uncomfortably arbitrary route.The alternative possibility is to assume that the initial cluster forma-tion e�ciency was more or less the same in all environments, but that thehigher�SN galaxies like M87 did not use up all their initial gas supply (ina sense, we should view such galaxies not as \cluster-rich" but instead as`�eld-star poor"). This view has been raised by Blakeslee (1997), Blakeslee etal. (1997), Harris et al. (1998a), and Kavelaars (1999), and is developed in anextensive analysis by McLaughlin (1999). Simply stated, this view requiresthat the globular clusters formed in numbers that were in direct proportionto the total available gas supply within the whole protogalaxy, and not inproportion to the amount of gas that actually ended up in stars of all types.McLaughlin (1999) de�nes a new e�ciency parameter as a ratio of massesas follows:� = MclM? +Mgas (1.58)where M? is the mass now in visible stars, while Mgas is the remaining massin or around the galactic halo. This residual gas was, by hypothesis, origi-nally part of the protogalaxy. In most large galaxies, Mgas �M?. However,for the giant E galaxies with large amounts of hot X-ray halo gas, the ad-ditional Mgas factor can be quite signi�cant, especially for cD galaxies andother BCGs (brightest-cluster galaxies). Under this hypothesis, the observedspeci�c frequency represents the proportion of unused or lost initial gas mass(Harris et al. 1998a):fM (lost) = MgasM? +Mgas = �1� S0NSN � : (1.59)If, for example, we adopt a baseline S0N = 3:5, then a high�SN BCG likeM87 would have fM � 0:7, implying that a startlingly high amount { almostthree-quarters { of its initial protogalactic mass went unconverted during starformation. Blakeslee (1997) hypothesizes that much of the gas in the originaldistribution of pregalactic clouds may have been stripped away to join thegeneral potential well of the galaxy cluster during the violent virializationstage. Harris et al. (1998a) suggest instead that a large amount of gas withinthe proto-BCG may have been expelled outward in a galactic wind duringthe �rst major, violent burst of star formation. Both of these mechanismsmay have been important, particularly in rich clusters of galaxies. In eithercase, this ejected or stripped gas would now occupy the halo and intraclustermedium in the form of the well known hot gas detectable in X-rays.



1 Globular Cluster Systems 131By a detailed analysis of three giant E galaxies with high-quality surfacephotometry and data for X-ray gas and globular cluster populations (NGC4472 and M87 in Virgo, and NGC 1399 in Fornax), McLaughlin (1999) �ndsthat the mass ratio � is much the same in all three, at h�i = 0:0025� 0:007.This result also turns out to hold at the local as well as the global level, at anyone radius of the halo as well as averaged over the whole galaxy. M87, withthe highest speci�c frequency, also has the most halo gas; its proportions ofstellar and gas mass are to �rst order similar. For most galaxies (non-BCGs),the halo gas makes only a minor contribution and SN is a more nearly correctrepresentation of the mass ratio �.M87 is only one of many BCGs, and these galaxies as a class are the oneswith systematically high SN and high X-ray luminosity. The direct obser-vations of their cluster populations (see Harris et al. 1998a for a summaryof the data) show that the total cluster population scales with visual galaxyluminosity as Ncl � L1:8V ; while the X-ray luminosity scales as LX � L2:5�0:5V .With the very crude (and, in fact, incorrect) assumption that the X-ray gasmass scales directly as LX , we would then expect that the ratio of gas massto stellar mass increases with galaxy size roughly as (Mgas=M?) � L1:5V ,which turns out to match the way in which SN systematically increases withluminosity for BCGs.McLaughlin (1999) analyzes these scaling relations in considerably moredetail, putting in the fundamental-plane relations for gE galaxies (scale size,internal velocity dispersion, and mass-to-light ratio as functions of LV ) aswell as the way that the gas mass scales with X-ray luminosity, temperature,and halo scale size. When these are factored in, he obtainsSN � NclLgal � � (1 + MgasM? )L0:3gal : (1.60)This correlation is shown as the model line in Fig. 1.56. The last term L0:3galaccounts for the systematic increase in mass-to-light ratio with galaxy lumi-nosity: bigger ellipticals have more mass per unit light and thus generatedmore clusters per unit light under the assumption that � (the cluster massfraction) was constant. The term in parentheses (1 + MgasM? ) accounts for thepresence of high-temperature gas in the halo. As suggested above, in this �rst-order picture the gas is assumed to have belonged to the protogalaxy, butwas heated at an early stage during star formation (by an energetic galacticwind, or tidal stripping of the SGMCs?), and left to occupy the dark-matterpotential well in a shallower distribution than the halo stars.An intriguing implication { and requirement { of this overall view wouldbe that the main epoch of globular cluster formation must be early in thestar-forming stage: that is, the clusters form in numbers that are in directproportion to the total gas supply, and do so ahead of most of the stars.Then, in the most massive protogalaxies, the star formation is interruptedbefore it can run to completion, leaving behind lots of clusters as well as aconsiderable amount of hot, di�use gas surrounding the visible galaxy.



132 W. E. HarrisIt is probably not unreasonable to suppose that the star formation wouldproceed soonest and fastest within the densest clumps of gas (i.e., the pro-toclusters). For example, observational evidence from the color-magnitudediagram for R136 (in the LMC, and certainly the nearest example of a youngglobular cluster) indicates that it has taken <� 3 Myr to form, from the lowest-mass stars to the highest-mass ones (Massey & Hunter 1998). It would bepremature to claim that this result would be typical of all massive star clus-ters, but it favors the view that the densest clusters can form rapidly, overtimes far shorter than the � 108 y dynamical timescale of the protogalaxy.

Fig. 1.56. Speci�c frequency against luminosity for elliptical galaxies. The modelline (solid curve, from McLaughlin 1999), assumes � = 0:0025 = constant, i.e. thatglobular clusters were formed in these galaxies in direct proportion to the originalgas mass of the protogalaxy. BCG galaxies (see text) are the solid symbols at highluminosity, while normal E's are plotted as open symbols. At the low-luminosityend, nucleated dE's are the solid symbols and non-nucleated dE's are the starredsymbols. The dashed line assumes the Dekel/Silk model of mass loss, which stronglya�ects the smaller dwarfs. See text for discussion



1 Globular Cluster Systems 1331.8.5 Intergalactic Globular Clusters: Fact or Fancy?White (1987) raised the intriguing idea that the BCGs in rich clusters ofgalaxies might be surrounded by populations of globular clusters that are notgravitationally bound to the BCG itself, but instead belong to the generalpotential well of the whole cluster. West et al. (1995) have pursued this con-cept in detail, suggesting that the huge globular cluster populations aroundmost BCGs might be dominated by such \intergalactic" clusters.At some level, free-
oating intergalactic clusters must be present: strongevidence now exists for intergalactic Population II stars in the Fornax andVirgo clusters (e.g., Theuns & Warren 1997; Ferguson et al. 1998; Ciardulloet al. 1998), and some globular clusters should accompany these stars if theyhave been tidally stripped from the cluster galaxies. It is only a matter of timebefore individual cases are detected in nearby clusters of galaxies (accidentallyor otherwise). Systematic searches are also underway for \orphan" collectionsof globular clusters near the centers of clusters of galaxies that do not havecentral BCGs.It is, however, still totally unclear whether or not such objects would existin su�cient numbers to a�ect the BCGs noticeably. Harris et al. (1998a)use the Virgo giant M87 as a detailed case study to reveal a number ofcritical problems with this scenario. To create the high SN values seen in theBCGs, the putative intergalactic globulars would have to be present in largenumbers without adding contaminating �eld-star light of their own; that is,the intergalactic material would itself need to possess a speci�c frequency inthe range SN � 100 or even higher. Furthermore, the \extra" clusters in M87and the other BCGs are not just distributed in the outermost halo where thelarger-scale intergalactic population might be expected to dominate; M87has more clusters at all radii, even in the central few kpc. If all of theseare intergalactic, then they would need to be concentrated spatially like thecentral galaxy, which is contradictory to the original hypothesis.A promising new way to search for intergalactic material is through ra-dial velocity measurement: such clusters (or planetary nebulae, among thehalo stars) would show up as extreme outliers in the velocity histogram.Preliminary velocity surveys of the GCS around the Fornax cD NGC 1399(Kissler-Patig 1998; Minniti et al. 1998; Kissler-Patig et al. 1999) are sug-gestive of either an intergalactic component with high velocity dispersion, orpossibly contamination from neighboring galaxies. By comparison, few suchobjects appear in the M87 cluster velocity data (see Cohen & Ryzhov 1997;Harris et al. 1998a). Larger statistical samples of velocities are needed.1.8.6 The Relevance of Cooling FlowsAn idea proposed some time ago by Fabian et al. (1984) was that the largenumbers of \extra" clusters in M87 could have condensed out of the cooling



134 W. E. Harris
ow from the X-ray gas. By inference, other high�SN galaxies { mainly thecentral BCGs with large X-ray halos { should be ones with high cooling 
ows.This hypothesis has become steadily less plausible. The biggest a prioridi�culty is that to produce an increased SN this way, we would have toinvoke particularly e�cient globular cluster formation (relative to �eld-starformation) out of the hot, dilute X-ray gas { exactly the type of situationthat we would expect should be least likely to do this. However, probablythe strongest argument against such a scheme is that there is not the slight-est observational evidence that young, massive star clusters exist in any ofthe pure cooling-
ow galaxies (for more extensive discussion, see Harris etal. 1995; Bridges et al. 1996; Holtzman et al. 1996). The true mass dropoutrates from these cooling 
ows remain uncertain, and may in any case beconsiderably less than was thought in the early days of the subject.A summary of the observed cases is given in Table 1.17: the Abell clusterdesignation and central galaxy NGC number (if any) are given in the �rsttwo columns (here \BCG" denotes brightest cluster galaxy), the presence orabsence of young clusters in the third column, and the deduced cooling 
owrate (M� per year) in the last column. GCS data are taken from the threepapers cited above, and the cooling 
ow rates from Allen & Fabian (1997),McNamara & O'Connell (1992), and Stewart et al. (1984). The only two caseswhich are seen to contain young globular clusters in their central regions (theBCGs in Abell 426 and 1795) are also the two which represent accreting orinteracting systems, with large amounts of cooler gas present as well. It seemsmore probable that it is the cooler, infalling gas that has given rise to therecent starbursts in these giant galaxies, rather than the hot X-ray gas halo.It is interesting to note that the cooling-
ow scenario can, in some sense,be viewed historically as exactly the opposite of the view discussed aboveinvolving early mass loss from the BCGs. Rather than suggesting that largenumber of clusters formed at later times out of the hot X-ray gas, we nowsuggest that the clusters formed in their large numbers at an early stage,in direct proportion to the original reservoir of gas; but that considerableunused gas was ejected or left out in the halo to form the X-ray halo { whichis now the source of the cooling 
ow.1.8.7 Dwarf EllipticalsThe dwarf elliptical galaxies present a special puzzle. We see that extremeSN values are also found among the lowest-luminosity dwarf ellipticals, at theopposite end of the galaxy size scale; but ones with low SN are present too(Section 6). It seems likely that early mass loss is responsible for the high SNvalues in these dwarfs. As discussed in Durrell et al. (1996a) and McLaughlin(1999), these tiny and isolated systems are the objects most likely to havesu�ered considerable mass loss from the �rst round of supernovae, leavingbehind whatever stars and clusters had managed to form before then. Usingthis picture, Dekel & Silk (1986) argue that the expected gas vs. stellar mass



1 Globular Cluster Systems 135Table 1.17. Cooling-
ow galaxies in Abell clustersAbell Cluster BCG Young GCs? dM=dtVirgo M87 N 15A426 N1275 Y 200A496 N 38A1060 N3311 Y? 10A1795 Y 200A2029 IC1011 N 260A2052 U9799 (N) 55A2107 U9958 (N) 8A2199 N6166 (N) 70A2597 N 135MKW4 N4073 (N) 10scalings for dwarfs should go as (Mgas=M?) � L�0:4. But if the e�ciencyof cluster formation � is constant (as was discussed above), then we shouldexpect SN � L�0:4 for dwarf ellipticals. In deducing the role of the gas,note that there is one important di�erence between the dE's and the BCGsdiscussed above: in the dwarfs, the ejected fraction of the initial supplyMgasdoes not stay around in their halos. Only the stellar contributionM? remainsin their small dark-matter potential wells.This scaling model (SN � L�0:4, starting at MVT ' �18:4 or about 2 �109L�), is shown in Fig. 1.56. It does indeed come close to matching theobserved trend for nucleated dE's but not the non-nucleated ones. At lowluminosity (MTV � �12), we would expect from this scaling model that dE'sshould have SN values approaching 20, much like what is seen in (e.g.) theLocal Group dwarfs Fornax and Sagittarius, or some of the small nucleateddwarfs in Virgo. On the other hand, the non-nucleated dE's fall closer to thescaling model curve (1.60) which is simply the low-luminosity extension ofthe giant ellipticals. Intermediate cases are also present. Why the huge rangebetween the two types?The two brands of dwarf E's have other distinctive characteristics. ThedE,N types have central nuclei which, in their spatial sizes and colors, re-semble giant globular clusters (Durrell et al. 1996a; Miller et al. 1998) andindeed, some of the the smaller nuclei may simply be single globular clus-ters drawn in to the center of the potential well of the dwarf by dynamicalfriction (the cluster NGC 6715 at the center of the Sagittarius dE may bethe nearest such example). The most luminous nuclei, however, far exceed



136 W. E. Harriseven the brightest known globular clusters; these may represent true nucleiformed by strongly dissipative gaseous infall at a moderately early stage (e.g.,Caldwell & Bothun 1987; Durrell et al. 1996a). It is also well known that thedE,N and dE types exhibit di�erent spatial distributions in the Virgo andFornax clusters (Ferguson & Sandage 1989): the dE,N types follow a morecentrally concentrated distribution resembling the giant E's, while the dEtypes occupy a more extended distribution resembling the spirals and irregu-lars. Di�erences in shape have also been noted; the dE (non-nucleated) typeshave more elongated isophotes on average (Ryden & Terndrup 1994; Binggeli& Popescu 1995).A plausible synthesis of this evidence (see Durrell et al. 1996a; Milleret al. 1998) is that the dE,N types represent \genuine" small ellipticals inthe sense that they formed in a single early burst. Many of them clearlyformed near the giant BCGs, and thus may have been in denser, pressure-con�ned surroundings which allowed some to keep enough of their gas tobuild a nucleus later (e.g., Babul & Rees 1992). The dE types, by contrast,may represent a mixture of gas-stripped irregulars, some genuine ellipticals, oreven quiescent irregulars that have simply age-faded. For many non-nucleateddE's, the scaling model SN � L�0:4 involving early mass loss may not apply,and if there was much less mass loss then something closer to SN � constshould be more relevant.If this interpretation of the dwarfs has merit, then once again we mustassume that the main era of globular cluster formation went on at a very earlystage of the overall starburst, before the supernova winds drove out the rest ofthe gas. More direct evidence in favor of this view, such as from contemporarystarburst dwarfs (see below), would add an important consistency test to thisargument.For the complete range of elliptical galaxies, the pattern of speci�c fre-quency with luminosity is shown in Fig. 1.56, with the McLaughlin modelinterpretation. It is encouraging that a plausible basis for interpreting thehigh�SN systems at both the top and bottom ends of the graph now ex-ists, and that we have at least a partial answer to the classic \SN problem".Nevertheless, individual anomalies remain at all levels, with cluster numbersthat are too \high" or \low" for the mean line. Will we have to conclude fromthe high�SN , non-BCG cases that genuinely high-e�ciency cluster formationcan indeed occur? Are all the low�SN cases just instances of simple gas-poormergers of spirals, which had few clusters to begin with? There is much stillto be done to understand these cases, as well as to �ll in the complete storyof early star formation in the central giant ellipticals.1.9 FORMATION: MERGERS, ACCRETIONS, ANDSTARBURSTSThe way to get good ideas is to get lots of ideas and throw the bad ones away.



1 Globular Cluster Systems 137Linus PaulingWhen we begin reviewing the issues relating galaxy formation to clusterformation, we are plunging into much more uncharted territory than in theprevious sections. The 
avor of the discussion must now shift to material thatis less quantitative, and less certain. It is fair to say that in the past decadeespecially, we have isolated the processes that need to be understood in moredetail (gas dynamics within the clumpy structure of protogalaxies, and laterprocesses such as galaxy mergers, satellite accretions, galactic winds, tidalstripping, and dynamical evolution). However, we are not always able to saywith con�dence which of these mechanisms should dominate the formationof the GCS in any one galaxy. In this exploratory spirit, let us move aheadto survey the landscape of ideas as they stand at present.The formation scenarios discussed in Section 8 can be classi�ed as in situmodels: that is, the galaxy is assumed to be formed predominantly out of aninitial gas supply that is \on site" from the beginning. In such models,latermodi�cations to the population from outside in
uences are regarded as unim-portant. From the limited evidence now available, the in situ approach maywell be a plausible one for many ellipticals, but it cannot be the whole story.We see galaxies in today's universe undergoing majormergers; starbursts fromlarge amounts of embedded gas; and accretions of smaller infalling or satel-lite galaxies. Can these processes have major e�ects on the globular clusterpopulations within large spirals and ellipticals?1.9.1 Mergers and the Speci�c Frequency ProblemConsiderable evidence now exists that merging of smaller already-formedgalaxies occurs at all directly visible redshifts. In a high fraction of thesecases, the outcome of repeated mergers is expected to be an elliptical galaxy,and a traditional question is to ask whether all ellipticals might have formedthis way. Considerable enthusiasm for the idea can be found in the literatureover the past two decades and more. However, a primary nagging problem hasto do with the speci�c frequencies of the relevant galaxies. Disk galaxies are,in this view, postulated to be the progenitors from which larger E galaxiesare built. But disks or spirals consistently have speci�c frequencies in a rathernarrow range SN <� 2, while (as discussed in Section 6 above) speci�c frequen-cies for ellipticals occupy a much larger range up to several times higher. This\SN problem" is not the same one discussed in the previous section (whichapplied to the BCGs vs. normal ellipticals); instead, it addresses the o�set inSN between two very di�erent types of galaxies. Trying to circumvent thisproblem { that is, making a high�SN galaxy by combining low�SN ones {has generated an interesting and vivid literature.A brief review of the key papers in historical sequence will give the 
avorof the debate. The seminal paper of Toomre (1977) �rst showed convincinglyfrom numerical simulations that direct mergers of disk galaxies could form



138 W. E. Harrislarge ellipticals. Toomre speculated that a large fraction of present-day gE'soriginated this way. Not long after that, the �rst surveys of GCSs in Virgoand in smaller galaxy groups came available (Hanes 1977; Harris & van denBergh 1981). Using this material, Harris (1981) suggested that the low�SNellipticals, which are found characteristically in small groups and the �eld,might reasonably be argued to be the products of spiral mergers. Harris' pa-per concludes with the statement \The merger process cannot increase thespeci�c frequency, unless vast numbers of extra clusters were somehow stim-ulated to form during a major collision early in its history, when substantialamounts of gas were still present". (It should be noted, however, that thislast comment was a throwaway remark which the author did not really takeas a serious possibility at that time!) Subsequently, van den Bergh (1982 andseveral later papers) repeatedly emphasized the di�culty of using disk-galaxymergers to form \normal" (that is, Virgo-like) ellipticals in the range SN � 5.For descriptive purposes, let us call a passive merger one in which thestellar populations in the two galaxies are simply added together with no newstar formation. In a passive merger, one would expect the speci�c frequencyof the product to be the simple average of the two progenitors. Even afterconsiderable age-fading of the Population I disk light, such a combination oflow�SN disk galaxies would never yield a su�ciently high SN to match theVirgo-like ellipticals.The debate gained momentum when Schweizer (1987) emphasized thatmergers of spirals could be active rather than passive: that is, the progeni-tors could contain considerable gas, and globular clusters could form duringthe merger, thus changing the speci�c frequency of the merger product. InSchweizer's words, \What better environment is there to produce massiveclusters than the highly crunched gas in [merging] systems? ... I would pre-dict that remnants of merged spirals must have more globular clusters perunit luminosity than the spirals had originally". Many subsequent authorstook this statement as a signal that the \speci�c frequency problem" hadtherefore been solved. But it had not.In two in
uential papers, Ashman & Zepf (1992) and Zepf & Ashman(1993) published a more quantitative model for the merger of gas-rich galax-ies and active cluster formation during the merger, and used it to predictother characteristics (metallicities, spatial distributions) for the resultingGCS. Their formalism emphasized single merger events of two roughly equalspirals, though it could be extended to multiple events. A considerable stimu-lus for this model was the growing awareness that the metallicity distributionsof the globular clusters in many giant ellipticals had a bimodal form, sug-gesting (in the Ashman-Zepf view) that the metal-richer population formedduring the merger. In their argument, during the collision the gas from bothgalaxies would dissipate, funnel in toward the center of the new proto-Egalaxy, and form new stars and clusters there. Many Gyr after the merger



1 Globular Cluster Systems 139had �nished, we would then see an elliptical with a bimodal MDF and withthe metal-richer component more centrally concentrated.11The Ashman/Zepf model also predicts that the metallicity gradient shouldbe steeper for the GCS than for the halo light (the \younger"merger-producedMRC clusters would have formed preferentially in the core regions and withgreater e�ciency). This overall picture became additionally attractive withthe discovery of \young globular clusters" (compact, cluster-sized star form-ing regions with masses extending up past the >� 105M� range) in gas-richinteracting galaxies such as NGC 1275 (Holtzman et al. 1992) and NGC 3597(Lutz 1991). Many similar cases are now known (discussed below), in whichconsiderable gas seems to have collected by merger or accretion events.The community response to this merger scenario was initially enthusiasticand somewhat uncritical. However, counterarguments were also raised. Evenif globular clusters form during mergers, a higher speci�c frequency is notnecessarily the result: �eld-star formation goes on at the same time as clusterformation, and the �nal SN could be either higher or lower depending on thee�ciency of cluster formation (Harris 1995).It may seem attractive to assume that the highly shocked and compressedgas generated during disk mergers would be a good place for high-e�ciencycluster formation. But it is not clear that these shocks would be any moreextreme than in the range of collisions that took place in the protogalactic era,when much more gas was present and the random motions were comparablyhigh. There seems no need to automatically assume that the cluster formatione�ciency in present-day mergers would be higher than in the protogalacticera. There is, in addition, a problem of sheer numbers: in a normal Virgo-likeelliptical there are thousands of MRC clusters, and the quantitative demandson the merger to create all of these are extreme (see Harris 1995 and thediscussion below).11 Since Ashman & Zepf's original discussions, many authors have conventionallytaken observations of bimodal MDFs as \supporting" the merger model. The cor-rect statement is that bimodality is \consistent" with Ashman/Zepf. In general,observational evidence can be said to be consistent with a particular model if itfalls within the expected results of that model. However, the same evidence mightalso be consistent with other models. To say that evidence supports a model is amuch stronger statement: it requires the data to be consistent with that modelbut inconsistent with other models; that is, competing models are ruled out. Weare fortunate indeed if our observations turn out to be strong enough to agreewith only one model and to rule out competing ones! In this case, a bimodalMDF can equally well result from any in situ formation picture which involvesat least two distinct epochs of star formation, with gaseous dissipation and infalloccurring in between.



140 W. E. Harris1.9.2 Observations of Merger RemnantsClearly, what has been needed most of all to understand the characteristicsof globular cluster formation during mergers is a series of new observations ofmerged galaxies. Whitmore, Schweizer, Zepf, and their colleagues have usedthe HST to carry out an important series of imaging studies of star clustersin galaxies that are clearly merger products, in an identi�able age sequence.Published cases include NGC 4038/39 where the young star formation is� 108 y old (Whitmore & Schweizer 1995); NGC 3256 at >� 100 Myr (Zepf etal. 1999); NGC 3921 (Schweizer 1996, Schweizer et al. 1996) and NGC 7252(Miller et al. 1997), both at an age � 700 Myr; and NGC 1700 and 3610(Whitmore et al. 1997), at ages of 3 to 4 Gyr. Other studies in this seriesare in progress. These galaxies are excellent testbeds for making quantitativemeasurements of young vs. old cluster subpopulations, asking where theyare in the merging material, and deriving their speci�c frequencies and massdistributions.An example of the data from the NGC 7252 study is shown in Fig. 1.57.Two groups of clusters are clearly visible, with the brighter, bluer and spa-tially more centrally concentrated population identi�ed as the objects formedin the merger. In this case, the color di�erence between the bright, blue clus-ters and the fainter, redder ones is interpreted as primarily due to age (750Myr vs. >� 10 Gyr) rather than metallicity. One can, however, make reason-able estimates of how the younger population would evolve in luminosity andcolor as the galaxy ages (\age fading"). In the Whitmore/Schweizer papersthe stellar population models of Bruzual & Charlot (1993) are used, in whichthe clusters are assumed to form in a single burst and simply evolve pas-sively by normal stellar evolution after that. Whitmore et al. (1997) presentan interesting numerical simulation showing how a single-burst populationof clusters would evolve progressively in a color-magnitude diagram such asFig. 1.57. Intriguingly, for roughly solar abundance and ages near � 1 � 3Gyr, the integrated colors of the clusters are near (V � I) ' 1, much likeconventional old-halo globular clusters that are metal-poor ([Fe/H] ' �1:7).Thus for intermediate-age mergers, separating out the two types of clusterpopulations becomes extremely di�cult.For younger mergers, the mean age of the burst can be plausibly estimatedby the color of the blue clusters and by the velocities and geometry of theprogenitors, if they are still separate (Whitmore & Schweizer 1995; Fritze-von Alvensleben 1998). From the age-fading models, we can then estimatethe LDF of the young clusters (number per unit luminosity) as it wouldlook at a normal old-halo age. In Fig. 1.58, the age-faded LDFs for NGC4038/39 and NGC 7252 are compared directly with that of M87. For the upperrange L>� 0:5 � 105L�, all three galaxies match extremely well, con�rmingour earlier suggestions that the mass distribution function is not stronglya�ected by dynamical evolution for M >� 105M�. However, at lower masses,the M87 curve diverges strongly from the other two, falling well below them.
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Fig. 1.57. (a) Upper panel: integrated colors (V � I) and apparent magnitudesV for the star clusters in the merger product NGC 7252 (Miller et al. 1997). Thebrighter, more numerous clusters centered at a mean color (V � I) ' 0:65 arepresumed to be ones formed in the merger, while the redder, fainter populationcentered at (V � I) ' 1:0 is likely to be the old-halo cluster population from thetwo original galaxies. (b) Lower panel: Histogram of cluster colors. The two modes(young vs. old) are clearly visible. Figure courtesy Dr. B. Miller



142 W. E. HarrisIs this a signal that � 1010 years of dynamical evolution have \carved away"this low-mass end of the LDF? Or have the numbers of low-mass clusters inthe merger remnants been overestimated by observational selection e�ects?In Section 8 above, it was noted that collisional growth model does predictan LDF shape continuing upward to low masses much like the observations,but this match is, perhaps, based on too simple a set of model assumptions.In general, however, the LDF shapes in these obvious merger remnantgalaxies closely match what is expected from the collisional-growth theory,dn=dL � L�� with � = 1:8�0:2 (assuming constantM=L). In NGC 4038/39(the Antennae system), the slope is � = 1:78� 0:05; in NGC 3256, we have� = 1:8�0:1; in NGC 3921, � = 2:12�0:22; and in NGC 7252, � = 1:90�0:04.As for the sites of cluster formation, Whitmore & Schweizer (1995) notefor the Antennae (the youngest merger) that \many of the clusters form tightgroups, with a single giant HII region containing typically a dozen clusters".This clumpy distribution is exactly what we would expect from the SGMCformation picture, where large amounts of gas must be collected togetherto form local reservoirs from which cluster formation can proceed. Anotherintriguing feature of the Antennae system is that star formation is occurringat a high rate well before the progenitor galaxies have completely merged. Thenuclei of the original disk galaxies are still clearly visible, and the disk gashas obviously not waited to \funnel" down in to the merged nucleus beforestarting star formation in earnest. Shocked, clumpy gas appears all over themerger region and even out along the tidal tails.1.9.3 A Toy Model for Mergers and Speci�c FrequenciesMany of the issues surrounding the e�ect of mergers on speci�c frequen-cies can be clari�ed by building a simple quantitative model. Let us assumethat two initial galaxies with luminosities (L1; L2) and speci�c frequencies(SN1; SN2) will merge to form an elliptical. (NB: these values are assumedto be \age-faded" ones, i.e. where all the light of the galaxy is reduced tothe level it would have at an old-halo age � 10 � 15 Gyr.) Assume furtherthat the galaxies bring in a total amount of gasMg which is turned into newstars and clusters. There may be additional gas which is left unused; here wesimply assume Mg is the amount actually turned into stars.How many globular clusters do we get? During the merger we will formN3 new clusters with a total mass Mcl at an e�ciency (using our previousnotation)� = MclMg = 3� 105M� N3Mg (1.61)where the mean cluster mass is 3� 105M�, assumed the same as the MilkyWay. We will also form new stars, with a total (age-faded) luminosityL3 = Mg(M=L)V (1.62)
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Fig. 1.58. Luminosity distribution functions (LDFs) for three galaxies: NGC4038/39 (the Antennae merger system, at an age 40 Myr), NGC 7252 (a 750 Myrmerger), and M87. The two merger remnants have been age-faded to an equivalentage of 13 Gyr with the Bruzual-Charlot models (see text) and then superposed onthe M87 data for comparisonwhere (M=L)V ' 8 for old (Population II) stellar populations. Using SN =8:55�107(Ncl=L), we can quickly show that our \baseline" speci�c frequencyS0N ' 3:5 corresponds to an e�ciency �0 = 0:0015. (This is about a factor oftwo less than for the Virgo and Fornax giant ellipticals analyzed by McLaugh-lin 1999, which have SN � 5).Now we add up the old and new clusters to get the �nal speci�c frequencyin the product elliptical:SN (�nal) = 8:55� 107 �N1 +N2 +N3L1 + L2 + L3 � (1.63)The L3 term is forgotten by many writers.Whether or not SN ends up higher or lower than (SN1; SN2) clearly de-pends on both N3 and L3. Rewriting the result in terms of the formatione�ciency � and input gas mass Mg, we obtainSN = �SN1L1 + SN2L2 + 0:44Mg(�=�0)L1 + L2 +Mg=8 � (1.64)



144 W. E. HarrisThis is the general case for any two-galaxy merger. We can obtain a betteridea of the e�ects if we look at speci�c cases. A particularly important oneis for equal progenitors, that is, L1 = L2. If the merger is \passive" (gas-free;Mg=M1;2 � 1), then clearlySN = 12�SN1 + SN2� : (1.65)This latter situation is the limiting case discussed by Harris (1981). It wasused to justify the suggestion that low�SN ellipticals might be the end prod-ucts of spiral mergers, especially in small groups where the galaxy-galaxycollision speeds are low, enhancing the probability of complete mergers.The range of possibilities for \active" (gas-rich), equal-mass mergers isillustrated in Fig. 1.59. This graph shows an Antennae-like merger; both theincoming galaxies are adopted to haveM1 'M2 = 1:7� 1011M�, equivalentto MV ' �21. We assume them both to have age-faded speci�c frequenciesSN ' 3 (already an optimistically high value for spirals). For an input gasmass of 1010M� (that is, about 3% of the total mass of the progenitors), themodel show only modest changes in the outcome SN are possible even if thecluster formation during the merger is enormously e�cient: there is simplynot enough gas in this case to build a signi�cant number of new clusters.Nevertheless, it is a plausible source for a low�SN elliptical.For input gas masses Mg >� 5� 1010M� (15% or more of the total galaxymass, which corresponds to quite a gas-rich encounter), larger changes in SNare possible but only if the cluster formation e�ciency is far above normal.The essential prediction of this toy model is, therefore, that the expectedresult of a major merger will be an elliptical with SN � 3, unless there is ahuge amount of input gas and a very high cluster formation e�ciency; bothconditions must hold. Only then can we expect to build a Virgo-like (or, evenmore extreme, a BCG-like) elliptical this way.For comparison, the Antennae merger has � 2� 109M� of molecular gas(Stanford et al. 1990), while the extremely energetic starburst system Arp220 has � 1010M� of H2 (Scoville 1998). These are insu�cient amounts ofraw material to generate major changes in the speci�c frequencies. The mostextreme case that may have been observed to date is in the giant starburstand cD galaxy NGC 1275. There, large amounts of gas have collected in itscentral regions, and many hundreds of young clusters or cluster-like objectshave formed (Holtzman et al. 1992; Carlson et al. 1998). Carlson et al. esti-mate that, of the � 1180 young blue objects detected in their study (most ofthem of course at low luminosity), perhaps half would survive after 13 Gyr,assuming that they are all indeed globular clusters. Even this large new pop-ulation, though, is not capable of changing the global speci�c frequency ofthis galaxy noticeably from its current level SN � 10. Furthermore, spectraof �ve of the brighter young cluster candidates (Brodie et al. 1998) call intoquestion their identi�cation as globular clusters. Their integrated spectralproperties are unlike those of young Magellanic or Galactic clusters, and can
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Fig. 1.59. Speci�c frequency SN for an elliptical galaxy formed from the mergerof two equal spirals. Here SN is plotted versus the e�ciency of cluster formation� relative to the \normal" e�ciency �0 = 0:0015 (see text). The four curves arelabelled with the amount of gas Mg converted into stars during the mergerbe interpreted as clusters with initial mass functions weighted strongly to thehigh-mass end. If so, a high fraction of them may self-disrupt or fade quicklyaway to extinction. This material emphasizes once again that we need tounderstand the �rst � 1 Gyr of evolution of a GCS before we can properlycalculate the e�ects on the speci�c frequency and LDF.The expected range of SN can be compared with the actual merger prod-ucts studied by Whitmore, Schweizer and their colleagues referred to above.In each case they have made empirical estimates of the global SN in the end-product elliptical, and in each case it is at a level SN <� 3 consistent with theview that cluster formation e�ciency during the merger is, in fact, not muchdi�erent from the normal �0 level.One of these calculations will illustrate the technique: for the Antennae,Whitmore & Schweizer (1995) �nd a total of � 700 young, blue objects (as-sumed to be mostly clusters); however, they identify only 22 to be brighterthan the classic GCLF turnover point at � 105M� and these are the impor-tant ones for calculating the speci�c frequency long after the merger is over,



146 W. E. Harrissince the small or di�use clusters will have largely been destroyed. Addingthese to an estimated � 50� 70 old-halo clusters already present in the pro-genitor galaxies then gives a total population of <� 100 old clusters and atotal (age-faded) E galaxy luminosity MTV ' �20:7 long after the merger iscomplete. The resulting speci�c frequency is SN ' 0:5, which places it at thebottom end of the scale for observed E galaxies. The more recent analysis ofthe same material by Fritze-von Alvensleben (1998, 1999), who uses individ-ual age estimates for each object to estimate their masses, suggests insteadthat the number of young clusters more massive than the mass distributionis already Gaussian in number per unit log mass, and that there may beas many as � 150 above the turnover. Adopting this higher total, however,only raises the �nal estimate to SN ' 1:2. In short, the Antennae merger isproducing a cluster-poor elliptical.Similar calculations for the other galaxies in the series listed above (NGC1700, 3610, 3921, 5018, 7252) are perhaps a bit more reliable since theyare older remnants, and di�erences in internal reddening and age are lessimportant. For these, the age-faded speci�c frequencies predicted empirically(see the references cited above) are all in the range 1:4<� SN <� 3:5. The modeldisplayed in Fig. 1.59 with normal production e�ciencies appears to be anentirely tolerable match to these observations.The evidence from speci�c frequencies is clear that E galaxies can be built,and are being built today, by mergers of pre-existing disk systems. But thetype of elliptical being produced in such mergers resembles the low�SN onesin small groups and in the �eld.1.9.4 Other Aspects of the Merger ApproachThe ellipticals in rich clusters provide a much stronger challenge to the simplemerger scheme. The �rst and perhaps biggest barrier is connected with thesheer numbers of clusters in these gE's, and can be illustrated as follows(Harris 1995). Let us take NGC 4472 in Virgo as a testbed \normal" object(SN ' 5). Its clusters display a bimodal MDF with about 3660 in the metal-poor population and 2400 in the metal-richer population. Now, if the entiregalaxy formed by mergers, then by hypothesis all the MPC clusters must havecome from the pre-existing disk systems. This would require amalgamatingabout 30 galaxies the size of the MilkyWay, or an appropriately larger numberof dwarfs (see below). Similarly, suppose we assume optimistically that all theMRC clusters formed during the mergers at rather high e�ciency (� ' 0:003);then the amount of input gas needed to do this would be at least 2:4�1011M�,or � 1010M� per merger. These are very gas-rich mergers. The amountsmay be even larger if we account for wastage, i.e. gas lost to the system. Inaddition, over many di�erent mergers it is not clear that a cleanly bimodalMDF could be preserved.Alternately, one could assume that the galaxy was built by just one ortwo much larger mergers with almost all the gas (� 3 � 1011M�) coming



1 Globular Cluster Systems 147in at once. The progenitor galaxies would, in fact, then have to be mostlygaseous, unlike any merger happening today. The only epoch at which suchlarge supplies of gas were routinely available was the protogalactic one. It isthen not clear how the merger scheme would di�er in any essential way fromthe regular in situ (Searle/Zinn-like) model.Speci�c frequencies are not the only outcome of a merger that is amenableto observational test. Detailed evaluations of other measurable features, par-ticularly the metallicity distributions, have been given recently especially byGeisler et al. (1996), Forbes et al. (1997), and Kissler-Patig et al. (1998).Noteworthy problems that arise from these analyses are as follows:� In the merger model, the highest�SN ellipticals should have the greatmajority of their clusters in the metal-rich component, since by hypoth-esis these are created during the merger at high e�ciency. A few of themdo (NGC 3311 in Hydra I and IC 4051 in Coma; see Secker et al. 1995,Woodworth & Harris 1999), but many certainly do not (notably M87 andNGC 1399, where the metal-poor clusters are in a slight majority).� If a sequence of mergers is required to build up a giant elliptical, thenthe gas { which is enriched further at each stage { should produce amultimodal or broad MDF, rather than the distinct bimodal (or evennarrow, unimodal) MDFs that are observed.� In most giant ellipticals, the metal-poor component is itself at highermean metallicity (typically [Fe/H] ' �1:2; see Forbes et al. 1997) thanthe MPCs in spirals and dwarfs (at [Fe/H] ' �1:6), suggesting that theydid not originate in these smaller systems after all.� Radial metallicity gradients in the GCSs are usually shallower in ellip-ticals with lower SN , the reverse of what is expected from the mergermodel.A still newer line of attack, complementary to the speci�c frequencies andMDFs, is in the kinematics of the cluster systems. With the new 8- and 10-meter telescopes, it is now possible to accumulate large samples of accurateradial velocities for the globular clusters in the Virgo and Fornax ellipticalsand thus to carry out kinematical analyses similar to the ones traditionallydone for the Milky Way or M31. Data of this type for M87 (Kissler-Patig &Gebhardt 1998; Cohen & Ryzhov 1997) suggest, albeit from sketchy cover-age of the halo at large radii, that the outer part of the halo (Rgc >� 20 kpc,mostly from the MPC clusters) shows a substantial net rotation of 200 kms�1 or more, directed along the isophotal major axis. The MRC clusters bythemselves show a more modest net rotation Vrot ' 100 km s�1 at all radii.Was this the result of a single merger between two galaxies that were alreadygiants? This would be a simple way to leave large amounts of angular mo-mentum in the outer halo. However, such a conclusion does not seem to beforced on us; even the merger product of several large galaxies can yield largeouter-halo rotation (e.g., Weil & Hernquist 1996). In the other Virgo super-giant, NGC 4472, the cluster velocities (Sharples et al. 1998) con�rm that



148 W. E. Harristhe MRC has a distinctly lower velocity dispersion and is thus a dynamicallycooler subsystem. In addition, there are hints from their still-limited datasetthat the MPC has a distinctly higher net rotation speed, in analogy withM87. The interpretation of these systems is growing in complexity, and theypresent fascinating di�erences when put in contrast with the Milky Way.In summary, mergers undoubtedly play a role in the formation of large el-lipticals. They may be the dominant channel for forming ones in small groups,out of the S and Irr galaxies that are found in large numbers in such environ-ments. However, the bigger and higher�SN ellipticals in rich environmentspresent several much more serious problems, which do not appear to be metby the Ashman/Zepf scenario in its initial form.1.9.5 The Role of AccretionsThe \merger" of a small galaxy with a much larger one is normally calledan accretion. This is another type of event which must be fairly common forany large galaxy with signi�cant numbers of satellites (again, the absorp-tion of the Sagittarius dE by the Milky Way is the nearest and most wellknown example). The possibility of building up the observed GCS character-istics in giant ellipticals by accretions of many small satellites was pursued insome early numerical simulations by Muzzio (1986, 1988, and other papers;see Harris 1991 for an overview). It has been investigated anew by Côt�e etal. (1998) with the speci�c goal of reproducing the observed metallicity dis-tribution functions. In brief, the assumption of their model is that an originalcentral elliptical forms in a single major phase, giving rise to the MRC clus-ters. The correlation of the mean [Fe/H](MRC) with galaxy luminosity notedby Forbes et al. (1997) is laid down at this time (the bigger the galaxy, themore metal-rich the MRC component is).Then, the \seed" galaxy { large, but not nearly at its present-day size {begins to accrete neighboring satellites. These are drawn randomly from aSchechter galaxy luminosity function, so the majority are dwarfs. Since allthe accreted objects are smaller, their attendant globular clusters are moremetal-poor, and over time, the entire MPC component builds up from theaccreted material. In the sense used above, this process is assumed to bea passive one, with no new star formation. The Côt�e et al. model providesa valuable quanti�cation of the results to be expected on the MDF fromaccretion. The attractive features are that it has the potential to explain thewide galaxy-to-galaxy di�erences in the MDF for the metal-poor component(Forbes et al.), while maintaining the similarity of the metal-rich clustersfrom one gE to another. In one sense, the accretion model is the reverse ofthe merger model: in the accretion scenario, the MRC clusters are the onesbelonging to the \original" gE, while in the merger picture, the MRC clustersare formed actively during the buildup.The Virgo giant NGC 4472 again is used as a template for speci�c com-parisons. Some of these are shown in Fig. 1.60. Two obvious points to be



1 Globular Cluster Systems 149drawn from the comparison (see also others shown in Côt�e et al.) are thatthe model has the 
exibility to produce a wide range of bimodal-type MDFs;and that large numbers of dwarfs { many hundreds { need to be accreted tobuild up the metal-poor component su�ciently. The steeper the Schechterfunction slope, the larger the proportion of globular clusters accreted fromsmall dwarfs and the more metal-poor the MPC appears.

Fig. 1.60. Four synthetic metallicity distribution functions for globular clusters ina giant elliptical, taken from Côt�e et al. (1998). The metal-poor part of the bimodalMDF is produced from Ncap captured dwarf galaxies which were drawn randomlyfrom a Schechter LF with slope�1:8. Open squares represent the �nal model galaxy;closed triangles show the observed MDF for NGC 4472 in Virgo; and the lines arethe double-Gaussian combination best �tting the synthetic galaxy. Figure courtesyDr. P. Côt�eThe passive-accretion model has the distinct advantage of using a processthat must surely happen at some level in an ongoing fashion. It does, however,have its share of characteristic problems:
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Fig. 1.61. Speci�c frequency SN for an elliptical galaxy which grows by the ac-cretion of many gas-rich dwarf galaxies. The initial E galaxy is assumed to haveMV = �21:2 (M � 2 � 1011M�) and has speci�c frequency SN (init) = 4. Theaccreted dwarfs each have 109M� of stellar mass and 109M� of gas mass, all ofwhich is converted to stars and globular clusters during the accretion. The relativee�ciency of globular cluster formation �=�0 is denoted at right. The dashed line in-dicates the result of \passive" accretion of gas-free dwarfs (no new star formation)which all have SN = 15� If � 500 small galaxies were needed to build up (say) NGC 4472, thenmany thousands of them would have been absorbed over the whole Virgocluster to generate the many giant ellipticals there today. This would re-quire, in turn, that most (perhaps 90%) of the original dwarf populationis now gone. Is this plausible? Perhaps. However, the collision cross sec-tions for dwarf ellipticals are small, and full-scale dynamical simulationsmay be needed to test the expected accretion rates in detail (it is interest-ing to note that the earlier semi-analytical studies by Muzzio predictedrather small exchange e�ects from the dwarfs).� The speci�c frequencies of spiral galaxies (suitably age-faded) and manydE's are in the range SN � 1 � 3, whereas the present-day Virgo andFornax gE's have SN ' 5. Reconciling these �gures would require us to



1 Globular Cluster Systems 151assume that the initial metal-rich seed elliptical had SN ' 8, which is inthe BCG range { not a fatal objection, but one which does not necessarilyfavor the model. Côt�e et al. suggest that the gE may avoid diluting itscluster population this way if it accretes only the outer envelopes of theincoming galaxies by tidal stripping. Since the globular clusters in dEgalaxies are found preferentially in the outskirts of their galaxies, theaccreted material would be cluster-rich and SN could stay nearly constantor even increase. But if this were the case, then the present-day gE'sshould be surrounded by hundreds (or thousands, in the case of M87) ofstripped cores of former dE's. These remnants should be easily noticeable,but where are they?� The most worrisome problem seems to me to be connected with themetallicity of the halo light. In this model, roughly half of the gE isaccreted, low-[Fe/H] material. Thus, the mean color of the halo lightshould be roughly halfway between the red MRC and the bluer MPC.However, the measured color pro�les of gE halos match extremely wellwith the color of the MRC clusters (see Geisler et al. 1996 and Fig. 1.47 forNGC 4472). How can such a galaxy accrete metal-poor clusters withoutaccreting almost no �eld stars?Another approach to the accretion scenario is taken by Kissler-Patig etal. (1999), who use the measured speci�c frequencies in the Fornax giant el-lipticals to argue that the cD NGC 1399 might have accreted clusters andhalo material predominantly from the neighboring large ellipticals in Fornaxrather than dE's. This approach would, at least, circumvent the metallic-ity issue mentioned above. However, full-scale dynamical simulations will beneeded to evaluate the plausibility of this level of stripping and halo redistri-bution among the large galaxies.Passive accretion therefore leaves some fairly serious di�culties, just asdid passive mergers. However, the conditions would change signi�cantly ifthe accreted small galaxies were highly gaseous, so that (once again) newclusters could form in the process (see also Hilker 1998 for a similar view).This active accretion could then allow most of the �eld stars in the mergedproduct to be at the necessary high metallicity, since most of them wouldhave formed in the accretions. Clusters would also be added to both theMRC and the original MPCs that were present in the seed elliptical and theaccreted dwarfs. However, just as for the merger picture, the entire formationmodel would once again begin to resemble a Searle/Zinn-like one whereby thegalaxy builds up from many small gas clouds.The \toy model" for mergers described in the previous section can be usedto evaluate the e�ect of multiple accretions as well. In Fig. 1.61, the �nal SNof the product gE is plotted as a function of the number of accreted dwarfs.The initial E galaxy is assumed to be a moderately luminous elliptical butnot a giant (MV = �21:2), while the accreted dwarfs have equal amountsof gas and stars (109M� each; these are very gas-rich dwarfs). All the gas



152 W. E. Harrisis assumed to be converted to stars during the accretions, with a clusterformation e�ciency � as de�ned previously. It is clear that, to attain �nalSN values in the BCG range (>� 10), one needs to accrete many hundreds ofdwarfs and convert their gas to clusters with abnormally high e�ciency.Alternately, one can assume that the accretions are \passive" (no new gasor star formation) and that the accreted dE's themselves have high SN � 15.The result is shown as the dashed line in Fig. 1.61, and is roughly equivalentto the case for �=�0 = 6.1.9.6 Starburst GalaxiesTo gain additional help in understanding what the early stage of galaxy for-mation from many small, dwarf-sized pieces may have looked like, we shouldtake a closer look at the small galaxies in which large amounts of star for-mation are now taking place. Massive star clusters (young globular clusters)are seen to be forming in many individual galaxies which have large amountsof gas and are undergoing energetic star formation at the present time. Suchgalaxies are loosely called \starburst" systems, and their embedded youngclusters have often been called \super star clusters" in the literature. Suchclusters were known to exist more than 20 years ago (e.g., in NGC 1569 and1705; see below), but were not connected until recently with globular clus-ters. This unfortunate communication gap persisted because the communityof astronomers studying these young galaxies, and the community studyingtraditional globular clusters, had little contact with each other. The tradi-tional and needlessly restrictive paradigm of globular clusters as exclusivelyold objects has taken a long time to fade away.The small, dwarf-sized starburst galaxies are extremely interesting labo-ratories for our purposes. Many of these have high proportions of gas, andpromise to give us our best direct view of what the protogalactic SGMCs(Searle/Zinn fragments) may have looked like. One of the nearest and beststudied of these, NGC 5253 in the Centaurus group, is shown in Fig. 1.62(Calzetti et al. 1997). If we could visualize many dozens of these dwarfs,sprinkled across a � 50�kpc region of space and all undergoing their �rststarbursts, we might gain an image of what the early Milky Way galaxylooked like.Many starburst dwarfs are found to have handfuls of young star clusters(or, at the very least, associations) that are massive enough to qualify asgenuine young globular clusters. A summary of several of them, drawn fromthe recent literature, is shown in Table 1.18. Here, columns (1) and (2) givethe galaxy name and the number of young, massive star clusters in it; andcolumn (3) the age of the starburst in Myr, usually estimated from suchfactors as the integrated colors of the clusters, the luminosities and colors ofthe OB �eld stars present, and the presence or absence of HII regions andWolf-Rayet stars. Columns (4-6) give the total mass Mcl in all the massiveyoung clusters, the estimated mass M(H2) in molecular hydrogen contained
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Fig. 1.62. HST image of the starburst dwarf galaxy NGC 5253. The �eld of viewshown is about 0.9 kpc across, with the assumption that the galaxy is 4 Mpcdistant. Young OB stars are seen all across the face of the dwarf, along with halfa dozen brighter clumps in the central regions, which appear to be massive youngstar clusters. Image courtesy of Dr. D. Calzettiwithin the dwarf, and the mass M(HI) in neutral hydrogen. All massesare given in M�. (NB: The last entry, NGC 4449, is a fairly large systemresembling the LMC in many respects and it is not easily possible to assign asingle age to the star formation epoch.) Many others are known in additionto the ones listed, though with less complete material for the embedded starclusters (see, e.g., Meurer et al. 1995; Mayya & Prabhu 1996).There are several common themes to be drawn out of this comparison:� Massive cluster formation takes place in these little starburst systemspreferentially in the central, densest regions of the collected gas.� Many of these dwarfs are rather isolated systems, and their recent star-burst has not obviously been provoked by tidal encounters or other exter-



154 W. E. HarrisTable 1.18. Starburst dwarf galaxies with young clustersGalaxy Ncl Age (Myr) Mcl(tot) M(H2) M(HI) SourceNGC 1140 12 10 8� 105 108 � 109 1,2NGC 1569 7 5 6:4� 105 5� 107 1:4� 108 3,4,5,6NGC 1705 2 13 4;�105 1:2� 108 5,7NGC 4214 few 5 >� 105 1:0 � 108 1:1� 109 8,9NGC 5253 6 <� 10 � 106 <� 2� 108 10,11,12,13He 2-10 19 ' 5 106 � 107 1:6 � 108 2� 108 14,15,16UGC 7636 18 10; 100 5� 105 7� 107 17NGC 4449 dozens 8:7 � 108 5� 109 18,19,20Sources: (1) Hunter et al. 1994a (2) Hunter et al. 1994b (3) De Marchi etal. 1997 (4) Gonzalez Delgado et al. 1997 (5) O'Connell et al. 1994 (6) Waller1991 (7) Meurer et al. 1992 (8) Leitherer et al. 1996 (9) Kobulnicky & Skillman1996 (10) Calzetti et al. 1997 (11) Turner et al. 1997 (12) Beck et al. 1996 (13)Gorjian 1996 (14) Conti & Vacca 1994 (15) Kobulnicky et al. 1995 (16) Matthewset al. 1995 (17) Lee et al. 1997 (18) Bothun 1986 (19) Tacconi & Young 1985 (20)Israel 1997nal stimuli. No outside \trigger" is apparently required to set o� vigorousstar formation.� Many of the starbursts listed above are extremely young (<� 10 Myr). Giveor take a few Myr, the data indicate that the clusters form contemporarywith the �eld stars (the \distributed" blue light), or at least during theleading edge of the burst.� Large amounts of gas are present, and the burst does not appear toconsume the entire supply. The residual amount of HI and H2 gas notyet converted into stars is always >� 100 times more than the total masscontained in the young clusters.All of these factors are consistent with the characteristics of the formationmodel outlined in Section 8: the available reservoir of gas must be at least108M� to form globular-sized clusters: a handful of clusters form within oneSGMC; their total masses use up only <� 1% of the total gas supply; and theyform at an early stage of the burst.Massive star clusters are also seen forming in much larger galaxies { again,always as part of an energetic starburst event. In these cases, the source ofthe burst may be an accretion of a gas-rich satellite (thus not a \merger"in the restricted sense used in the previous section), a tidal shock from aclose encounter, or the collection of gas into a central ring or bar, amongother mechanisms. The most well known of these cases are probably NGC1275 (Holtzman et al. 1992; Carlson et al. 1998) and NGC 3597 (Lutz 1991;Holtzman et al. 1996), thanks to the recent high resolution imaging of theHST cameras which has revealed many details of the nuclear star formationactivity in these distant systems. A summary of parameters { numbers and



1 Globular Cluster Systems 155masses of young clusters and total gas mass { for several large starburstgalaxies is given in Table 1.19. As above, masses are given in M� units.Table 1.19. Large starburst galaxies with young clustersGalaxy Ncl Age (Myr) Mcl(tot) M(H2) M(HI) SourceNGC 1275 � 1180 >� 100 > 108 1:6� 1010 >� 5� 109 1,2,3,4,5M82 > 100 10: >� 106 2� 108 2� 108 6,7,8NGC 253 4 10 � 50 2� 106 2� 108 4� 108 9,10,11NGC 5128 dozens 50: 105: 3� 108 3� 108 12,13,14,15NGC 1097 88 <� 10 � 106 16NGC 6951 24 <� 10 � 106 16Arp 220 > 8 <� 100: 9� 109 17,18NGC 3597 ' 70 � 200? 107 � 108: 3� 109 19,20,21NGC 7252 ' 140 700 4� 107 3:5� 109 22,23NGC 3256 hundreds >� 100 6� 107 1:5� 1010 24Sources: (1) Holtzman et al. 1992 (2) Carlson et al. 1998 (3) Lazare� etal. 1989 (4) Ja�e 1990 (5) Bridges & Irwin 1998 (6) O'Connell et al. 1995 (7) Loet al. 1987 (8) Satypal et al. 1997 (9) Watson 1996 (10) Mauersberger et al. 1996(11) Scoville et al. 1985 (12) Alonso & Minniti 1997 (13) Minniti et al. 1996 (14)Schreier et al. 1996 (15) Eckart et al. 1990 (16) Barth et al. 1995 (17) Scoville 1998(18) Shaya et al. 1994 (19) Holtzman et al. 1996 (20) Wiklind et al. 1995 (21) Lutz1991 (22) Miller et al. 1997 (23) Wang et al. 1992 (24) Zepf et al. 1999These larger galaxies present a much more heterogeneous collection thanthe simpler starburst dwarfs. Some (NGC 1097, 6951) show star formationalong an inner � 1 kpc ring of gas; some (M82, NGC 253) may have beenstimulated by tidal shocks; some (NGC 1275, 5128) are giant ellipticals whichappear to have undergone accretions of smaller gas-rich satellites; and some(NGC 3256, 3597, 7252) are suggested to be merger remnants in the senseused above, i.e. the collisions of two roughly equal disk galaxies. All of themhave complex structures and morphologies. For example, the nearby andwell studied elliptical NGC 5128 has star clusters in its inner few kpc whichappear to be a broad mix of ages and metallicities (some from the originalelliptical, some which may have been acquired from the disk-type galaxy itrecently accreted, and some bluer objects recently formed out of the accretedgas; see, for example, Alonso & Minniti 1997; Schreier et al. 1996; Minnitiet al. 1996). Its halo within Rgc <� 20 kpc shows the characteristics of a fairlycomplex triaxial structure (Hui et al. 1995) revealed through the kinematicsof both its planetary nebulae and globular clusters.Nevertheless, these large galaxies display some important features in com-mon with the starburst dwarfs: the massive young star clusters are formingpreferentially in the densest, central regions of the collected gas; and their



156 W. E. Harristotal masses are, once again, of order 1 percent of the residual gas (HI+H2)present in the active regions. It does not appear to matter how the gas iscollected; but there needs to be lots of gas collected into SGMC-sized regionsbefore globular clusters can be built.1.9.7 A Brief SynthesisIn this and Section 8, we have approached the discussion of galaxy formationfrom a number of di�erent directions (in situ, mergers, accretions). How welldo these di�erent hypotheses score, as ways to build globular clusters?By now, it should be apparent that each one of these generic picturesrepresents an extreme, or limiting, view of the way that galaxies must haveassembled. Thus in some sense a \scorecard" is irrelevant: each approach inits extreme form would get a passing grade in some situations but an obviousfailing grade in others. In other words, it is becoming increasingly clear thatwe need elements of all these approaches for the complete story. Mergers ofdisk systems are plainly happening in the present-day universe and shouldhave happened at greater rates in the past. Accretions of small satellites arealso happening in front of us, and will continue to take place in the ongoingstory of galaxy construction. Yet there must also have been a major elementof in situ formation, involving the amalgamation of many small gas cloudsat early times while the �rst rounds of star formation were already going onwithin those pregalactic pieces.The in situ approach imagines that a considerable amount of star for-mation took place at early times. For large elliptical galaxies, which havedominated much of the discussion in these chapters, there is now much ev-idence that their main epoch of formation was at redshifts z � 3 � 5 (see,e.g., Larson 1990b; Maoz 1990; Turner 1991; Whitmore et al. 1993; Loewen-stein & Mushotzky 1996; Mushotzky & Loewenstein 1997; Steidel et al. 1996,1998; Giavalisco et al. 1996; Bender et al. 1996; Ellis et al. 1997; Stanford etal. 1998; Baugh et al. 1998, for only a few examples of the extensive literaturein this area). Evidence is also gathering that ellipticals in sparse groups mayalso have formed with little delay after the rich-cluster ellipticals (Bernardiet al. 1998; G. Harris et al. 1999), somewhat contrary to the expectations ofhierarchical-merging simulations.Our impression of what a large protogalaxy looked like at early timescontinues to be in
uenced strongly by the Searle-Zinn picture: the logical sitesof globular cluster formation are � 108�109M� clouds, which are capable ofbuilding up the basic power-law mass spectrum of clusters that matches theobservations (McLaughlin & Pudritz 1996). We can expect that vigorous starformation should be happening within these SGMCs at the same time as theyare combining and spilling together to build up the larger galaxy. For dwarfE galaxies, perhaps a single SGMC or only a few of them combined, and oneinitial starburst truncated by early mass loss may spell out the main partof the formation history (Section 8 above). For giant E galaxies, dozens or



1 Globular Cluster Systems 157hundreds of SGMCs would have combined (Harris & Pudritz 1994), and therecould well have been at least two major epochs of star formation separatedby a few Gyr, leaving their traces in the bimodal MDFs of the globularclusters (Forbes et al. 1997) and the halo �eld stars (G. Harris et al. 1999).The metal-poor part of the halo appears (from preliminary �ndings in NGC4472 and NGC 5128, as discussed above) to be remarkably more \cluster-rich" than the metal-rich component, strongly suggesting that a great dealof protogalactic gas ended up being unconverted to stars until the secondround or later (McLaughlin 1999); perhaps much of the gas in the originalSGMCs was stripped away during infall (Blakeslee 1997) or driven out duringthe �rst starburst by galactic winds (Harris et al. 1998a). There are manypotential in
uences to sort out here, and the sequence (and nature) of theevents is still murky even without bringing in later in
uences from mergersand accretions.The basic accretion model starts with a large initial galaxy which hadalready formed in situ, by hypothesis in a single major burst. Around thiscore, we then add a sequence of smaller galaxies and thus build up the metal-poor halo component. But there are two basic varieties of accretion: gas-freeor gas-rich. If the satellites are gas-free dwarf ellipticals, then we shouldexpect to build up a larger galaxy with a speci�c frequency in the normalrange, and a halo MDF that is intermediate or moderately low metallicity.But if the accreted objects are gas-rich, then new clusters and halo stars canform in the process, drive the MDF increasingly toward the metal-rich end,and (if the total amounts of accreted gas are very large) possibly change thespeci�c frequency. But in a fairly literal sense, this latter version of buildinga galaxy by adding together gas-rich dwarfs is quite close to the genericSearle-Zinn picture.Themerger model applies speci�cally for gE galaxy formation. If we amal-gamate pre-existing galaxies of roughly equal size, the result should in mostcases be an elliptical. But again, the amount of gas will play an importantrole in the outcome. If the mergers are taking place at high redshift (thatis, at very early times), then we can expect the progenitors to be largelygaseous, in which case the majority of stars in the merged product wouldactually form during the merger of gas clouds. This, too, can be viewed as anextension of the basic Searle-Zinn formation. On the other hand, if the merg-ing is happening at low redshift nearer to the present day, then the galaxieshave smaller amounts of gas; much less star formation can happen during themerger, and the result will be a low�SN elliptical such as we see in smallgroups.The presence or absence of gas is therefore a critical factor in evaluatingthe success of any formation picture. It is only the presence { or the removal{ of large amounts of gas during the most active cluster formation epochswhich will permit signi�cant changes in the total numbers of globular clusters(and thus the speci�c frequency), and the form of the metallicity distribu-



158 W. E. Harristion function. The challenge for any one galaxy is to identify the individualcombination of events which led to its present-day structure.Here { appropriately, in the confusion and uncertainty that characterizesthe frontier of any active subject { we must end our overview of globularcluster systems. Many areas of this growing subject have been missed, or dealtwith insu�ciently, and I can only urge readers to explore the rich literaturefor themselves. The surest prediction is that new surprises await us.To see the world for a moment as something rich and strange is the privatereward of many a discovery. Edward M. PurcellACKNOWLEDGEMENTSIt is a genuine pleasure to thank Lukas Labhardt, Bruno Binggeli, and theircolleagues and sta� for a superbly organized and enjoyable conference in abeautiful setting. Bruce Carney and Tad Pryor were the ideal fellow lecturersfor this concentrated meeting on globular clusters. Finally, I am grateful toDean McLaughlin and David Hanes, who gave me careful and constructivereadings of the manuscript before publication.1.10 APPENDIX: AN INTRODUCTION TOPHOTOMETRIC MEASUREMENTMany of the issues in these lectures are strongly related to our ability tomeasure certain characteristics of globular clusters reliably and believably:luminosities, distances, chemical compositions, reddenings, ages .... the po-tential list is a long one. Many of these tasks boil down to the process ofphotometric data reduction from CCD images { simple in principle, but sur-prisingly intricate and challenging in practice.1.10.1 An Overview of the Color-Magnitude DiagramTo start with, let us look at the essential features of a typical globular starcluster as they appear in the color-magnitude diagram (CMD), Fig. 1.63.Here, all the evolutionary stages of stars in this ancient object are laid outfor us to see. First is the zero-age main sequence (ZAMS), where the low-mass stars are quietly undergoing core hydrogen burning (at the bottom end,the luminosity starts to decline steeply as the mass decreases toward thehydrogen-burning limit, and our best attempts at tracing them may be lostin the increasing scatter of photometric measurement uncertainty.) Core hy-drogen exhaustion is marked by the turno� point (MSTO), after which the
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Fig. 1.63. Color-magnitude diagram for a typical globular cluster (data from Hesseret al. 1987, for 47 Tucanae). The axes are plotted as visual luminosity in Solar units,against the ratio of visual to blue luminosity (essentially, the color index B�V ). Theprincipal evolutionary stages in the stars' history are marked with the abbreviationsde�ned in the textstars move rapidly across the subgiant branch (SGB), then steadily up thered-giant branch (RGB) as the hydrogen-burning shell gradually moves out-ward in mass through the stellar interior and the inert helium core graduallyincreases in mass. Core helium ignition takes place at the RGB tip, and thestar rapidly readjusts to a new equilibrium on the horizontal branch (HB).If the cluster has moderately high metallicity or low age, the HB stars willhave large hydrogen envelopes and low surface temperatures and will thusall be on the red side of the horizontal branch (RHB). But if the cluster isvery old, or has low metallicity, or the stars have su�ered high mass loss fromtheir surfaces, then the residual hydrogen envelope will be small, the starswill have high surface temperatures, and the horizontal branch will extendfar over to the blue (BHB) side of the CMD.The last active stage of nuclear burning for globular cluster stars is theasymptotic giant branch (AGB) in which two fusion shell sources (hydrogen



160 W. E. Harristo helium, helium to carbon) sit on top of an inert core. When these shellsapproach too close to the stellar surface, the remaining envelope is ejected asa planetary nebula, the shell-burning sources are permanently extinguished,and the central dead core (a mixture of He/C/O in proportions determined bythe original mass, with a tiny surface skin of hydrogen) settles into the whitedwarf (WD) phase. The star is now supported mainly by the degeneracypressure of the electron gas, and as it emits its residual heat, it graduallyslides down the WD cooling line to the cold black-dwarf state.The basic features of the various nuclear burning stages (ZAMS throughAGB) have been recognized in the CMD for many years (for comprehensivereviews, see Renzini & Fusi Pecci 1988; Chiosi et al. 1992; and Carney'slectures in this volume). Current evolutionary stellar models and isochronesare now able to reproduce the observed CMDs in considerable detail (see,e.g., Sandquist et al. 1996; Harris et al. 1997b; Salaris et al. 1997; Stetson etal. 1999; Cassisi et al. 1999; Richer et al. 1997; Dorman et al. 1991; Lee etal. 1994, for just a few of the many examples to be found in the literature).However, the extremely faint WD sequence, and the equally faint bottom endof the ZAMS where the masses of the stars approach the hydrogen-burninglimit, have come within reach of observation for even the nearest clustersonly in very recent years (see Cool et al. 1996; Richer et al. 1997; King et al.1998, for recent studies that delineate these limits). All in all, the CMDs forglobular clusters provide one of the strongest and most comprehensive bodiesof evidence that our basic understanding of stellar evolution is on the righttrack, even if many detailed steps still need work.1.10.2 Principles of Photometry and The Fundamental FormulaHigh quality color-magnitude studies are obtained only after carefully de-signed observations and data reduction.Fig. 1.64 shows a pair of CCD images obtained with the Hubble SpaceTelescope WFPC2 cameras. The �rst is a single exposure with the PC1, afterpreprocessing.12 It illustrates a number of problems that we need to attack,once we have our CCD image in hand:� We need to eliminate artifacts from the image (bad pixels, cosmic rays,and so on).� We need to �nd the real objects (stars, galaxies, asteroids, ...) in anobjective and reproducible way.� We need to classify the objects, i.e., divide our objects into separate listsof stars, galaxies, or other things.� We need to measure the brightness and location of each object.12 The steps involved in preprocessing | bias subtraction and trim, dark currentsubtraction, 
at �elding { are not discussed here. More detailed discussions ofthese operations can be found, e.g., in Walker (1987); Tyson (1989); Massey &Jacoby (1992); Howell (1992); Gullixson (1992); or Gilliland (1992).



1 Globular Cluster Systems 161� We need to understand the uncertainties in the measurement, both ran-dom and systematic.Eliminating unwanted artifacts from a single raw image such as that inFigure 1.64 can be done, to some extent, with sophisticated rejection algo-rithms which look for sharp features (hot or very cold pixels, or cosmic-rayhits which a�ect only one or two pixels); or elongated or asymmetric fea-tures (bad columns, cosmic-ray streaks, bright stars which bleed along rowsor columns). You can then attempt to smooth over these places with the hopethat the adjacent pixels will allow you to reconstruct the information on thesedamaged pixels correctly. This approach will not work so well if the star im-ages themselves are undersampled, such as in the WF frames of the HST, orif the artifact happens to be embedded somewhere in a real object (a star orgalaxy). A much more e�ective process in any case is to take a series of imagesthat are deliberately shifted in position betwen exposures (sub-pixel-shiftedor \dithered") so that the pixel grid samples the �eld at several di�erent po-sitions.13 When the frames are re-registered, and combined through a medianor averaging algorithm which rejects extreme values, the artifacts will almostentirely drop out, leaving an enormously cleaner combined frame. Obviously,the more frames you can use to do this, the better. If several independent po-sitions have been sampled di�ering by fractions of a pixel, a higher-resolutionsummed image with �ner pixels can also be constructed (see, e.g., the `driz-zle' software of Hook & Fruchter 1997 and Fruchter & Hook 1999, or theALLFRAME code of Stetson 1994), yielding gains in the ability to measurecrowded objects or to determine image structure. Image reconstruction fromimages that have been carefully sub-pixel-shifted can yield powerful improve-ments especially in image structure or morphology studies (see Lauer 1999for a review of reconstruction algorithms). However, reconstructed imagesmay not be suitable for photometry since some algorithms do not conserve
ux; be cautious in making a choice of techniques.Photometry of stars is a far easier job than photometry of nonstellar ob-jects, for one predominant reason: on a given CCD image, all stars { whichare point sources of light blurred by the atmosphere (for ground-based tele-scopes) and the telescope optics { have the same pro�le shape called thepoint spread function (PSF).14 The PSF width can be characterized roughlyby the full width at half-maximum height (FWHM) of the pro�le.13 \Dither" literally means \to act nervously or indecisively; vacillate". This is anunfortunate choice of term to describe a strategy of sub-pixel-shifting which isquite deliberate!14 Strictly speaking, the assumption that all stars have the same PSF on a givenimage is only true to �rst order, since image scale or optical aberrations can di�ersubtly across the �eld of view in even the best situations. An important exampleis in the HST/WFPC2 cameras, but even here the variations can be fairly sim-ply characterized; see the WFPC2 Instrument Handbook available through theStScI website. More generally, we can say that the PSF for star images shouldbe a known and slowly changing function of position on the frame, and should be
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Fig. 1.64. Left panel: A segment of a single exposure in the �eld of globular clusterNGC 2419, taken with the HST (PC1 camera). Many star images are present, butthe frame is heavily contaminated by numerous cosmic-ray hits and bad pixels. Rightpanel: The same �eld after re-registering and combining 8 individual exposures thatwere sub-pixel-shifted. Only the stars and a few easily distinguished bad pixelsremain, on a much smoother background. Raw image data are taken from thestudy of Harris et al. (1997)Finding stars in an objective manner is a straightforward job in principle:look for objects whose brightest pixels stand clearly above the pixel-to-pixelscatter of the sky background (see Fig. 1.65). If we de�ne zs as the meansky brightness, and �s as the standard deviation of the sky pixels, then wecan set a detection threshold for real objects by looking for any pixels withintensities z > (zs + k � �s) for some threshold parameter k. Thresholds inthe range k ' 3:5� 4:0 are normal for faint stellar photometry; one can tryto go lower, but choices k <� 3 inevitably lead to lots of false detections andserious contamination problems (see below).The sky characteristics (zs; �s) are local quantities which may di�er stronglyacross the image �eld. The all-important noise parameter �s, which directly�xes the faint limit of your photometry, is governed by (a) the raw sky bright-ness zs through simple photon statistics (are you working in the wings of alarge galaxy or nebula which covers much of the frame?); (b) the `lumpiness'of the sky (are you working in a crowded �eld, or trying to �nd stars withina patchy nebula or a spiral arm of a distant galaxy?); (c) bad pixels andcosmic rays, if you were unable to remove those; (d) instrumental noise suchas readout noise and dark current; (e) additional noise introduced in the pre-independent of brightness as long as the detector is linear. Neither of these state-ments will be true for nonstellar objects such as galaxies, whose pro�le shapescover an enormously broader parameter space.



1 Globular Cluster Systems 163processing, such as 
at-�elding (did your 
at-�eld exposures have inadequatesignal in them compared with the target exposures?).The principles of simple aperture photometry will illustrate several of thebasic limits inherent in photometric measurement. Suppose that we have astar located on a grid of pixels, as in Fig. 1.66, and that its intensity pro�le isgiven by the matrix z(x; y). As before, denote the local sky and backgroundnoise as (zs; �s). Suppose we now surround the star with a circular measuringaperture of radius r, which will then contain npx pixels approximately givenby npx ' �r2. (The �nite pixellation of the image means that the idealcircular aperture boundary becomes a jagged line enclosing only whole pixels.In some photometry codes including DAOPHOT, second-order correctionsare made to round o� the boundary by adding fractional amounts of lightfrom pixels along the rim of the circle.) Now letN? = number of collected e� from the star imageNs = number of collected e� from the sky background light in the aper-tureI = variance per pixel (in e�) of the instrumental noise (including readoutnoise, dark current, quantization noise, and perhaps other factors).These three quantities are normally uncorrelated, so we can add their vari-ances to obtain the total variance of the random noise in the aperture. Thesignal-to-noise ratio of the measurement is thenSN = N?pN? +Ns + npxI (1.66)This ratio represents the internal uncertainty in the measured brightness ofthe star. The instrumental magnitude of the star (for example, in the V �lter)is normally expressed asvinst � �2:5 log (N?=t) + constwhere t is the exposure time and thus N?=t � r? is the \count rate" (e�per second) from the star. The last term is an arbitrary constant. The in-strumental magnitudes can be transformed to standard V magnitudes bymeasurements of photometric standard stars with known magnitudes andcolors, taken during the same sequence of observations as the program expo-sures. For a thorough outline of precepts for standard-star transformations,see Harris et al. (1981).What governs each of the factors in the uncertainty?� N? is proportional to the photon collection rate r? from the star; the ex-posure time t; and the detection e�ciency Q (conversion ratio of incidentphotons to stored electrons, characteristic of the detector). In turn, r? isproportional to the brightness of the star b? and the telescope aperturesize D2 (the collecting area).
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Fig. 1.65. (a) Pro�le for two bright stars on a CCD frame; these stand clearlyabove the sky background noise. (b) Pro�le for a much fainter star on the sameframe. This star is near the limit of detectability relative to the standard deviationof the sky background noise



1 Globular Cluster Systems 165� Ns is proportional to t, Q, D2, npx, and �s where �s is the sky brightness(number of photons per second per unit area). Also, we have npx � r2 ��2 where � denotes the star image size (FWHM). Smaller seeing diskscan be surrounded by smaller apertures, thus lowering the amount ofcontaminating skylight and improving the signal-to-noise.� I (instrumental noise per pixel) is approximately constant if dark currentis negligible; if dark current dominates, however, then I � t.

Fig. 1.66. CCD image of a bright star, surrounded by a digital `aperture' (whiteline). The aperture boundary follows the quantized pixels and is only an approxi-mation to a circle. Note three faint stars inside the aperture, which will contaminatethe measurement of the central bright starFor most broad-band imaging applications and modern low-noise CCDdetectors (which characteristically have I <� 5e�/px), the instrumental noiseis not important. (A notable exception is, again, HST/WFPC2 where thereadnoise npxI is roughly equal to the sky noise Ns even for full-orbit expo-sures and broad-band �lters.) In addition, we are usually interested in howwell we can do at the faint limit where N? � Ns. So the most interestinglimit of the S=N formula is the \sky-limited" case,SN ' N?pNs : (1.67)If we put in our scaling laws N? � b? tQD2 and Ns � �s tQD2�2, we obtain� SN �2 � b2? tQD2�2�s : (1.68)Clearly there are several ways we can achieve deeper photometric limits. Wecan:



166 W. E. Harris� Increase the exposure time.� Use a bigger telescope.� Find darker sky.� Improve the seeing quality.� Employ a better detector (lower noise or higher Q).The circumstances will determine which routes are possible at any given time.Modern optical CCD detectors have detection e�ciencies Q approaching 1,and readnoise levels I of only a few e�, so they can be \improved" sub-stantially only by making them in physically larger arrays or extending theirwavelength coverage. Much e�ort has been directed toward techniques forimproving image quality (seeing), either by space-based observations or byadaptive optics from the ground. It is important to note that better seeingyields other gains beyond the formal improvement in S=N : a narrower stellarpro�le will also reduce contamination from image crowding, and allow us tosee more detailed structure within nonstellar objects.The gains in limiting magnitude in astronomical photometry over thepast two decades have been spectacular (see Fig. 1.67): more than an orderof magnitude of depth was gained in the early 1980's with the appearance ofCCD detectors, which were � 100 times higher in quantum e�ciency thanphotographic plates. Another decade later, HST was able to reach anotherorder of magnitude deeper because of the jump in spatial resolution (FWHM' 0:001 as opposed to >� 0:005 from the ground) and the considerably darker skyas observed from space. Still further gains in the post-HST era will requirelarger apertures and longer exposure times.A useful illustration of the way the factors in (1.68) complement each otheris to compare two similar photometric experiments carried out in completelydi�erent eras. Recently, Harris et al. (1998b) used the HST cameras to resolvethe brightest old-halo RGB stars in a dwarf elliptical galaxy in the Virgocluster, at a distance of d ' 16 Mpc (see Fig. 1.68). Half a century earlier,Walter Baade (1944) achieved exactly the same thing for the Local Groupdwarf ellipticals NGC 185 and 205 (d = 0:8 Mpc), in a classic experimentwhich �rst showed that these galaxies were built of old-halo stars and werecompanions to M31. Baade used a total exposure time of 4 hours with thethen-new red-sensitized photographic plates, on the Mount Wilson 2.5-metertelescope. The seeing was probably � ' 100; the e�ciency Q of the emulsionis hard to guess but would certainly have been less than 1%. By comparison,the HST is a 2.4-meter telescope, the DQE of WFPC2 is Q ' 30%, the\seeing" is � = 0:001, and the total exposure on the Virgo dwarf was 9 hours.Both experiments measured stars of the same absolute magnitude, so therelative photon collection rate scales just as the inverse square of the distance,b? � d�2. Putting these factors into (1.68), we have as our comparison forthe two experimentsSN (Baade)SN (HST ) ' � 49 � 150�1=2 � 1� 120�2 � 10 � 101=2 ' 1:2 :
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Fig. 1.67. Three color-magnitude diagrams for the remote halo cluster NGC 2419,showing the gain in depth from increased DQE and spatial resolution. Left panel:CMD containing 547 stars (Racine & Harris 1975), obtained via photographic plateswith the Hale 5-m telescope. Center panel: CMD containing 1316 stars (Christian& Heasley 1988), obtained with CCD photometry from the CFHT. Right panel:CMD containing 17275 stars (Harris et al. 1997b), obtained with the WFPC2 CCDcamera on the Hubble Space Telescope. The total exposure times in all three caseswere similarThe photometric limits of both experiments turn out to be similar { both ofthem reach just about one magnitude below the RGB tip of their respectivetarget galaxies, just as the quantitative comparison would predict. The dis-tance ratio is obviously the biggest factor in the equation; it makes the sametypes of stars in the Virgo dwarf 400 times fainter in apparent brightnessthan those in the Local Group ellipticals.1.10.3 Aperture and PSF MeasurementWe have already discussed the initial process of determining the sky back-ground noise �s and �nding stars across the �eld. Now we need to decide howto measure them. Most of all, this decision depends on whether the frame iscrowded or uncrowded. Suppose the picture has a total area of A pixels andthere are n detected objects, so that the average area per object is ' A=n px.A useful guideline is that if (A=n)>� � (4FWHM)2 ' 50 (FWHM)2, thenthe image is not very crowded in absolute terms.For uncrowded images, straightforward aperture photometry (Fig. 1.66)will work well, and is conceptually the simplest measurement technique. Tounderstand the empirical image pro�le, it will help to take several brightstars and plot up the curve of growth { i.e., the apparent magnitude of thestar as a function of aperture radius { to �nd out how large an apertureone needs to enclose virtually all the light of the star. Choose a radius rmax
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Fig. 1.68. HST image in the I�band of the Virgo dwarf elliptical VCC 1104, fromHarris et al. (1998b). Almost one magnitude of the galaxy's old red giant branch isclearly resolvedwhich contains, e.g., >� 97% of the asymptotic total, but which is not so largethat sky noise starts to a�ect the internal uncertainty. This is the best aper-ture size to use for calibration purposes, since it will be una�ected by minordi�erences in seeing (which a�ects the core image structure) from place toplace on the frame, or between frames taken at di�erent times during thesame observing session. We measure known standard stars on other framesthrough the same aperture and thus de�ne the transformation between the\instrumental" magnitude scale v into true magnitude V .However, to compare the relative magnitudes of all the stars on one frame,both bright and faint, we should instead choose an aperture radius whichmaximizes S=N . For the bright stars where N? � Ns, we have (S=N) ' pN?and a large aperture is best. But the vast majority of the stars on the frame
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Fig. 1.69. De�nition of the optimum radius for aperture photometry. A faint-starimage pro�le superimposed on sky noise is shown, with its central few pixels extend-ing up past the detection threshold (dashed line). A small aperture (r1) contains toosmall a fraction of the star light to produce adequate S=N , while a large one (r2) isdominated by sky noise. The intermediate aperture r0 maximizes the signal-to-noiseratiowill be faint (N? � Ns), and for them we have (S=N) ' N?=pNs. Supposethe star intensity pro�le is given by I(r). ThenN? = Z r0 I(�) � 2� � d� (1.69)and thus the signal-to-noise scales asSN � 1r Z � I d� : (1.70)Once we know the pro�le shape I(r), we can solve (1.70) numerically to�nd the optimum radius r0. For a Gaussian pro�le, we have I(r) = I0exp(�r2=2�2) and the maximum S=N occurs for an intermediate radiusr0 ' 1:6� '0.67 FWHM (see Pritchet & Kline 1981). Essentially, this op-timum radius is big enough to include most of the starlight, but not so bigthat a large amount of sky background intrudes to dominate the scatter. Thepoint is illustrated in Figure 1.69.Once you have all the magnitudes measured through the optimum radiusr0, the brighter stars can be used to �nd the mean correction from r0 to rmax,so that the whole list is then calibrated.



170 W. E. HarrisFor crowded images, we have to plunge all the way into the moreformidable job of pro�le �tting. One good approach is to use the bright starswith high S=N to de�ne the PSF shape empirically. (Pure analytic approxi-mations to the PSF, such as Gaussians or Mo�at pro�les, can also be e�ectiveand may work in situations where empirical PSFs are di�cult to derive.) Ifthe shape parameters (FWHM, noncircularity, orientation) depend on loca-tion (x; y) in the frame, then typically a few dozen stars spread evenly overthe frame will be needed to map it out; the more the better. Once you havede�ned the PSF, then try to �t it to each object in the detection list. For eachstar there are at least four adjustable parameters: the object center (xc; yc),the brightness scale factor A, and the predicted local sky level zs(xc; yc) atthe object center. To test the quality of the result, subtract o� the �ttedPSF at each star and look for anomalous or distorted residuals. In practice,any one star image will overlap to varying degrees with the wings of all itsneighbors, so that the full-blown solution actually requires a simultaneousand highly nonlinear �t of the PSF model to all the stars at once.The �tted quantity we are most interested in is the scale factor A (unlesswe are doing astrometry!). Fortunately, the exact form of the model PSFdoes not have a major e�ect on A, since both faint and bright stars havethe same pro�le shape and we only need to know their relative brightnessscale factors. A more accurate PSF will, however, allow you to do a betterjob of subtracting out neighboring stars that are crowding your target star,so it is worth spending time to get the best possible PSF. For very crowded�elds, de�ning the PSF itself is an iterative and sometimes painful business:one must make a �rst rough PSF, use that to subtract out the neighboringobjects around the stars that de�ned the PSF, then get a cleaner PSF fromthem and repeat the steps. Finding stars, too, is an iterative process; afterthe �rst pass of PSF �tting and subtraction, additional faint stars are oftenfound that were hiding in the wings of the brighter ones or somehow lost inthe �rst pass. These should be added to the starlist and the solution repeated.The ability to �t and subtract stars from the frame is one of the mostpowerful and helpful features of digital photometry. For example, it can beused even to improve simple aperture photometry, by \cleaning" the areaaround each measured star even if it is not severely crowded in absoluteterms (see, e.g., Stetson 1990; Cool et al. 1996). Nevertheless, in extremesituations the practice of PSF-�tting photometry may take a great deal ofthe photometrist's time and thought. The best work is still something of anart.All the basic steps discussed above can be turned into automated algo-rithms, and several 
exible and powerful codes of this type are available inthe literature (DAOPHOT, DoPHOT, Romafot, and others; see Stetson 1987,1994; Stetson et al. 1990; Schechter et al. 1993; Buonanno & Iannicola 1989;Mighell & Rich 1995). These papers, as well as other sources such as Stet-



1 Globular Cluster Systems 171son's DAOPHOT manual, supply more advanced discussions of the processof CCD stellar photometry.1.10.4 Testing the DataIf stars can be subtracted from the frame, they can also be added. That is,we can put arti�cial stars (scaled PSFs) into the image at arbitrarily chosenbrightnesses and locations, and then detect and measure these simulatedobjects in the same way that we did the real stars. Since these added starsare built from the actual PSF, and are put onto the real sky background,they resemble the real stars quite closely. The huge advantage is that weknow beforehand just how bright they are and exactly where we put them.The ability to create simulated images that resemble the real ones in almostevery respect is a powerful way to test the data and understand quantitativelyour measurement uncertainties and systematic errors.Three extremely important results emerge from the analysis of simulatedimages:� We can determine the completeness of detection f(m): that is, we can�nd out what fraction of the arti�cially added stars were picked up inthe normal object-�nding process, as a function of magnitude m.� We can determine any systematic bias �(m) in the measured magnitudes,again as a function of magnitude.� We can determine the random uncertainty �(m) in the measured magni-tudes. Here �(m), in magnitude units, is related to our earlier S=N ratioapproximately by � ' 2:5 log�1 + 1(S=N)� :The bright stars are easy to deal with: they will almost all be found (f ' 1),and measured without bias (� ' 0) and with low random uncertainty (� !0). The real problems show up at the opposite end of the scale:First, at progressively fainter levels, more and more stars fall below thethreshold of detection and the completeness fraction f becomes small. At the50% completeness level, the brightest pixel in the object is nominally just atthe detection threshold, so it has an equal chance of falling above or belowit depending on photon statistics from both the star and the sky it is sittingon. Fainter stars would nominally never have a bright enough pixel to sitabove threshold, but they will be found (though with lower probability) ifthey happen to fall on a brighter than average patch of sky pixels. Similarly,a star just a little brighter than the nominal threshold can be missed if itslocal sky level is lower than average. Thus in practice, the transition fromf ' 1 to f ' 0 is a smooth declining curve (see Fig. 1.70). A simple analytic



172 W. E. Harrisfunction due to C. Pritchet which accurately matches most real f(m) curvesis f = 12  1 � a(m�m0)p1 + a2(m�m0)2! (1.71)where the two free parameters are m0 (the magnitude at which f is exactly1=2) and a (which governs the slope; higher values of a correspond to steeperdownturns). Completeness also depends signi�cantly on the degree of crowd-ing, and the intensity level of the sky; that is, it is a lot harder to �nd objectsin extreme crowding conditions, or on a noisier background.Second, the systematic bias �(m) starts to grow dramatically at faintermagnitudes, primarily because the fainter stars will be found more easily ifthey are sitting on brighter patches of background, which produces a mea-sured magnitude brighter than it should be. See Fig. 1.71, and notice that�(m) rises exponentially as we go fainter than the 50% completeness level.Third, the random uncertainty in the measured magnitude increases atfainter levels as the signal declines toward zero and the surrounding noisedominates more and more. Under a wide range of practical conditions, it canbe shown that the 50% completeness level corresponds to a typical uncer-tainty � � 0:2 mag or S=N � 5 (see Harris 1990a).Examples of all three of these e�ects are illustrated in Figs. 1.70, 1.71,and 1.72. The messages from these simulation studies are clear. All aspects ofyour data will become seriously unreliable below the crossing point of � 50%completeness, and you need to know where that point is. Do not be temptedto believe any interesting features of your data that you think you see at stillfainter levels; and above all, do not publish them!1.10.5 Dealing With Nonstellar ObjectsIn most photometry projects, it is extremely helpful to be able to separateout starlike objects from nonstellar things. The former will include true stars,and also other objects that you may be trying to �nd in distant galaxies suchas faint globular clusters, HII regions, galactic nuclei, and so on. The lattercategory will include anything that does not match the stellar PSF: small,faint background galaxies, resolved nebulae and clusters, unresolved clumpsof stars, or even artifacts on the image.A variety of algorithms can be constructed to classify the objects that you�nd on the image. The rather restricted question we ask during the processof stellar photometry is: how well does the PSF �t a given object? We nowreplace it by a subtly di�erent and more general one: what parameters can weconstruct to maximize the di�erence between starlike and nonstellar objects?.And since the range of parameter space occupied by nonstellar objects ismuch larger than for starlike ones, the \best" answer may depend on thesituation.
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Fig. 1.70. Completeness of detection f , plotted as a function of magnitude, for im-ages taken with the HST WFPC2 camera. Data are from the I�band photometryof the Virgo dwarf elliptical shown in Fig. 1.68. The di�erent symbols representthree di�erent regions of the WF2 frame: open and starred symbols are from rela-tively uncrowded areas, whereas the solid dots are from areas closest to the galaxycenter and thus most a�ected by crowding. The plotted points are binned means ofseveral thousand arti�cial stars spread over all magnitudes. The model line is thePritchet interpolation function de�ned in the text, with parameters m0 = 27:36and a = 2:37. Typically, f declines smoothly from nearly unity to nearly zero overroughly a one-magnitude run of image brightnessThe answer to this question generally depends on using the fact thatnonstellar objects have more extended contours and radial shapes than thestarlike objects on the image. To quantify the characteristic \size" or extent ofthe object, let us de�ne a general radial image moment which is constructedfrom the pixels within the object (e.g., Tyson & Jarvis 1979; Kron 1980;Harris et al. 1991):rn = �P rni � ziP zi �1=n (1.72)Here zi is the intensity of the ith pixel above sky background; ri is theradial distance of each pixel from the center of the object; and there arei = (1; : : : ; N) pixels in the image brighter than some chosen threshold. Theobject can have any arbitrary shape, so that the sum is simply taken over
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Fig. 1.71. Systematic measurement bias, de�ned as � = m(input) �m(measured),plotted against magnitude. Data are from the same sample as in the previous �gure.The 50% detection completeness level is marked with the dashed line, while the solidcurve shows an exponential function in magnitude �tted to the data pointsall the connected pixels making up the object rather than within any �xedaperture. Clearly, rn represents a characteristic radius for the object in pixelunits, calculated from the nth radial moment of the intensity distribution.Nonstellar objects (as well as some random clumps of noise) will have largerwings and asymmetric shapes, and thus have larger rn values than stars doat the same total brightness. A simple plot of rn against magnitude thene�ectively separates out the stars from other types of objects.The choice of weighting exponent n is usually not crucial: positive n�valueswill weight the more extended wings of nonstellar objects more highly, whilenegative n gives more weight to the sharper cores of starlike objects. Thesimplest nontrivial moment, r1, turns out in most situations to work wellat separating out a high fraction of the distinguishable nonstellar images(cf. Harris et al. 1991). Other types of moments can be constructed that aresensitive to (for example) image asymmetry, or are linear combinations ofvarious radial and nonradial moments (e.g., Jarvis & Tyson 1981; Valdes etal. 1983).Though these quantities can be e�ective at picking out nonstellar objects,they are also good at �nding crowded stars which one may not want to elim-
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Fig. 1.72. Random measurement error �(m), de�ned as the root mean squarescatter of the magnitude di�erences (input � measured). Data are from the samesample as in the previous �gures. The 50% detection completeness level is markedwith the dashed lineinate. Choose what works best for your situation. In some cases, it is impor-tant to distinguish between crowded pairs of objects (star/star, star/galaxy,galaxy/galaxy) and single galaxies with complex, lumpy structures; develop-ing an unbiased algorithm to separate out these cases is a nontrivial exercise(e.g., Jarvis & Tyson 1981; Bertin & Arnouts 1996).A simple example of one of these diagnostic graphs is shown in Fig. 1.73.The datapoints in the �gure represent a mixture of small nonstellar objects(the points falling above the dashed line, which are mostly faint backgroundgalaxies) and starlike objects (the points below the dashed line, which aremostly foreground stars and globular clusters belonging to the target galaxyIC 4051). Clearly, the great majority of the nonstellar objects can be sep-arated out cleanly. (Note in this example that all the starlike objects donot have the same characteristic \size" r1; instead, r1 decreases for fainterobjects. This is because the moment sum de�ning rn is taken only over allpixels above a certain threshold, so that the fainter objects have fewer in-cluded pixels and smaller characteristic moments. For this reason, the pointsat the faint end (lower right corner of the �gure) fall rather noticeably intoquantized groups which represent the small numbers of pixels de�ning the
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Fig. 1.73. Image structure diagnostic graph for a sample of measurements takenfrom deep HST/WFPC2 exposures of the remote elliptical galaxy IC 4051 (adaptedfrom Woodworth & Harris 1999). The radial image moment r1 de�ned in (1.72) isplotted against V magnitude for ' 4500 objects measured on the WF2,3,4 CCD�eldsintensity sum. Also, the V magnitude against which the radial moment isplotted is actually not a true �xed-aperture magnitude, but is instead some-thing resembling an \isophotal" magnitude de�ned from the intensity sum ofall pixels brighter than the threshold used in the calculation of r1. That is,we have V = const �2:5 log (P zi). See Harris et al. (1991) for additionaldiscussion.)It should be stressed that the image moment quantities described hereare used only for classi�cation purposes and not for actual measurement ofthe total magnitudes and colors (see below). Thus, they can be de�ned inwhatever way will maximize the di�erence between stellar and nonstellarobjects. Once they have served their purpose of separating out the two kindsof objects, they can be put aside.



1 Globular Cluster Systems 177The last stage of the classi�cation process is to draw appropriate bound-ary lines between stellar and nonstellar regions of your chosen diagnosticdiagram, and extract the unwanted ones from your object lists. In the sim-ple case de�ned above, we would use the single diagram of r1 versus totalmagnitude and de�ne one empirical boundary line (shown in Fig. 1.73). Butin principle, we could simultaneously use many more parameters, such asthe aperture growth curve, peak intensity, and nonradial moments. Bertin& Arnouts (1996) nicely describe this step as mapping out the frontier be-tween stellar and nonstellar objects in the multi-dimensional parameter space.Where to de�ne the boundary of the frontier is always a matter of judgement,and arti�cial-star tests can be extremely helpful here for deciding where toplace it. The codes of Valdes et al. (1983) and Bertin & Arnouts (1996) com-bine several image parameters in a manner equivalent to a neural network,and employ simulated images as training sets for the neural net.At the faint end of the photometry, random noise eventually overwhelmsthe ability of even the most advanced decision-making algorithms to discrimi-nate between stellar and nonstellar objects. Nevertheless, image classi�cationis worth doing. The eventual payo� is that the contamination \noise" in yourselected sample of objects can be tremendously reduced, and in some casesit is critical to the ability to de�ne the sample at all.In addition, the noise for one experiment can literally be the signal foranother: for example, in a deep high-latitude �eld we might want to studythe population of faint galaxies, in which case the foreground stars would bethe contaminants. But if we want to study the Milky Way halo stars, exactlythe opposite is true.Measuring the total magnitudes of nonstellar objects correctly and con-sistently is a nontrivial job with a whole new set of special problems: unlikestellar images, there is no \PSF" to refer to, and the parameter space ofimage properties is vastly larger. One defensible and widely applicable ap-proach is to measure the total magnitude within an aperture which enclosessome large fraction (say 90%) of the object's asymptotic total 
ux, while notbecoming so large that the enclosed light is too sensitive to sky noise. Sinceno two nonstellar objects have the same shape, this optimum aperture willhave a di�erent numerical value for each object and must be determined foreach one. Under fairly general conditions, the �rst-order radial moment r1de�ned above is nearly equal to the half-light radius of a faint galaxy; a ra-dius 2r1 turns out to enclose ' 90% of the total light and gives a reasonablechoice for the optimum aperture magnitude. For detailed discussions of thismethod, see, for example, Kron (1980); Infante (1987); Infante & Pritchet(1992); Bershady et al. (1994); Bertin & Arnouts (1996); or Secker & Harris(1997), among others. Readers can refer to these same papers for an entry tothe extensive literature on this subject.
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